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ABSTRACT

The early evolution of the magnetic field and angular momentum of newly formed protostars are studied, using
three-dimensional resistiveMHD nested grid simulations. Starting with a Bonnor-Ebert isothermal cloud rotating in a
uniformmagnetic field, we calculate the cloud evolution from the molecular cloud core (nc ’ 104 cm�3 and r ¼ 4:6 ;
105 AU, where nc and r are the central density and radius, respectively) to the stellar core (nc ’ 1022 cm�3; r � 1 R�).
The magnetic field strengths at the centers of clouds with the same initial angular momentum but different magnetic
field strengths converge to a certain value as the clouds collapse for ncP1012 cm�3. For 1012 cm�3P ncP1016 cm�3,
ohmic dissipation largely removes the magnetic field from a collapsing cloud core, and themagnetic field lines, which
are strongly twisted for ncP1012 cm�3, are decollimated. The magnetic field lines are twisted and amplified again for
nck1016 cm�3, because the magnetic field is recoupled with warm gas. Finally, protostars at their formation epoch
(nc ’ 1021 cm�3) havemagnetic fields of�0.1Y1 kG, which is comparable to observations. Themagnetic field strength
of a protostar depends slightly on the angular momentum of the host cloud. A protostar formed from a slowly rotating
cloud core has a stronger magnetic field. The evolution of the angular momentum is closely related to the evolution of
the magnetic field. The angular momentum in a collapsing cloud is removed by magnetic effects such as magnetic
braking, outflow, and jets. The formed protostars have rotation periods of 0.1Y2 days at their formation epoch, which
is slightly shorter than observations. This indicates that a further removal mechanism for the angularmomentum, such
as interactions between the protostar and the disk, wind, or jets, is important in the further evolution of protostars.

Subject headinggs: ISM: clouds — ISM: magnetic fields — MHD — stars: formation — stars: rotation

1. INTRODUCTION

The Lorentz and centrifugal forces play important roles in the
star formation process. While gravity and thermal pressure are
isotropic forces, the Lorentz and centrifugal forces are aniso-
tropic forces and are closely related to disk formation, outflow,
and jets in collapsing clouds. Molecular clouds have �2% rota-
tional energy against gravitational energy (Goodman et al. 1993;
Caselli et al. 2002), while the magnetic energy is comparable to
the gravitational energy (Crutcher 1999). By considering the con-
servation of magnetic flux and angular velocity, it is seen that the
rotation and magnetic field in a cloud gradually increase as the
cloud collapses. However, the magnetic field strength and angu-
lar velocity of observed protostars indicate that neither the mag-
netic flux nor the angular momentum are conserved in collapsing
clouds. In general, these anomalies are called the ‘‘magnetic flux
problem’’ and the ‘‘angular momentum problem.’’ The former
problem refers to the fact that the magnetic flux of a molecular
cloud is much larger than that of a protostar with an equivalent
mass. The latter problem is that the specific angular momentum
of amolecular cloud ismuch larger than that of a protostar. These
problems imply that there must be mechanisms removing mag-
netic flux and angular momentum from a cloud core. In a collaps-
ing cloud, these two problems are mutually related. Namely, the
angular momentum is removed bymagnetic effects (i.e., magnetic
braking, outflow, and jets), while the magnetic field is amplified
by the shearingmotion caused by cloud rotation. Hence, the mag-
netic field and rotation cannot be treated independently in con-
sidering the magnetic flux and angular momentum problems. In
addition, it is difficult to treat the evolution of the magnetic field

and rotation analytically, since the density (n � 104 cm�3) and
scale (R � 104 AU) of molecular clouds are very different from
those of protostars (n � 1022 cm�3; R � 1 R�). Therefore, nu-
merical simulation is needed to study the magnetic field and
rotation of protostars formed from molecular clouds.
Angularmomentum is removed from a collapsing cloud bymag-

netic braking and outflow, as shown by Basu & Mouschovias
(1994), Tomisaka (2002), and Machida et al. (2005b). Machida
et al. (2005b) found that about 70% of the total angular momen-
tum is removed from the collapsing cloud core in the isothermal
phase (nP1011 cm�3). Tomisaka (2002) shows that�99%of the
total angular momentum is transferred by outflow in the adia-
batic phase (1011 cm�3P nP1015 cm�3). Thus, previous studies
show that angular momentum is effectively transferred by mag-
netic effects. In contrast, there are relatively few studies of the
evolution and removal process of magnetic flux in collapsing cloud
cores, especially for high densities (nk1012 cm�3). Nakano et al.
(2002) analytically investigated the dissipation process of the
magnetic field in a collapsing cloud core and showed that it is
expected that the magnetic flux is largely removed from the
cloud core for 1012 cm�3P nP1016 cm�3.
To investigate the evolution of the magnetic field and rotation

(or the magnetic flux and angular momentum problems), it is nec-
essary to calculate the cloud evolution of a cloud from the mo-
lecular cloud core (n ’ 104 cm�3) to protostar formation (n �
1022 cm�3) while accounting for the magnetic field and rotation.
The evolution of a magnetized cloud up to a central density of
n ’ 1015 cm�3 has been investigated by Hosking &Whitworth
(2004), Ziegler (2005), Matsumoto & Tomisaka (2004), and
Machida et al. (2004, 2005a, 2005b). Tomisaka (2002) and
Banerjee & Pudritz (2006) calculated cloud evolution up until
the formation of a protostar (n �1021 cm�3) and showed that the
magnetic field plays important roles in the star formation process.
However, they adopted an ideal MHD approximation, which is
valid in low-density gas regions (nP1012 cm�3) but is not valid
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in high-density gas regions (nk1012 cm�3). A significant mag-
netic flux loss occurs for 1012 cm�3P nP1015 cm�3 due to ohmic
dissipation (Nakano et al. 2002), and hence these studies over-
estimate themagnetic flux in a collapsing cloud, especially in high-
density gas regions.

Following Machida et al. (2006a), we report detailed results
of three-dimensional nonideal MHD nested grid simulations. In
this paper, we calculate the cloud evolution from the cloud core
(nc ’ 104 cm�3; rc ¼ 4:6 ; 105 AU) to protostar formation (nc ’
1022 cm�3; rc ’ 1 R�) and discuss the magnetic field and angular
momentum of the formed protostar. The structure of the paper is
as follows. The frameworks of our models are given in x 2, and
the numerical method of our computations is shown in x 3. The
numerical results are presented in x 4. We discuss the magnetic
field and angular momentum of a protostar and compare our
results with observations in x 5.

2. MODEL

2.1. Basic Equations

To study the cloud evolution, we use the three-dimensional re-
sistiveMHDnested grid code.We solve the resistiveMHD equa-
tions, including self-gravity:

@�

@t
þ: = �vð Þ ¼ 0; ð1Þ

�
@v

@t
þ � v = :ð Þv ¼ �:P � 1

4�
B < : < Bð Þ � �:�; ð2Þ

@B

@t
¼ : < v < Bð Þ þ �92B; ð3Þ

9 2� ¼ 4�G�; ð4Þ

where �, v, P, B, �, and � denote the density, velocity, pressure,
magnetic flux density, resistivity, and gravitational potential, re-
spectively. The last term in equation (3) denotes the ohmic dis-
sipation. Although the dissipation term is expressed exactly by
�: < (�: < B), we simplify it as shown in equation (3). This
simplification allows us to reduce computational costs consider-
ably, and we can follow the collapse of the cloud up to the stages
of the stellar core formation. The deviation due to this simplifica-
tion is examined by test calculations of typical models; this sim-
plification does not affect evolution of the cloud considerably,
and the magnetic field strength deviates by a factor of 2 at most
at the central region.

To mimic the temperature evolution calculated by Masunaga
& Inutsuka (2000), we adopt the following piecewise polytropic
equation of state:
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wherecs;0¼190ms�1,�c ¼3:84 ;10�13 gcm�3 (ncri¼1011 cm�3),
�d ¼ 3:84 ; 10�8 g cm�3 (nd ¼ 1016 cm�3), and �e ¼ 3:84 ;
10�3 g cm�3 (ne ¼ 1021 cm�3). For convenience, we define the
‘‘protostar formation epoch’’ as that at which the central den-
sity reaches nc ¼ 1021 cm�3. We also call the period for which

nc < 1011 cm�3 the ‘‘isothermal phase,’’ the period for which
1011 cm�3 < nc < 1016 cm�3 the ‘‘adiabatic phase,’’ the period
for which 1016 cm�3 < nc < 1021 cm�3 the ‘‘second collapse
phase,’’ and the period for which nc > 1021 cm�3 the ‘‘proto-
stellar phase.’’ We therefore ignored the effect from heating by
ohmic resistivity, because we adopted a simple equation of state.
The plasma beta in the collapsing clouds maintains �p > 1 (see
x 4). Thus, even if all the magnetic field energy is converted into
thermal energy, the gas temperature increases by a factor of 2.
However, since the value of the plasma beta is �pk 10 in any
model when ohmic dissipation becomes effective (see x 4.1), we
can safely neglect the heating effect by ohmic resistivity.

In this paper, we adopt a spherical cloud with a critical Bonnor-
Ebert (Ebert 1955; Bonnor 1956) density profile, �BE, as the
initial condition. Initially, the cloud rotates rigidly with angular
velocity �0 around the z-axis and has a uniform magnetic field
B0 parallel to the z-axis (or rotation axis). To promote contrac-
tion, we increase the density by a factor f (density enhancement
factor) as

� rð Þ ¼
�BE rð Þ f for r < Rc;

�BE Rcð Þ f for r � Rc;

�
ð6Þ

where r and Rc denote the radius and the critical radius for a
Bonnor-Ebert sphere, respectively. We adopt density enhance-
ment factors of f ¼ 1:2 and 1.4 (see Table 1).3We assume a value
of �BE 0ð Þ ¼ f ; 3:841 ; 10�20 g cm�3, which corresponds to a
central number density of nc;0 ¼ f ; 104 cm�3. Thus, the critical
radius of a Bonnor-Ebert sphere, Rc ¼ 6:45cs;0 4�G�BE(0)½ ��1=2

,
corresponds to Rc ¼ 4:58 ; 104 AU for our settings. The initial
model is characterized by three nondimensional parameters: �,
!, and c�. The magnetic field strength and rotation rate are scaled
using a central density �0 ¼ �BE(0) f as

� ¼ B2
0

4��0c2s;0
; ð7Þ

! ¼ �0

4�G�0ð Þ1=2
: ð8Þ

The parameter c� represents the degree of resistivity (for details,
see x 2.2). We calculated 33 models by combining these param-
eters, which are listed in Table 1. Themodel parameters�,!, and
c�; the density enhancement factor, f ; the magnetic field, B0; the
angular velocity, �0; the total mass M inside the critical radius
(r < Rc); and the ratio of the thermal, rotational, and magnetic
energies to the gravitational energy, �0, �0, and �0, are summa-
rized in this table.4

2.2. Resistivity and Magnetic Reynolds Number

To describe a realistic evolution of the magnetic field in pro-
tostar formation, we should take into account the nonideal MHD
effects of weakly ionized molecular gas. The detailed physical
processes in the problem at hand have been studied by many au-
thors (e.g., Nakano et al. 2002 and references therein). In general,
the ambipolar diffusion is slow but important in the low-density

3 The density enhancement factor is related to the stability of the initial cloud.
The cloud is more unstable with larger values of f. Comparatively stable clouds
are considered in this paper. However, cloud evolution hardly depends on f (for
details see Machida et al. 2006b).

4 If we denote the thermal, rotational, magnetic, and gravitational energies
as U, K, M, and W, respectively, the relative factors against the gravitational
energy are defined as �0 ¼ U / Wj j, �0 ¼ K / Wj j, and �0 ¼ M / Wj j.
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phase, and ohmic dissipation dominates in the high-density phase.
In the intermediate-density phase, the Hall term effect can be
also important, depending on the size distribution of dust grains
(Wardle & Ng 1999). Note, however, that ohmic dissipation is
the most efficient mechanism for the dissipation of magnetic field
in the magnetically supercritical cloud core, and we are mainly
interested in this dynamically contracting gas. Therefore, we
model the dissipation of the magnetic field only by the effective
resistivity in the induction equation (eq. [3]). We quantitatively
estimate the resistivity � according to Nakano et al. (2002) and
assume that � is a function of density and temperature as

� ¼ 740

Xe

ffiffiffiffiffiffiffiffiffiffiffi
T

10 K

r
1� tanh

n

1015 cm�3

� �� �
cm2 s�1; ð9Þ

where T and n are the gas temperature and number density, re-
spectively, and Xe is the ionization degree of the gas, which goes
as

Xe ¼ 5:7 ; 10�4 n

cm�3

� ��1

: ð10Þ

We added the second term in the square bracket in equation (9) to
ensure the smooth decrease of the diffusivity at n ’ 1015 cm�3,
which means that ohmic dissipation becomes ineffective for n >
1015 cm�3. When the gas density reaches n ’ 1015 cm�3, the

temperature reaches T � 2000 K. Thus, the thermal ionization
of alkali metals reduces the resistivity, and the magnetic field is
coupled with the gas at nk1015 cm�3. We are using a barotropic
equation of state, and hence, the temperature is a function of the
density. Therefore, � can be expressed as a function of density, as
represented by the thick line in Figure 1. To take into account the
uncertainty of the effective resistivity, we parameterize the max-
imum value of �, keeping the shape of the function, and define
c� as

� ¼ c��0 �ð Þ; ð11Þ

where �0(�) is a function of the central density and corresponds
to the thick line in Figure 1. Here � corresponds to �0(�) when
c� ¼ 1. In this paper, we adopt values of c� ¼ 0, 10�3, 0.01, 0.1,
1, and 10, as listed in Table 1, to investigate the dependence on �
and hence the effect of ohmic dissipation. Since the second term
on the right-hand side of equation (3) vanishes in models with
c� ¼ 0, these models obey the ideal MHD approximation. In this
paper, we call models that have c� 6¼ 0 ‘‘nonidealMHDmodels’’
and models that have c� ¼ 0 ‘‘ideal MHD models.’’
We analytically estimate the magnetic Reynolds number for

models with different values of c� (Rem � vf kJ��1; Fig. 1, thin
lines), where vf � ½(4/3)�Gk2

J �c�1=2 is the free-fall velocity and
kJ � (�c2s /G�c)

1=2 is the Jeans length. Magnetic dissipation is ef-
fective for 2 ; 1012 cm�3P ncP 6 ; 1015 cm�3 in models with
c� ¼ 1 (thick solid line), which corresponds to the results of Nakano

TABLE 1

Model Parameters and Calculation Results

Model � ! c� f

B0

(�G)

�0

(s�1)

M

(M�) �0 �0 �0

Bf

( kG)

P

(days)

1................. 5 0 0 1.4 34 0 6.3 0.6 0 5.8 89.7 1
2................. 0.5 0 0 1.4 11 0 6.3 0.6 0 0.58 123 1
3................. 0.1 0 0 1.4 5.0 0 6.3 0.6 0 0.12 106 1
4................. 0.05 0 0 1.4 3.5 0 6.3 0.6 0 5.8 ; 10�2 102 1
5................. 0.01 0 0 1.4 1.6 0 6.3 0.6 0 1.2 ; 10�2 92.5 1
6................. 10�3 0 0 1.4 0.5 0 6.3 0.6 0 1.2 ; 10�3 88.9 1
7................. 0.01 10�3 0 1.4 1.6 2.1 ; 10�16 6.3 0.6 3.3 ; 10�6 1.2 ; 10�2 95.9 46.8

8................. 0.01 0.01 0 1.4 1.6 2.1 ; 10�15 6.3 0.6 3.3 ; 10�4 1.2 ; 10�2 67.3 5.68

9................. 0.01 0.05 0 1.4 1.6 1.1 ; 10�14 6.3 0.6 8.2 ; 10�3 1.2 ; 10�2 46.2 4.30

10............... 0.01 0.1 0 1.4 1.6 2.1 ; 10�14 6.3 0.6 3.3 ; 10�2 1.2 ; 10�2 43.7 2.47

11............... 0.01 0.15 0 1.4 1.6 3.1 ; 10�14 6.3 0.6 7.4 ; 10�2 1.2 ; 10�2 . . . . . .

12............... 0.01 0.01 0 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 42.7 4.79

13............... 0.01 0.01 10�3 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 2.74 3.99

14............... 0.01 0.01 0.01 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 0.93 3.89

15............... 0.01 0.01 0.1 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 0.64 3.77

16............... 0.01 0.01 1 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 0.11 3.68

17............... 0.01 0.01 10 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.2 ; 10�2 . . . . . .

18............... 0.01 10�4 0 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 60.9 271.1

19............... 0.01 10�4 10�3 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 41.7 81.2

20............... 0.01 10�4 0.01 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 13.2 72.6

21............... 0.01 10�4 0.1 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 2.81 102

22............... 0.01 10�4 1 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 0.68 109

23............... 0.01 10�4 10 1.2 1.4 2.0 ; 10�17 5.4 0.7 3.3 ; 10�8 1.3 ; 10�2 0.32 72.9

24............... 0.01 0 1 1.2 1.4 0 5.4 0.7 0 1.3 ; 10�2 0.51 1
25............... 0.01 0.001 1 1.2 1.4 2.0 ; 10�16 5.4 0.7 3.3 ; 10�6 1.3 ; 10�2 0.48 11.1

26............... 0.01 0.01 1 1.2 1.4 2.0 ; 10�15 5.4 0.7 3.3 ; 10�4 1.3 ; 10�2 0.11 4.21

27............... 0.01 0.03 1 1.2 1.4 5.9 ; 10�15 5.4 0.7 3.0 ; 10�3 1.3 ; 10�2 . . . . . .

28............... 0.01 0.1 1 1.2 1.4 2.0 ; 10�14 5.4 0.7 3.3 ; 10�2 1.3 ; 10�2 . . . . . .

29............... 1 0.01 1 1.4 16 2.1 ; 10�15 6.3 0.6 3.3 ; 10�4 1.2 0.89 5.56

30............... 1 0.01 0 1.4 16 2.1 ; 10�15 6.3 0.6 3.3 ; 10�4 1.2 36.1 59.9

31............... 1 0.05 1 1.4 16 1.3 ; 10�14 6.3 0.6 3.3 ; 10�4 1.2 0.30 5.38

32............... 1 0.05 0 1.4 16 1.3 ; 10�14 6.3 0.6 3.3 ; 10�4 1.2 28.4 12.0

33............... 0 0.01 . . . 1.4 0 2.1 ; 10�15 6.3 0.6 3.3 ; 10�4 1.2 . . . 4.86
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et al. (2002), while it is effective for 2 ; 1014 cm�3PnP2 ;
1015 cm�3 in models with c� ¼ 0:01. In contrast, at densities of
n � 1015 cm�3, for example, a mean free path of the main parti-
cles is about 1 cm. Thus, the (hydrodynamic) Reynolds number
is extremely large and themagnetic Prandtl number is correspond-
ingly small. Note that the viscous dissipation is important only at
the shock front and that we can safely neglect the effect of (hydro-
dynamic) viscosity in the calculation with our shock-capturing
numerical scheme.

3. NUMERICAL METHOD

We adopt the nested grid method (for details, see Machida
et al. 2005b, 2006b) to obtain high spatial resolution near the
center. Each level of a rectangular grid has the same number of
cells (64 ; 64 ; 32), although the cell width h(l ) depends on the
grid level l. The cell width is reduced by a factor of 1/2 as the grid
level increases by 1 (l ! l þ 1). We assume mirror symmetry
with respect to z ¼ 0. The highest level of a grid changes dy-
namically.We begin our calculations with four grid levels (l ¼ 1,
2, 3, and 4). The box size of the initial finest grid, l ¼ 4, is chosen
to be 2Rc, where Rc denotes the radius of the critical Bonnor-
Ebert sphere. The coarsest grid, l ¼ 1, therefore, has a box size
of 24Rc. A boundary condition is imposed at r ¼ 24Rc , such that
the magnetic field and ambient gas rotate at an angular velocity
of �0 (for details, see Matsumoto & Tomisaka 2004). A new
finer grid is generated whenever the minimum local value of kJ
becomes smaller than 8h(lmax). The maximum level of grids is
restricted to lmax ¼ 30. Since the density is highest in the finest
grid, the generation of a new grid ensures the Jeans condition
of Truelove et al. (1997) with a margin of safety factor of 2. We
adopted the hyperbolic divergenceB cleaningmethod of Dedner
et al. (2002).

4. RESULTS

Starting from the number density nc ¼ f ; 104 cm�3 ( f ¼ 1:2
or 1.4), we calculate the cloud evolution until a protostar is formed

(nc ’ 1022 cm�3). We assume that the initial clouds have mag-
netic fields of B0 ¼ 0Y34 �G and angular velocities of �0 ¼ 0Y
3:1 ; 10�14 s�1, as listed in Table 1. These values are comparable
with observedmagnetic fields (Crutcher 1999) and angular veloc-
ities (Goodman et al. 1993; Caselli et al. 2002) of molecular cloud
cores. Figure 2 shows the evolution of the magnetic fieldBc and
angular velocity �c at the centers of clouds for models 3, 8, 16,
22, and 23. The growth rates of the magnetic field for the non-
idealMHDmodels 16, 22, and 23 (c� 6¼ 0) are smaller than those
for the idealMHDmodels 3 and 8 (c� ¼ 0) for 1011 cm�3P ncP
1016 cm�3 (Fig. 2, top). This is because the magnetic field is ef-
fectively dissipated by ohmic dissipation for this phase. The
magnetic fields at the star formation epoch (nc ’ 1021 cm�3),Bf ,
are listed in Table 1. Models with c� ¼ 0 (ideal MHD models)
have magnetic fields of �100 kG (model 3: 106 kG; model 8:
67.3 kG), while models with c� 6¼ 0 (nonideal MHD models)
have magnetic fields of 0.1Y1 kG (model 16: 0.11 kG; model 22:
0.68 kG; model 23: 0.32 kG). The magnetic field strengths of
protostars observed from Zeeman broadening measurements are
�1 kG (Johns-Krull et al. 1999a, 1999b, 2001; Bouvier et al.
2007). Even though protostars in nonideal MHD models have
masses of only�10�3M� in our simulation, they have magnetic
field strengths equivalent to those of observed protostars. The mag-
netic field is considered to be amplified by the magnetorotational
instability (MRI; Balbus &Hawley 1991) and convection on the
surface of a protostar in the later phase of star formation. How-
ever, our results indicate that protostars already have magnetic
fields of �kG for nonideal MHD models at their formation ep-
och. On the other hand, when a protostar is formed, the magnetic
field for ideal MHDmodels reaches B � 100 kG, which is about
100 times larger than the magnetic field of observed protostars.

The rotation periods at the star formation epoch (nc ’
1021 cm�3), P, are listed in Table 1. Figure 2 shows the evolution
of the angular velocity, �c (left axis), and the rotation period, P
(right axis), at the centers of clouds. This figure shows that the
rotation period reaches P ¼ 1Y100 days at the protostar forma-
tion epoch (nc ¼ 1021 cm�3), even when the initial cloud has a
small angular velocity (2 ; 10�17 s�1). Many observations indi-
cate that protostars have rotation periods of P ¼ 0:6Y20 days

Fig. 2.—Evolution of the central magnetic field, Bc (top), and angular ve-
locity, �c (bottom), against the number density at the center of the cloud for
models 3, 8, 16, 22, and 23. The rotation periods P ¼ 2�/�c are also plotted on
the right-hand axis of the bottom panel.

Fig. 1.—Resistivity, � (left axis), and magnetic Reynolds number, Rem (right
axis), as a function of the number density. The resistivity estimated by Nakano
et al. (2002) is plotted as a thick solid line (c� ¼ 1), and the corresponding mag-
netic Reynolds number is plotted as a thin solid line. The magnetic Reynolds
number is analytically acquired by using the free-fall velocity vf and Jeans length
kJ estimated for the given density and resistivity as Rem � vf kJ��1. Resistivities
multiplied by factors of 0.001 (c� ¼ 0:001), 0.01 (c� ¼ 0:01), 0.1 (c� ¼ 0:1), and
10 (c� ¼ 10), and the corresponding magnetic Reynolds numbers, are also plotted.
Formodels with c� ¼ 1, themagnetic field is well coupledwith the gas in the ‘‘cou-
pled’’ region,while themagnetic field is decoupled from the gas in the ‘‘decoupled’’
region. Below the horizontal dashed line, which indicates Rem ¼ 1, ohmic dissipa-
tion is effective. Thus, in the shaded region (3 ; 1012 cm�3PnP5 ; 1015 cm�3),
the magnetic field is effectively dissipated by ohmic dissipation for c� ¼ 1.
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(e.g., Herbst et al. 2007). Thus, the rotation periods derived
from our calculation are roughly in agreement with those of ob-
served protostars. The angular momentum is considered to be
modified by interactions between the protostar and the proto-
planetary disk, jets, and outflow in the later phase of star forma-
tion. However, in our calculations, protostars at their formation
epoch have rotation rates that are of the same order of magnitude
as observations, as is the case for the magnetic field.

We show the evolution of the magnetic field in a collapsing
cloud in xx 4.1Y4.4 in detail. First we show in x 4.1 the cloud
evolution for ideal MHD models (c� ¼ 0) to simply investigate
the evolution of the magnetic field. The cloud evolution for non-
ideal MHD models (c� 6¼ 0) is shown in xx 4.2Y4.4.

4.1. Evolution of the Magnetic Field for Ideal MHD Models

4.1.1. Cloud Evolution with Different Parameters

Figure 3 shows the evolution of the magnetic field, Bc, nor-
malized by the square root of the density, �1=2c , in units of the
initial sound speed, cs;0, at the centers of clouds for ideal MHD
models (� ¼ 0). As shown in Machida et al. (2005b, 2006b), the
evolution of Bc /�

1=2
c depends on the mode of the cloud collapse:

spherical, vertical, or disklike collapse. When the cloud has a small
amount of rotational or magnetic energy, the cloud collapses al-
most spherically (spherical collapse). On the other hand, the cloud
collapses vertically along the rotation axis or magnetic field lines
(vertical collapse) when the cloud has a large amount of rotational
or magnetic energy. In either case, a thin disk finally forms around
the center of the cloud, and the cloud continues to collapse, keep-
ing a disklike structure (disklike collapse).We briefly summarize
the relation between the growth rate of the central magnetic field
and the cloud density (for details, see Machida et al. 2005b,
2006b). The magnetic field strength increases as Bc / �2=3

c in
weakly magnetized and slowly rotating clouds (spherical col-
lapse) because the cloud evolution is mainly controlled by ther-
mal pressure and gravity. The magnetic field remains constant
at Bc / �0c when the cloud is magnetized strongly or rotating
rapidly (vertical collapse), because the radial contraction of the
cloud is suppressed by the strong magnetic tension or centrifugal
force. After the disk formation, the magnetic field evolves as
Bc / �1=2c , and the Lorentz and centrifugal forces are balanced
with the thermal pressure gradient and gravitational forces in the
collapsing cloud (disklike collapse).5 For the isothermal phase
(ncP1011 cm�3), B/�1=2 at the center of a cloud converges to a
certain value (the magnetic fluxYspin relation; Machida et al.
2005b) when the cloud has a smaller rotational energy than the
magnetic energy at the initial state. Thus, the initial strength of
the magnetic field is not sensitive to the cloud evolution, espe-
cially for nc > 1011 cm�3, if the field strength is sufficiently strong.
Observations indicate that the magnetic energy is much larger
than the rotational energy in molecular cloud cores (Crutcher 1999;
Caselli et al. 2002). Thus, convergence to B/�1=2 is expected in
the collapsing region of real molecular clouds.

Figure 3 (top) shows the evolution of the magnetic field in
nonrotating clouds (! ¼ 0) that have different magnetic fields at
the initial stage (models 1, 2, 3, 4, 5, and 6). The magnetic field
of model 1 (B0 ¼ 34 �G) is about 70 times stronger than that of
model 6 (B0 ¼ 0:5 �G) at the initial stage. The figure shows that
the magnetic fields for all the models converge to certain values
(Bc /�1

=2
c

’ 1:8 [model 6] to 2.1 [model 1]) at the end of the iso-
thermal phase (nc ’ 1011 cm�3). The quantity Bc /�

1=2
c begins to

increase after the gas becomes adiabatic (nck1011 cm�3), because
the geometry of the collapse changes from disklike to spherical
for increasing thermal pressure. However, the clouds have almost
the samemagnetic field strengths for this epoch (nck1011 cm�3),
because the growth rates of the magnetic field are almost the
same for these models. The formed protostars have magnetic
fields of Bc ¼ 88:9Y123 kG at the protostar formation epoch
(nc ’ 1021 cm�3), as listed in Table 1. Thus, the formed proto-
stars have magnetic field strengths that differ by a factor of 1.4,
while cloud strengths differ by a factor of 70 at the initial stage.
As a result, protostars formed from initially nonrotating clouds
have almost the same magnetic field if ohmic dissipation is ig-
nored. As is shown in later sections (xx 4.2Y4.4), since both
cloud rotation and ohmic dissipation only decrease the magnetic
field strength of a formed protostar, a protostar at its formation
epoch cannot have a magnetic field exceeding Bc ’ 100 kG, as
derived from the nonrotating and ideal MHD models.
The growth rate of the magnetic field for clouds with the same

initial magnetic field depends on the cloud rotation, because the
geometry of the collapse depends not only on the magnetic field,
but also on the cloud rotation (Machida et al. 2005b, 2006b).
Figure 3 (bottom) shows the evolution of themagnetic field strength
normalized by the square root of the density, Bc /�

1=2
c , for ideal

MHD models (c� ¼ 0) with different initial angular velocities
and the same initial magnetic field strengths (Bc ¼ 1:6 �G). The
figure indicates that the growth rate of themagnetic field is smaller
for an initially rapidly rotating cloud. Note that the calculation
was stopped at nc ’ 1012 cm�3 in model 11, which had the larg-
est angular velocity at the initial state, because fragmentation oc-
curred. At the protostar formation epoch (nc ¼ 1021 cm�3), the
cloud with the initially slowest angular velocity (! ¼ 0:001;
model 7) had a magnetic field of Bc ¼ 95:9 kG, while the rapidly
rotating cloud with ! ¼ 0:1 (model 10) had a value of Bc ¼
43:7 kG (see Table 1). This is because the growth rate of the
magnetic field changes fromB / �2=3 toB / �1=2 at an earlier evo-
lutionary stage in more rapidly rotating clouds. Therefore, the mag-
netic field at the protostar formation epoch depends on the rotation
of the initial cloud.However, a slowly rotating cloud has amagnetic

Fig. 3.—Magnetic field, Bc, normalized by the square root of the density,
�1=2c , in units of the initial sound speed cs;0, plotted against the number density at
the center of the cloud for models 1Y6 (top) and 7Y11 (bottom).

5 In this paper, we use the terminology ‘‘disklike collapse’’ when the disk is
formed and the magnetic field increases as Bc / �1=2c at the center of the cloud.

MACHIDA, INUTSUKA, & MATSUMOTO1202 Vol. 670



field strength only twice that of a rapidly rotating cloud (see
models 7Y11 in Table 1).

4.1.2. Cloud Evolution of Typical Model

Figure 4 shows the cloud evolution from the initial state (nc ¼
1:2 ; 104 cm�3; Fig. 4a) to the protostar formation epoch (nc ¼
4:4 ; 1021 cm�3; Fig. 4f ) for model 12 with parameters� ¼ 0:01,

! ¼ 0:01, and c� ¼ 0. In this model, the magnetic field is well
coupled to the gas from the initial to the final stage because c� ¼ 0.
The initial cloud isweaklymagnetized (B0 ¼ 1:4�G) and rotating
slowly (�0 ¼ 2 ; 10�15 s�1). This cloud is classified as a magnetic
forceYdominant model by the criterion in Machida et al. (2005b,
2006b) because the ratio of the initial angular velocity �0 to the
magnetic field B0 is �0 /B0 ¼ 1:4 ;10�9 < 5:3 ; 10�9 � (�/B)cri.

Fig. 4.—Density (color scale) and velocity distribution (arrows) on the cross section in the z ¼ 0 plane (upper panels of each pair) and the y ¼ 0 plane (lower
panels) for model 12 [(�; !; c�) ¼ (0:01; 0:01; 0)]. Panels (aY f ) are snapshots at the stages (a) nc ¼ 1:2 ; 104 cm�3 (l ¼ 4; initial state), (b) 1:0 ; 109 cm�3 (l ¼ 9Y11;
isothermal phase), (c) 3:4 ; 1013 cm�3 (l ¼ 15Y16; adiabatic phase), (d ) 2:5 ; 1016 cm�3 (l ¼ 17Y20; second collapse phase), (e) 1:8 ; 1021 cm�3 (l ¼ 24Y25; proto-
stellar phase), and ( f ) 4:4 ; 1021 cm�3 (l ¼ 24Y25; calculation end), where l denotes the level of the subgrid. The dotted lines indicate the first core (white) and second
core (black), which are surrounded by the shock surfaces. The thick red lines indicate the border between the infalling and outflowing gas (vout � 0 km s�1). The level of
the subgrid is shown in the top left corner of each panel. The elapsed time, t, density at the center, nc, and arrow scale are denoted in each upper panel.
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Thus, the magnetic field affects the cloud evolution, while the
effect of cloud rotation is small (for details, see Machida et al.
2005b, 2006b). Figure 5 shows the magnetic field distribution
at the same epochs as the panels in Figure 4. As shown in Fig-
ures 4a and 4b, the central region gradually becomes oblate as
the cloud collapses, and a thin disk is formed in the isothermal phase
(ncP1011 cm�3). The magnetic field lines gradually converge
toward the center (Figs. 5b and 5c). This configuration of the
magnetic field lines is similar to that observed by Girart et al.
(2006). The thin solid lines in Figure 6 (left) show the evolution
of the magnetic field normalized by the square root of the den-
sity (Bc /�1

=2
c
; Fig. 6a) in units of the initial sound speed, cs;0; the

plasmabeta (�p � 8�c2s �/B
2; Fig. 6b)within the region� > 0:1�c;

and the specific angular momentum normalized by the mass (J /M 2;
Fig. 6c)within the region �> 0:1�c, in units of 4�G/cs;0, all against
the central density. Figures 6a and 6c show that both Bc /�1

=2
c

and
J /M 2 continue to increase in the isothermal phase (ncP1011 cm�3).
Thus, it is considered that the disk is formed by the Lorentz and
centrifugal forces, as shown in Figure 5c. The plasma beta has a
minimum of �p ’ 8 at the end of the isothermal phase (nc ’
1011Y1012 cm�3; Fig. 6b). Even after the gas around the center
of the cloud becomes adiabatic (nck1011 cm�3), the magnetic
field continues to be amplified (Fig. 6a). On the other hand, the
plasma beta remains at a level of �p ’ 10Y20 for nck1017 cm�3

in this model, after it decreases slightly for 1012 cm�3P ncP
1016 cm�3 due to an increase of the thermal energy.

When the gas reaches nc ’ 1011 cm�3, the central region be-
comes optically thick and the equation of state becomes hard, as
derived from the one-dimensional radiative hydrodynamic calcu-
lation (Masunaga & Inutsuka 2000). After the equation of state
becomes hard, a shock occurs and the first core is formed. The
first core is formed at nc � 1013 cm�3 in thismodel. The first core
is shown by the white dotted line in Figures 4c and 4d. (We plot
the position where the shock occurred on the z ¼ 0 plane in these
panels.) The first core has a mass of �0.012 M� and a radius of
�7 AU. The arrows in Figure 4d indicate that the radial compo-
nent of the velocity, vr, is dominant outside the first core, while
the azimuthal component of the velocity, v�, is comparable to the
radial component inside the first core on the z ¼ 0 plane. This is
because the large thermal pressure suppresses the cloud collapse
inside the first core, and thus the rotation timescale becomes
smaller than the collapse timescale. The lower panel of Figure 4d
shows that the outflow is driven from the first core.6 Outflow
appears when the central density reaches nc ’ 1015 cm�3. Out-
flow driven from the first core has also been shown by Tomisaka
(2002), Matsumoto & Tomisaka (2004), Machida et al. (2005a),
Banerjee & Pudritz (2006), and Fromang et al. (2006). As
shown in Figure 5d, the magnetic field lines begin to twist due
to the rotation of the first core. This outflow reaches �10 AU

Fig. 5.—Three-dimensional projections of Fig. 4. Panels (aY f ) have the same scale and epoch as panels (aY f ) of Fig. 4. The structure of the high-density region
(� > 0:1�c; red isodensity surface) and magnetic field lines (black-and-white streamlines) are plotted in each panel. The density contours ( false color and contour
lines) and velocity vectors (arrows) on the cross sections in the x ¼ 0, y ¼ 0, and z ¼ 0 planes are, respectively, projected on the sidewalls of the graphs. The grid level, l,
elapsed time, t, density at the center, nc, and grid scale are denoted in each panel.

6 We call the flow driven from the first core an ‘‘outflow’’ and the flow driven
from the second core a ‘‘jet.’’
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and has a maximum speed of �3 km s�1 at the end of the
calculation.

The specific angular momentum normalized by themass, J /M 2,
begins to decrease in the adiabatic phase. Matsumoto et al. (1997)
and Saigo & Tomisaka (2006) show that J /M 2 is constant after
it reaches a peak in unmagnetized clouds. Thus, the decrease of
J /M 2 is caused bymagnetic effects. Since no outflow appears be-
fore the first core formation, the decrease of J /M 2 for this phase
is caused by magnetic braking (Basu &Mouschovias 1994). Af-
ter the central density reaches nc ’ 1015 cm�3, J /M 2 decreases
more rapidly. This shows that the angular momentum is removed
not only by magnetic braking, but also by outflow in the adia-
batic phase. Tomisaka (1998) andMatsumoto&Tomisaka (2004)
show that outflow is an important mechanism for angular momen-
tum transfer.

The cloud collapses again inside the first core for 1016 cm�3P
ncP1021 cm�3 because of dissociation of molecular hydrogen
(i.e., the second collapse). Then the equation of state becomes
hard again and the second core (i.e., a protostar) is formed at nc ’
1021 cm�3 (Masunaga & Inutsuka 2000). Figure 4e shows the
structure near the protostar (the protostar or shocked region is
represented by the black dotted line). The gas around the proto-
star has a density range of 1017 cm�3P ncP1020 cm�3 and col-
lapses rapidly, because the equation of state is soft in this region
(see eq. [5]). Thus, the gas accretes onto the protostar with a high
speed of �10 km s�1. Since the rotation velocity is comparable
to the accretion velocity, themagnetic field lines are strongly twisted
(Fig. 5e). Figure 4f shows the structure around the protostar 215 hr

after the protostar formation epoch. The protostar has a mass of
2:1 ; 10�3 M� and a radius of 1.1 R� at this epoch. The disk sur-
rounding the protostar extends up to 3.9 R�, with 1:2 ; 10�4 M�.
A strong jet is driven from the protostar, as shown in the upper
panel of Figure 4f. The jet driven from the protostar is also shown
by Tomisaka (2002), Banerjee & Pudritz (2006), and Machida
et al. (2006a). The jet reaches 11 R� at the end of the calculation.
In this model, since the effect of ohmic dissipation is ignored
(c� ¼ 0), the magnetic field couples with the gas at all times.
Thus, the magnetic field around the protostar is strongly twisted
at the protostar formation epoch, as shown in Figure 5f. The cloud
evolution of model 12 is similar to that of Tomisaka (2002) and
Banerjee & Pudritz (2006), in which the evolution of a magne-
tized cloud in an ideal MHD regime is studied.

4.2. Evolution of Magnetic Field in Nonideal MHD Models

Figures 7 and 8 show the cloud evolution formodel 16.Model 16
has the samemagnetic field strength (� ¼ 0:01; B0 ¼ 1:4 �G) and
angular velocity (! ¼ 0:01; �0 ¼ 1:4 ; 10�14 s�1) as model 12
(Figs. 4 and 5) at the initial state. However, model 16 has c� ¼ 1,
which means that the magnetic field is dissipated by ohmic dissi-
pation in a collapsing cloud (nonidealMHDmodel), whereas the
effect of ohmic dissipation is ignored in model 12 (c� ¼ 0; ideal
MHD model). In model 16, the magnetic Reynolds number is
Rem < 1 for 2 ; 1012 cm�3P ncP 6 ; 1015 cm�3 (Fig. 1). Thus,
the cloud evolution of models 12 and 16 are almost the same for
ncT1012 cm�3, because ohmic dissipation is not effective for
this early phase even inmodel 16. Themagnetic field normalized

Fig. 6.—Evolution of models with different diffusivity, �. (a, d ) Magnetic field, Bzc, normalized by the square root of the density, �1=2c , in units of the initial sound
speed cs;0, against number density at the center of the cloud for (a) models 12Y17 and (d ) models 18Y23. (b, e) Plasma beta, 8�c2s �/B

2, within the region � > 0:1�c, for
the same models as in (a) and (d ). (c, f ) Specific angular momentum, J/M2, in units of 4�G/cs;0, within � > 0:1�c, for the same models as in (a) and (d ). The circle
indicates the fragmentation epoch.
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by the square root of the density, B/�1=2, the plasma beta, �p, and
the specific angular momentum normalized by mass, J /M 2, in
model 16 (Figs. 6aY6c, thick solid lines) are identical to those in
model 12 (Figs. 6aY6c, thin solid lines) for ncP1011 cm�3. Thus,
Figures 7 and 8 show the cloud evolution for model 16 only
after the first core is formed.

The first core is formed at nc ’ 1013 cm�3 for model 16, as for
model 12. Figures 7a and 4c show that the first cores in mod-
els 12 and 16 have almost the same shape and size. The first core

has a mass of 0.012 M� and a radius of 7 AU in model 16. As
shown in Figure 8a, the poloidal component of themagnetic field
is dominant at the first core formation epoch (nc ’ 1013 cm�3).
After the formation of the first core, the magnetic field lines
begin to be twisted (Fig. 8b).
The outflow from the first core is shown in the lower panel of

Figure 7c (thick red lines). Outflow appears 22 yr after the first
core formation epoch inmodel 16 (nc ’ 1017 cm�3), while outflow
appears 2.6 yr after the first core formation epoch (nc ’ 1015 cm�3)

Fig. 7.—Same as Fig. 4, but for model 16. Panels (aY f ) are snapshots at the stages (a) nc ¼ 4:9 ; 1013 cm�3 (l ¼ 15Y16), (b) 2:7 ; 1016 cm�3 (l ¼ 17Y20),
(c) 3:4 ; 1017 cm�3 (l ¼ 19Y21), (d ) 6:0 ; 1018 cm�3 (l ¼ 20Y23), (e) 8:1 ; 1019 cm�3 (l ¼ 21Y25), and ( f ) 1:3 ; 1020 cm�3 (l ¼ 24Y25), where l denotes the level of
the subgrid. The dotted lines indicate the first core (white) and second core (black), which are surrounded by the shock surfaces. The thick red lines indicate the border
between the infalling and outflowing gas (vout � 0 km s�1). The level of the subgrid is shown in the top left corner of each panel. The elapsed time, t, density at the center,
nc, and arrow scale are denoted in each upper panel.
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in model 12. In model 16, the outflow has a maximum speed of
�2 km s�1 and reaches �1 AU at the end of the calculation.
Figures 7c and 4d show that the outflow in model 16 is smaller
and slower than that in model 12. The outflow is mainly driven by
the Lorentz force outside the first core. Themagnetic field is weak
and barely twisted around the first core in model 16, because the
magnetic field in this region is dissipated by ohmic dissipation.
Thus, outflow in nonideal MHD models (model 16) is weaker
than that in ideal MHD models (model 12). We will further
discuss the driving mechanism of outflow and jets in a compan-
ion paper.

Figure 6a shows that the magnetic field inmodel 16 (thick solid
line) is largely removed from the central region for 1012 cm�3P
ncP1016 cm�3. The plasma beta in model 16 increases from
�p ’ 10 to’2 ; 105 for the same epoch (Fig. 6b). In Figure 8c,
the magnetic field lines are strongly twisted near the center
of the cloud, while they are barely twisted away from the center of
the cloud. This implies that the neutral gas is well coupledwith the
magnetic field, and themagnetic field lines rotate with the neutral
gas near the center because ohmic dissipation is ineffective.When
the gas density reaches nc ’ 1016 cm�3, the temperature reaches
T � 2000 K. Thus, the thermal ionization of alkali metals re-
duces the resistivity and ohmic dissipation becomes ineffective.
As a result, the magnetic field is coupled with the gas and am-
plified again for nck1016 cm�3. On the other hand, the neutral
gas is decoupled from the magnetic field in the region away from
the center, and the magnetic field lines slip through the neutral
gas and rotate freely because this region has a density range of

1011 cm�3P ncP1015 cm�3 (Fig. 7c, lower panel ) and mag-
netic dissipation is effective. Thus, the magnetic field lines that
are strongly twisted in the earlier phase (ncT1012 cm�3) are
decollimated and relaxed by the magnetic tension force. Note
that the magnetic field lines do not disappear, even with ohmic
dissipation. In our settings, it is assumed that the magnetic field
has a vertical component, Bz, in the initial state. Thus, even when
both the azimuthal, B�, and radial, Br, components of the mag-
netic field are completely dissipated by ohmic dissipation, the
vertical component of the magnetic field remains because of the
condition : = B ¼ 0.

As shown in the upper panel of Figure 7d, the gas inside
the first core rotates rapidly. The specific angular momentum
in model 16 is larger than that in model 12 (Fig. 6c) for nck
1012 cm�3, while the magnetic field in model 16 is smaller than
that in model 12 (Fig. 6a). This means that magnetic braking is
less effective in model 16. Therefore, a strong centrifugal force
creates a thin disk at the center of the cloud, as shown by the pro-
jected density contour on the sidewall in Figures 8d and 8e. In
addition, the cloud collapses slowly for a rapid rotation, as dis-
cussed in Saigo & Tomisaka (2006). It takes 40.7 yr to form the
second core (nc ’ 1021 cm�3) after the first core formation epoch
(nc ’ 1013 cm�3) in model 16, while it takes 25.5 yr in model 12.
The magnetic field lines become twisted again inside the first
core (Figs. 8d and 8e). Then a different flow from that driven from
the first core appears, as shown in the lower panels in Figures 7d
and 7e. Inside the red lines in the lower panel of Figure 7d, slow
flow (outflow) driven from the first core is seen in the regionswhere

Fig. 8.—Same as Fig. 5, but for model 16. Panels (aY f ) are at the same scale and epoch as panels (aY f ) of Fig. 7.
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zj j > 0:4, while fast flow (a jet) driven from a rotation-supported
core inside the first core is seen in the regions where zj j < 0:4.

To investigate the properties of the outflow and jets, we show
in Figure 9 the z-component of the velocity, vz (top), and the
plasma beta, �p (bottom), at the same epoch and with the same
scale as Figure 7d. In this figure, we can see two sets of peaks in
the z-component of the velocity (outer weak and inner strong
peaks; Fig. 9, top). The outer weak peaks with vz ’ 5 km s�1

are located at (x; z) ¼ (�0:3; 0:3) and originate from the first
core. The inner strong peaks with vz ’ 15 km s�1 are located at
(x; z) ¼ (�0:05; 0:3) and originate from the rotation-supported
quasi-static core inside the first core. In the top panel, we label the
flow driven from the first core as ‘‘outflow’’ and the flow driven
from the quasi-static core as ‘‘jet.’’ Figure 9 (bottom) shows that
the plasma beta is �p < 1 around the velocity peak, which in-
dicates that flows with vz > 0 or vz < 0 for z > 0 or z < 0, re-
spectively, are driven from the region with strong magnetic field.
These regions are composed of low-density gas (ncP1013 cm�3),
as shown in Figure 7d, and thus ohmic dissipation is ineffective
(Fig. 1) and the magnetic field can be amplified as the cloud col-
lapses. On the other hand, the central object and disk located at
zj j < 0:1 have a large plasma beta (�p¼ 105Y107) because ohmic
dissipation is effective in this region. The jet is driven from the
second core (protostar) after the protostar formation epoch (nc ¼
1021 cm�3) in model 12, while the jet is driven from the quasi-
static core before the protostar formation epoch in model 16. This
is because the rotation-supported core is formed before the central
density reaches nc ¼ 1021 cm�3 in model 16, due to the lower
effectiveness of the magnetic braking. Figure 7e shows the cloud
structure when the density reaches nc ¼ 8:1 ; 1019 cm�3. In this
figure, a strong jet is driven from the center.

When the gas density reachesnc ’ 1:3 ; 1021 cm�3 inmodel 16,
a shock occurs near the center of the cloud and the protostar (sec-
ond core) is formed. The protostar in model 16 is formed at a
lower density than that in model 12. The protostar has a mass of
9:1 ; 10�4 M� and a radius of 3 R� at its formation epoch. The
radius of the protostar in model 16 is 3 times larger than that in

model 12. The central region inside the first core rotates rapidly
in model 16; thus, a considerably flattened disk (Fig. 7f, lower
panel ) is formed near the center due to the strong centrifugal
force. Figure 7f shows that the protostar in model 16 rotates rap-
idly and has an oblate structure. Figure 8f shows that the magnetic
field lines are weakly twisted around the protostar, where ohmic
dissipation is effective. This is because the rapid rotation makes
the first core (or high-density region) increasingly oblate as the
cloud evolves, and the regions above and below the first core
and protostar have low-density gases (ncP1015 cm�3), as shown
in the lower panel of Figure 7f. Thus, themagnetic field is decou-
pled from the neutral gas and again decollimated in this region.
As a result, ohmic dissipation affects not only the distribution and
strength of the magnetic field but also the cloud collapse, rotation,
outflow, and jet.

4.3. Dependence on c�

Ohmic dissipation greatly influences the cloud evolution, as
described in the previous subsection. We estimate the resistivity
as a function of the density and temperature according to Nakano
et al. (2002), shown by the thick solid line in Figure 1. However,
we note that it is difficult to determine the ionization structure ac-
curately due to the uncertainties, particularly in the properties of
dust grains, which provide the most important sites for recombi-
nation in collapsing clouds. Thus, we parameterize the model of
the magnetic dissipation, c�, and investigate the cloud evolution,
as shown in Figure 6. Figures 6aY6c show the evolution of mod-
els with the same magnetic field and angular velocity (� ¼ 0:01;
! ¼ 0:01) but different values of c�. In Figure 6a, the larger val-
ues of c� efficiently remove the magnetic field from the cloud.
The plasma beta is maintained at �p ’ 10Y20 for nck 1012 cm�3

in model 12 (the ideal MHD model; c� ¼ 0), while it reaches
�p ’ 105 for 1012 cm�3P ncP1015 cm�3 in model 16 (c� ¼ 1)
in Figure 6b. Thus, the central region in model 12 has a magnetic
energy that is �104 times larger than that in model 16. This dif-
ference in themagnetic energy betweenmodels 12 and 16 is caused
by ohmic dissipation for 1012 cm�3P ncP1016 cm�3. The mag-
netic energy in the central region depends on c�, as is shown in
Figure 6b. In contrast, the angular momentum is large and the
cloud rotates rapidly in models with larger values of c�, as shown
in Figure 6c. This is because magnetic braking is less effective in
models with larger values of c� for less magnetic energy. As a re-
sult, protostars with larger values of c� have a larger angular mo-
mentum at the formation epoch. Inmodel 17 (c� ¼ 10), the cloud
rotates rapidly and fragmentation occurs at nc ’ 1019 cm�3, be-
cause the magnetic energy is small and magnetic braking is barely
effective.
Figures 6dY6f also show the evolution of models that have the

samemagnetic field (� ¼ 0:01) and rotation rate (! ¼ 10�4) with
different values of c�. In the initial state, the rotation rates of the
models shown in the right panels of Figure 6 are 100 times smaller
than those in the left panels (! ¼ 10�2), while the magnetic field
strengths are the same. The evolution of the magnetic field and
plasma beta is almost the same for ncP1015 cm�3 in both Fig-
ures 6a and 6d. After the magnetic dissipation, the evolution of
the models shown in the left and right panels is different. The
value of Bc /�

1=2
c increases with gas density for nck1015 cm�3

in models 18Y23 (Fig. 6d ), while it is almost constant in mod-
els 12Y17 (Fig. 6a). The magnetic field is more greatly ampli-
fied for a spherical collapse (B / �2=3) than for a disklike collapse
(B / �1=2), as is explained in x 4.1. In ideal MHD models, even
if the cloud has no angular momentum, the geometry of the col-
lapse changes from spherical to disklike collapse because the
magnetic field is amplified and a disklike structure is formed at

Fig. 9.—Velocity and plasma beta for model 16, at the same scale and epoch
as in Fig. 7d. Top (z > 0): Velocity of the z-component, vz (color scale, contours),
and velocity distribution (arrows) on the cross section in the y ¼ 0 plane. Bottom
(z < 0): Plasma beta, �p (color scale, contours), and magnetic field (arrows) on
the cross section in the y ¼ 0 plane.
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the center of the cloud. After the disklike structure is formed (i.e.,
during the disklike collapse), the growth rate of the magnetic
field becomes small (Machida et al. 2005b). However, if the
magnetic field is sufficiently removed from the central region,
the geometry of the collapse again changes from disklike to spher-
ical collapse and the magnetic field is amplified as B / �2=3

(spherical collapse). In models 18Y23, after the dissipation of the
magnetic field (nck1016 cm�3), the clouds collapse spherically
because of the extremely slow rotation, while in models 12Y17
the clouds collapse with a disklike shape due to the rapid rotation.
At the protostar formation epoch (nc ’ 1021 cm�3), the magnetic
field is amplified to Bc ¼ 0:11 kG in model 16 (rapidly rotating
cloud), while it is amplified to Bc ¼ 0:68 kG inmodel 22 (slowly
rotating cloud). Thus, the protostar has a stronger magnetic field
for a more slowly rotating cloud, even in nonideal MHDmodels.
After the magnetic field is significantly removed from the center,
the angular velocity is also amplified because the cloud collapses
spherically. Thus, the specific angular momentum normalized by
the mass J /M 2 also increases in models 18Y23 (Fig. 6f ), while
J /M 2 is constant in the more rapidly rotating clouds of mod-
els 12Y17 for disklike collapse (Fig. 6c).

4.4. Cloud Evolution with Different Angular Momentum

Figure 10 shows the evolution of themagnetic field,Bc /�
1=2
c (top),

and angular velocity, �/(4�G�c)
1=2 (bottom), for models 24Y28.

These models have the same magnetic field (� ¼ 0:01) and
value of c� (c� ¼ 1), but different angular velocities (!). In this
figure, the circles indicate the fragmentation epoch. Fragmenta-
tion occurs in the rapidly rotating clouds of models 27 (! ¼ 0:03)
and 28 (! ¼ 0:1). Machida et al. (2005a) shows that fragmenta-
tion occurs when the central angular velocity,�c, normalized by
the free-fall timescale, 1/(4�G�c)

1=2, reaches�c /(4�G�)
1=2 ’ 0:2

for the isothermal phase, ncP1011 cm�3. As shown in Figure 10
(bottom), this condition is realized in models 27 and 28. After
fragmentation occurs, we stopped the calculation because our
numerical code (a nested grid) is not suitable for calculating the
evolution of each fragment located outside the center. The proto-
star forms without fragmentation in models 24, 25, and 26, be-
cause the fragmentation condition is not realized in these clouds,
as is shown in Figure 10 (bottom).

Figure 10 (top) shows the evolution of the magnetic field,
Bc /�1

=2
c

. In this panel, the clouds without fragmentation have al-
most the same magnetic field strength for ncP1016 cm�3. For
nck1016 cm�3, the magnetic field continues to increase in the
nonrotating cloud (model 24), while it saturates at certain val-
ues in the rotating clouds (models 25 and 26). A close analysis
of the evolution for nck1016 cm�3 shows that the growth rate of
the magnetic field becomes small when the normalized angu-
lar velocity approaches �c /(4�G�c)

1=2 ’ 0:2. This is due to the
fact that the collapse of the geometry changes from spherical to
disklike when the rotational energy becomes comparable to the
gravitational energy (for details, seeMachida et al. 2005b). The
protostars have magnetic fields of Bc ¼ 0:51 kG (model 24;
! ¼ 0), 0.48 kG (model 25; ! ¼ 0:001), and 0.11 kG (model 26;
! ¼ 0:01). In this way, the magnetic field strengths of formed
protostars are related to the initial cloud rotation. In summary, a
protostar has a stronger magnetic field in a more slowly rotating
cloud.

Observations indicate that molecular clouds have large amounts
of magnetic energy (Crutcher 1999) and small amounts of rota-
tional energy (Goodman et al. 1993; Caselli et al. 2002). These
clouds are classified as magnetic forceYdominant clouds (�0 /B0 <
�cri /Bcri � 0:39G1=2c�1

s;0 ) according to the criterion of Machida
et al. (2005b, 2006b). As shown in x 4.1, the magnetic field con-

verges to a certain value for the isothermal phase in magnetic
forceYdominant clouds. After the magnetic dissipation, the growth
rate of the magnetic field depends on the rotation rate at the
center of the cloud. Thus, the magnetic field of a protostar is de-
termined almost completely by the rotation energy of the initial
cloud when the degree of resistivity c� is fixed.

5. DISCUSSION

5.1. Magnetic Flux Problem

The magnetic flux problem is important for the star formation
process. Magnetic energy in an interstellar cloud is usually re-
garded as being comparable to the gravitational energy of the
cloud, whereas themagnetic energy in a star is much smaller than
the gravitational energy. The molecular cloud can collapse when
the following condition is realized:

� < �cri; ð12Þ

where � is the magnetic flux and is defined as

� ¼
Z

B = dS; ð13Þ

and �cri is the critical value of the collapse and is defined as

�cri ¼ f G1=2M ; ð14Þ

where f is a dimensionless constant ( f � 8; Mouschovias &
Spitzer 1976; Tomisaka et al. 1988) and M is the mass of the
cloud or cloud core.7 The observed magnetic fluxes of molecular
cloud cores (e.g., Crutcher 1999) are close to their critical value

Fig. 10.—Evolution of the magnetic field and angular velocity for various
initial rotation rates. Top: Magnetic field, Bc, normalized by the square root of
the density, �1=2c , in units of the initial sound speed cs;0, against the number den-
sity at the centers of the clouds for models 24Y28. Bottom: Angular velocity,�c,
normalized by the free-fall rate, (4�G�c)

1=2, at the centers of the clouds for
models 24Y28.

7 In general, � and �cri are used to measure the degree of the magnetic field
strength of an isolated cloud core. In this paper, however, we use these values to
measure the degree of the magnetic field strength inside a collapsing cloud core.
We define � and �cri simply as functions of the magnetic field and mass in the
local region inside the cloud core.
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(�/�cri � 1), while those of protostars are much smaller than
their critical value (�/�cri � 10�5Y10�3; Johns-Krull et al. 2001).
Thus, the magnetic flux should be largely removed from the
cloud core during the star formation process. This is called the
‘‘magnetic flux problem’’ in star formation.

The flux-to-mass ratio �/M around the center of a collaps-
ing cloud decreases by two mechanisms. One is vertical collapse
(Nakano 1983; Machida et al. 2005b), and the other is ohmic
dissipation (Nakano et al. 2002).When a gas infalls vertically along
the magnetic field line (vertical collapse), the mass around the
central region increases, keeping the magnetic flux constant. Thus,
the ratio of the magnetic flux to the critical flux,�/�cri (/�/M ),
decreases, because the denominator of �/�cri increases, while
the numerator is nearly constant. However, Nakano (1983) showed
that the vertical collapse mechanism is not sufficient for solv-
ing the magnetic flux problem, because a large amount of gas col-
lects from a wide range (>200 kpc) to decrease this ratio from
�/�cri ’ 1 to �10�5Y10�3. On the other hand, Nakano et al.
(2002) showed analytically that the ohmic dissipation process
in a collapsing cloud is an effective mechanism for solving the
magnetic flux problem. We numerically confirmed that ohmic
dissipation is more important than vertical collapse for the re-
moval (or decrease) of magnetic flux in a collapsing cloud.

Figure 11a shows the distribution of themagnetic flux normal-
ized by the critical flux, �/�cri, as a function of the cumulative
mass from the center of the cloud, both at the initial state (dashed
line) and at the end of the calculation for models 29 (solid line)
and 30 (dotted line). In this graph, the mass M (x-axis) is inte-
grated for every isodensity contour �a from the center that has
maximum density as

M � > �að Þ ¼
Z
�>�a

� dV ; ð15Þ

and the magnetic flux inside the corresponding region is integrated
as

� � > �að Þ ¼
Z
�>�a; z¼0

B = dS; ð16Þ

where dS is defined at the z ¼ 0 plane and is parallel to the z-axis.
The graph indicates that models 29 and 30 have magnetically
supercritical clouds (�/�cri < 1) as awhole (M > 0:3M�), while
the central regions (M < 0:3M�) of these clouds aremagnetically
subcritical (�/�cri > 1) at the initial state. The ratio �/�cri in-
creases with decreasing mass. Since we adopt the Bonnor-Ebert
density profile (Bonnor 1956; Ebert 1955), the initial density dis-
tribution near the center is almost constant, and thus the mass of
the cloud (i.e., �cri) is proportional to R3: M / �cri / R3. The
magnetic flux is proportional to� / R2, because a uniform mag-
netic field is assumed at the initial state. Thus, the central region
(comprising a small fraction of the total mass) has a large value of
�/�cri, since the ratio of the magnetic flux to the critical flux is
proportional to�/�cri / R�1 / M�1=3 near the center. However,
these clouds can collapse promptly, because a large amount of
the mass (�99% of the total mass) is magnetically supercritical.
In our calculations, protostars have amass of�10�3M� at their

formation epoch. Figure 11a shows that the ratio of the magnetic
flux to the critical mass within a mass of M ¼ 10�3 M� (i.e., at
M ¼ 10�3 M� on the x-axis) decreases from �/�cri ¼ 6 at the
initial state to �/�cri ’ 0:2 in model 30 (ideal MHD model). In
model 30, the ratio �/�cri decreases due to vertical collapse, be-
cause ohmic dissipation is ignored, since c� ¼ 0. This indicates
that the magnetic flux is not removed sufficiently by the verti-
cal collapse, as shown in Nakano (1983). On the other hand,
in model 29 (nonideal MHD model), the ratio �/�cri within
M ¼ 10�3 M� decreases from �/�cri ¼ 6 at the initial state to

Fig. 11.—(a) Spatial distribution of magnetic flux. The magnetic fluxes normalized by the critical mass�/�cri as a function of the cumulative mass from the center of
the cloud at the initial state (dashed line) and at the end of the calculations for models 29 (solid line) and 30 (dotted line) are plotted. (b) Evolution of �/�cri within
� > 0:1�c against the central number density for models 29Y32. (c) Spatial distribution of specific angular momentum. Specific angular momenta j as a function of
the cumulative mass from the center of the cloud at the initial state (thick dashed line) and the end of the calculations for models 29 (solid line), 30 (thin dashed line), and
33 (dash-dotted line) are plotted. (d ) Evolution of j within � > 0:1�c against the number density at the center of the cloud for models 29, 30, and 33.
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�/�cri ’ 10�3 (Fig. 11a). Thus, 3 or 4 orders of magnitude of
the initial magnetic flux are removed from the core by ohmic
dissipation in model 29. The solid line in Figure 11a shows that
the ratio�/�cri decreases steeply from�/�cri ’ 0:1 to�/�cri ’
10�3 in the range 10�2 M�PM P 5 ; 10�3 M�. This drop indi-
cates that the gaswithinM < 10�2 M� from the center of the cloud
experiences ohmic dissipation. The remainder of the cloud is ex-
pected to experience ohmic dissipation as the collapse continues.

Figure 11b shows the evolution of �/�cri for models 29Y32
against the central density. In this graph, the magnetic flux� and
the mass M within the gas that has a density of � > 0:1�c are
integrated at each time step as

M � > 0:1�cð Þ ¼
Z
�>0:1�c

� dV ; ð17Þ

� � > 0:1�cð Þ ¼
Z
�>0:1�c; z¼0

B = dS: ð18Þ

The ratio �/�cri in models 30 and 32 (ideal MHD models) de-
creases slightly from the initial state (�/�cri ’ 0:8) to the proto-
star formation epoch (�/�cri ’ 0:2). In contrast, for models 29
and 31 (nonideal MHD models), �/�cri decreases significantly
for 2 ; 1012 cm�3P ncP 6 ; 1015 cm�3 due to ohmic dissipation
and reaches �/�cri ’ 10�3 at the protostar formation epoch.

In the nonidealMHDmodels, the formed protostars have smaller
�/�cri ratios for the more rapidly rotating clouds. After the mag-
netic dissipation (nck1016 cm�3), the evolution of �/�cri is dif-
ferent in the nonideal models 29 and 31 (Fig. 11b). For this phase
(nck1016 cm�3), the ratio is almost constant (�/�cri ’ 5 ; 10�4)
in model 31 (with a rapidly rotating cloud), while it continues to
increase in model 29 (with a slowly rotating cloud). At the proto-
star formation epoch, the protostars have �/�cri ¼ 2 ; 10�3 for
model 29 and�/�cri ¼ 4 ; 10�4 for model 31. This difference is
caused by the rotation rate of the initial cloud. In model 31, the
cloud collapses vertically, and the growth rate of the magnetic
field is low because of the rapid rotation for nck1016 cm�3. On
the other hand, in model 29, the cloud collapses spherically, and
the growth rate of the magnetic field is high for nck1016 cm�3,
because both the Lorentz and centrifugal forces are weak. After
the magnetic dissipation (nck1016 cm�3), since the Lorentz force
is weak, the geometry of the collapse is determined only by the
cloud rotation. An initially slowly rotating cloud collapses spher-
ically to form a protostar with a large magnetic flux, while a rapidly
rotating cloud collapses along the rotation axis to form a protostar
with a small magnetic flux.

In summary, protostars have values of�/�cri ’ 10�4Y10�3 at
their formation epoch,which is comparable to observations. How-
ever, since we stopped our calculation atMps � 10�3 M�, further
calculations are needed to predict themagnetic flux for protostars
with Mps � 1 M�.

5.2. Angular Momentum Problem

The angular momentum problem is also important for the star
formation process. Molecular cloud cores have specific angular
momenta on the order of jcloud � 1021 cm2 s�1 (Goodman et al.
1993; Caselli et al. 2002), while protostars have specific angular
momenta on the order of jps � 1016 cm2 s�1. Thus, the specific
angular momentum of a protostar is �10�5 times smaller than
that of a molecular cloud core. For this reason, the angular mo-
mentum of the initial cloud must be removed from the core, as
well as the magnetic flux. Tomisaka (2000, 2002) calculated the
cloud evolution from a molecular cloud to protostar formation,
paying attention to the evolution of the angular momentum, in

two-dimensional nested grid simulations. The study showed that
the angular momentum of the initial cloud is sufficiently removed
by magnetic braking and outflow in the collapsing cloud, and the
formed protostar has a specific angular momentum comparable
to observed values. However, the idealMHD approximation was
used, and thus the magnetic effect (i.e., magnetic braking and
outflow) may have been overestimated. In this section, we discuss
the evolution of the angular momentum in the nonideal MHD
regime.

Figure 11c shows the distributions of the specific angular mo-
mentum against the cumulative mass at the initial state (thick
dashed line), and the end of the calculation for models 29 (solid
line), 30 (thin dashed line), and 33 (dash-dotted line). In this
figure, the specific angular momentum is integrated up to every
isodensity surface �a from the center as

j � > �að Þ ¼ 1

M � > �að Þ

Z
�>�a

�$v� dV ; ð19Þ

whereM (� > �a) is the mass within � > �a (see eq. [17]) and$
is the radius in cylindrical coordinates. As shown by the thick
dashed line in Figure 11c, the specific angular momentum at the
initial state is proportional to jcloud / R2 near the center of the
cloud, starting with rigid rotation and the Bonnor-Ebert density
profile with an almost constant density at the center.

In Figure 11c, the specific angular momentum at the end of the
calculation ( jps) for model 33 is shown as a dash-dotted line. In
model 33, the specific angular momentum is not removed by
magnetic effects (magnetic braking, outflow, and jet) because the
cloud is unmagnetized. Thus, the distribution of the specific an-
gular momentum at the end of the calculation is almost the same
as that at the initial state for M > 10�2 M�. This indicates that
the angular momentum is almost conserved outside the protostar
(M > 10�2 M�). For M < 10�2 M�, the specific angular mo-
mentum at the end of the calculation is slightly smaller than that
at the initial state, caused by angular momentum transfer by the
nonaxisymmetric pattern. In thismodel, after a thin disk is formed,
the disk is transformed into a bar, because bar-mode instability
(e.g., Durisen et al. 1986) is caused by rapid rotation. The specific
angular momentum begins to decrease around the center of the
cloud as the nonaxisymmetric pattern grows. Fragmentation in
this unmagnetized model is observed for further calculations. As
discussed in Machida et al. (2005a), fragmentation plays an im-
portant role in the angular momentum evolution, because the
angular momentum is redistributed into the orbital and spin an-
gular momentum of each fragment. We will discuss the fragmen-
tation and redistribution of the angular momentum in subsequent
papers.

The specific angular momenta of magnetized clouds at the
end of the calculation are plotted by the solid (nonideal MHD
model 29) and thin dashed lines (ideal MHD model 30) in Fig-
ure 11c. The specific angular momenta of both models 29 and 30
at the end of the calculation are smaller than that at the initial
state. In these models, the specific angular momentum decreases
by vertical collapse, magnetic braking, outflow, and jets. When
the initial cloud is magnetized strongly (or rotates rapidly), the
cloud collapses vertically along the magnetic field line (i.e., ver-
tical collapse). Gas with small specific angular momentum pref-
erentially falls into the central region, and thus the central region
gains specific angular momentum in the vertical collapse regime.
Note that the vertical collapse does not transfer angular momen-
tum, because this mechanism changes only the location of each
fluid element, and thus the gas keeps its specific angular momen-
tum. For higher densities (nck1011 cm�3), the magnetic field
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lines are strongly twisted, and outflow and jets appear. The angu-
lar momentum is effectively transferred by the outflow and jets,
as already shown by Tomisaka (2000, 2002). Magnetic braking
is also important for the angular momentum transfer. In princi-
ple, however, a reduction of the angular momentum due to mag-
netic braking cannot be distinguished from that due to outflow
and jets, because outflow and jets are consequences of the mag-
netic braking process.

Figure 11d shows the evolution of the specific angular mo-
mentum j in the inner region for models 29, 30, and 33 as a func-
tion of the central density. The angular momentum is integrated
within � > 0:1�c at each time step and averaged as

j � > 0:1�cð Þ ¼ 1

M � > 0:1�cð Þ

Z
�>0:1�c

�$v� dV ; ð20Þ

whereM (� > 0:1�c) is the mass within � > 0:1�c. In this graph,
the specific angular momenta in the magnetized clouds (mod-
els 29 and 30) are smaller than that in the unmagnetized cloud
(model 33) for nck106 cm�3. The difference of the specific
angular momentum for the isothermal phase (ncP1011 cm�3)
is due to magnetic braking and vertical collapse, because no
outflow appears in this phase. The specific angular momen-
tum in model 30 (ideal MHD model) is smaller than that in
model 29 (nonideal MHD model) for nck1015 cm�3, because
magnetic braking in model 29 is less effective due to magnetic
dissipation for 2 ; 1012 cm�3P ncP 6 ; 1015 cm�3.

At the protostar formation epoch (nc ¼ 1021 cm�3), protostars
have specific angular momenta of jps ¼ 8 ; 1016 cm2 s�1 for
model 33, 1:5 ; 1015 cm2 s�1 for model 29, and 2 ; 1014 cm2 s�1

for model 30. Observations indicate that classical T Tauri stars
(CTTSs) have specific angular momenta on the order of jobs �
1016 cm2 s�1 (Bouvier et al. 1993; Herbst et al. 2007). At the
end of our calculation, the formed protostars havemasses of only
�10�3 M�. Since the spatial distribution of the specific angular
momentum follows j / $2 for rigid rotation, the region inside
M < 10�3 M� of T Tauri stars has an average specific angular
momentum of�1014 cm2 s�1. Thus, the specific angular momenta
in nonideal MHD models such as model 29 are about 1 order of
magnitude larger than those of observed protostars. In this paper,
we discuss the angular momentum evolution only in the early
star formation phase (Mps < 10�2Y10�3 M�). In the later accre-
tion phase, however, the angular momentum is transferred by star-
disk interaction, stellar wind, and jets. To fully solve the angular
momentum problem, the evolution in the later phasemust also be
calculated.

This paper focuses on the formation of single stars, and hence
we have investigated the evolution of slowly rotating clouds. As
shown in Cha&Whitworth (2003),Matsumoto&Hanawa (2003),
and Machida et al. (2005a), fragmentation occurs in a collapsing
cloud core, and binary or multiple stars are formed in initially
rapidly rotating clouds. When binary or multiple stars are formed,

the angular momentum is redistributed in the orbital and spin
angular momenta of each star (Machida et al. 2005a). Thus, the
binary or multiple star formation process is also important for the
angular momentum problem. We will investigate the evolution
in initially rapidly rotating clouds in subsequent papers.

5.3. Comparison with Observations

In our calculation, the formed protostars have magnetic fields
of Bps ¼ 0:11 kG (model 16) to 0.89 kG (model 29) in models
with � ¼ 1 (nonideal MHD). On the other hand, a surface mag-
netic field on the order of 1 kG has been derived from Zeeman
broadening measurements of CTTS photospheric lines (Johns-
Krull et al. 1999a, 1999b, 2001; Guenther et al. 1999; Bouvier
et al. 2007). Thus, themagnetic fields derived from our calculation
are consistent with observations. The rotation periods of protostars
in our calculation are comparable to the observations. The formed
protostars have rotation periods of P ¼ 3:68 days (model 16)
to 11.1 days (model 25) in models with c� ¼ 1, except for ex-
tremely slowly rotating clouds (model 22), while observed pro-
tostars have rotation periods of P ¼ 1Y10 days (Herbst et al.
2007).
Our calculations show only the early star formation phase,

in which the protostars have masses of ’10�3Y10�2 M�. The
magnetic field strength and angular momentum of a protostar
may change in the subsequent gas accretion phase. The mag-
netic field may be amplified by the magnetorotational instability
(Balbus & Hawley 1991) and by the shearing motion between
the star and the ambient medium. The angular momentum of a
protostar may increase due to accretion of gas with large angu-
lar momentum and decrease through jets or star-disk interaction
(e.g., Matt & Pudritz 2005a, 2005b). To fully describe the mag-
netic field and angular momentum of protostars, we must calcu-
late the cloud evolution up to the later accretion phase. However,
our results indicate that at its formation epoch, a protostar already
has a magnetic field strength and rotation period that are almost
of the same order of magnitude as observations. Thus, the mag-
netic field and angular momentum of observed protostars may be
largely determined by the early star formation phase before the
main accretion phase.
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