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ABSTRACT

We study feedback during massive star formation using semi-analytic methods, considering the effects of disk
winds, radiation pressure, photoevaporation, and stellar winds, while following protostellar evolution in collapsing
massive gas cores. We find that disk winds are the dominant feedback mechanism setting star formation
efficiencies (SFEs) from initial cores of ~(0.3-0.5. However, radiation pressure is also significant to widen the
outflow cavity causing reductions of SFE compared to the disk-wind only case, especially for >100 M, star
formation at clump mass surface densities ¥ < 0.3 g cm~2. Photoevaporation is of relatively minor importance
due to dust attenuation of ionizing photons. Stellar winds have even smaller effects during the accretion stage. For
core masses M.~ 10-1000 M, and X4 ~0.1-3gcm2, we find the overal SFE to be
Ess = 0.31(R./0.1 pc) 93, potentially a useful sub-grid star formation model in simulations that can resolve
pre-stellar core radii, R, = 0.057 (M, /60M_)"/?(3. /g cm~2)~1/2 pc. The decline of SFE with M, is gradual with
no evidence for a maximum stellar-mass set by feedback processes up to stellar masses of my ~ 300 M. We thus
conclude that the observed truncation of the high-mass end of the IMF is shaped mostly by the pre-stellar core
mass function or internal stellar processes. To form massive stars with the observed maximum masses of
~150-300M,, initial core masses need to be >500-1000 M. We also apply our feedback model to zero-
metallicity primordial star formation, showing that, in the absence of dust, photoevaporation staunches accretion at
~50 M_,. Our model implies radiative feedback is most significant at metallicities ~10~2Z, since both radiation
pressure and photoevaporation are effective in this regime.
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1. INTRODUCTION

Massive stars play important roles in a wide range of
astrophysical settings. They are the sources of UV radiation,
turbulent energy, and heavy elements. Massive star close
binaries are the likely progenitors of merging black hole
systems that have been the first sources to be detected by their
gravitational wave emission. However, massive star formation
is relatively poorly understood compared to low-mass star
formation (see Tan et al. 2014 for a recent review). One class of
models of massive star formation is based on the Core
Accretion scenario (e.g., the Turbulent Core Model of McKee
& Tan 2003). These models are scaled-up versions of models
of low-mass star formation from cores (e.g., Shu et al. 1987),
invoking nonthermal forms of pressure support, i.e., turbulence
and magnetic fields to help stabilize the initial massive pre-
stellar core. However, there may also be significant differences
compared to low-mass star formation due to the stronger
feedback that is expected from massive protostars.

In low-mass star formation, the magnetohydrodynamic
(MHD) outflow is thought to be the main feedback process,
which may determine the star formation efficiency (SFE) from
the pre-stellar core, i.e., Exs = myy /M, Where myy is the final
mass that is achieved by the protostar at the end of its accretion
and M., is the mass of the initial core. In relatively low-mass
clusters that contain stars with masses up to ~10M, the core
mass function (CMF) is reported to be similar in shape to the
stellar initial mass function (IMF), but shifted to higher masses
by a factor of a few (e.g., André et al. 2010; Konyves
et al. 2010). One explanation for this is a nearly constant SFE

as a function of core mass of about &y ~ 0.4. Matzner &
McKee (2000) proposed that the accretion-powered, MHD-
driven outflow sets the SFE from pre-stellar cores. They
provided an analytic model and showed that the momentum
injected by the disk wind sweeps up a certain fraction of
material in the infalling envelope and sets an SFE of ~0.3-0.5.
The numerical simulation by Machida & Matsumoto (2012)
confirmed this result obtaining a similar value of SFE.
Therefore, in low-mass star formation, observations and
theoretical models are in agreement that an individual star
can be formed by the collapse of a pre-stellar core with the
MHD outflow setting an SFE of ~0.4.

In massive star formation, additional feedback processes
may become more significant than the MHD outflow because
of the high luminosities of massive stars. Especially, radiation
pressure has been considered to be a potential barrier for
massive star formation. In an idealized spherical geometry,
radiation pressure acting on dust grains in an infalling envelope
exceeds the gravitational force when the stellar mass reaches
~10-20 M, preventing further mass accretion (Larson &
Starrfield 1971; Wolfire & Cassinelli 1987). The fact that more
massive stars exist tells us that the model of spherical infall is
too simplified. Subsequent work on analytic and semi-analytic
models (e.g., Nakano 1989; Jijina & Adams 1996; Tanaka &
Nakamoto 2011) and numerical simulations (e.g., Yorke &
Sonnhalter 2002; Krumholz et al. 2009; Kuiper et al. 2010;
Rosen et al. 2016) of disk accretion found that mass infall and
accretion can continue from behind the disk since this region is
shielded from strong radiation pressure. The series of
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simulations by Kuiper and collaborators have shown that disk
accretion continues while the direct stellar radiation sweeps up
the material above the disk where the shielding effect is weak
(Kuiper et al. 2010, 2011, 2012, 2015, 2016). They found the
SFE from 100M,-cores is about 0.5 in models without MHD
disk wind feedback. The recent simulation with high resolution
and moving sink particle method by Rosen et al. (2016)
showed that the Rayleigh-Taylor (RT) instability strongly
helps to bypass the radiation pressure barrier even above the
disk. Also, if MHD outflow cavities exist before radiation
pressure becomes significant, then radiation leaks away via
these channels, i.e., enhancing the so-called “flashlight effect”
(Yorke & Bodenheimer 1999; Yorke & Sonnhalter 2002;
Krumholz et al. 2005; Kuiper et al. 2015, 2016). Thus, the
radiation pressure barrier is not thought to be a catastrophic
problem anymore for massive star formation. Rather, the
question now is what is its quantitative effect on the formation
efficiency of massive stars from massive cores.

Photoionization may also be a significant feedback process.
When a massive protostar approaches the Zero-Age Main-
Sequence (ZAMS), it contracts, increases its effective temper-
ature, and starts to emit significant fluxes of Lyman continnum
photons with >13.6 eV that may ionize the infalling/accreting
material. Such ionized gas has a high temperature of ~10* K
and its thermal pressure may drive mass-loss in a “photo-
evaporative” outflow. In the formation of primordial (Pop III)
stars in the early universe, photoevaporation is thought to be
significant, potentially stopping mass accretion at ~50-100M,
(McKee & Tan 2008; Hosokawa et al. 2011; Tanaka
et al. 2013). Note that radiation pressure feedback is not very
significant in primordial star formation since there are no dust
grains. Coincidentally, the typical mass accretion rates in
primordial star formation and in present-day massive star
formation are expected to be similar, with values of
~1073 M, yr~!. Thus, one may speculate that photoevapora-
tion also stops mass accretion in present-day massive star
formation. However, the dependence of the photoevaporation
rate on metallicity has not been studied very much and remains
uncertain. The simulation of present-day massive star forma-
tion by Peters et al. (2010) suggested that photoionization
feedback is not very significant, but a general theoretical
framework of photoevaporation spanning the whole metallicity
range from primordial to quasi-solar metallicities remains
lacking.

Feedback by protostellar outflows, radiation pressure, and
photoevaporation act on the infalling /accreting material. Stellar
winds launched from the protostellar surface could, in
principle, also act against the accretion flow, but, as we will
discuss below, they are expected to always be confined by the
protostellar outflow and thus not have a direct impact on the
accretion. However, mass-loss directly from these stellar winds
could potentially become significant, especially for protostars
at the highest masses and luminosities. The mass-loss by a
stellar wind is certainly important during the later evolution of
massive stars. For example, in the case of the R136al Wolf-
Rayet (WR) star with a current mass of 265M,, a stellar wind
mass-loss rate of 5 x 107M,, yr~! is inferred, and its initial
mass is evaluated to have been as high as 320M,, (Crowther
et al. 2010). The theoretical calculation by Vink et al. (2011)
has found that the stellar wind mass-loss rate becomes
extremely high if the Eddington factor to electron scattering
is higher than 0.7. They interpreted this high mass-loss regime
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as leading to the observational appearance as WR stars and the
lower mass-loss regime as O-type stars. However, the
protostellar internal luminosity as a function of mass, and thus
the Eddington factor, depends on the accretion history. Thus it
is possible that in some circumstances the Eddington factor
might potentially reach the extreme mass-loss regime even
during the protostellar stage.

The feedback and mass-loss processes described above may
impact the ability of very massive stars to form and thus reveal
themselves in the observed distribution of the IMF, e.g.,
perhaps creating a break or turnover in the Salpeter (1955)
power law that holds from lower masses ~1 M to at least
~100 M. In other words, feedback and mass-loss may imply
that there is a maximum stellar mass that can form.
Observationally, Figer (2005) have reported the absence of
stars with masses >150 M, in the Arches cluster near the
Galactic center, whereas extension of the Salpeter mass
function predicts there should be 18 of them. Thus Figer
concluded that there is an upper stellar-mass limit of 150 M.
Later studies of the Tarantula nebula in the Large Magellanic
Cloud (LMC), stars with initial masses of 200-300 M., were
found (Crowther et al. 2010; Bestenlehner et al. 2011). Since
LMC has lower metallicity (by about a factor of two) than the
Galaxy, it can be speculated that the impact of feedback and/or
mass-loss depends on the metallicity, which then affects the
upper IMF in different environments.

A trend to a higher maximum stellar mass with decreasing
metallicity is potentially supported by the theoretical studies of
Hirano et al. (2014), Hosokawa et al. (2016), who found that
Pop III stars may reach masses as high as 1000 M.
Unfortunately, there are no direct observational constraints on
the masses of Pop III stars. However, the chemical abundance
patterns of Galactic metal-poor stars, which may be second
generation stars polluted by Pop III supernova ejecta, have
been interpreted as indicating that there were such very massive
primordial stars (Aoki et al. 2014; Keller et al. 2014). Such
conclusions, however, remain very tentative. Overall, a good
theoretical understanding of how the stellar IMF depends on
metallicity remains lacking.

Although there have been many studies concentrating on
each radiative feedback mechanism in massive star formation,
there has not yet been a study that has considered all the main
processes together, including with the effects of an MHD-
launched outflow. In this paper, we aim to carry out such a
study with the goal of evaluating the SFE of pre-stellar cores of
different masses and in different environments. A full
numerical simulation with MHD and radiative effects that
resolves the protostellar surface and the outer core scale and
follows the full evolutionary growth of the protostar is
computationally challenging and beyond current state-of-the-
art capabilities. Here we present a semi-analytic model of this
process that includes all the expected important physical
processes and yet at the same time can be applied to a large
range of different conditions. This allows us to gain physical
insight into the problem and can help guide future numerical
simulation experiments. Our modeling builds upon our
previous work that developed semi-analytic models for massive
star formation (Zhang & Tan 2011; Zhang et al. 2013b, 2014;
Tanaka et al. 2016), but which did not yet include treatment of
radiative feedback or stellar wind mass-loss. Additionally, we
apply the same model to primordial star formation at zero
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Figure 1. Schematic view of massive star formation by core accretion
including various feedback processes. The parameters for the initial conditions
are core mass M., mass surface density of the ambient clump X, and the ratio
of core initial rotational to gravitational energy (.. The model includes
momentum feedback from an MHD disk wind and radiation pressure. It also
follows mass-loss resulting from the MHD disk wind, photoevaporation and
the stellar wind.

metallicity, to gain insight into the metallicity dependence of
massive star formation feedback.

This paper is organized as follows. In Section 2, we review
the basics of our model and introduce the updates to include
the effects of feedback processes. Next, in Section 3, we
present our results: we show how the accretion rate and SFE
are reduced by multiple feedback processes, and also reveal the
differences caused by solar and zero metallicities. In Section 4,
we discuss the relative importance of different feedback
mechanisms, their impact on shaping the high-mass end of
the IMF, and their dependence on metallicity. We conclude in
Section 5.

2. METHODS

We calculate the accretion history of massive star formation
including multiple feedback processes. The framework of our
model has been constructed in a series of papers: Zhang & Tan
(2011), Zhang et al. (2013b, 2014), and Tanaka et al. (2016). In
these works, massive protostellar evolution with MHD disk
wind feedback is calculated. We then estimate continuum
emission from the protostar and disk, which is then followed in
radiative transfer calculations, especially to predict infrared,
sub-millimeter and centimeter-radio morphologies and spectral
energy distributions. Now we extend this massive protostellar
evolution model to include feedback by radiation pressure and
photoevaporation, and stellar wind mass-loss. We note that this
follows a similar methodology to that of McKee & Tan (2008),
who considered the formation of primordial stars under the
influence of multiple feedback processes.

We review the basics of our model that were developed in
previous works (Zhang & Tan 2011; Zhang et al. 2013b, 2014)
in Section 2.1, introduce the methods for each feedback process
in Section 2.2, and explain how they are combined together in
Section 2.3. Figure 1 shows the schematic view of our model.

TANAKA, TAN, & ZHANG

Although the main target of this study is present-day massive
star formation, we also apply our model to primordial star
formation for comparison of this different environment and for
comparison with the previous results of McKee & Tan (2008).
Thus in Section 2.4, we describe the modifications of methods
that are used to apply the model to primordial star formation.

2.1. Evolution of Infall Rates, Disks, and Protostars

Our model assumes a pre-stellar core collapses to form one
massive star. This model should be a reasonable approximation
even for multiple systems in which there is a single dominant
protostar. The initial core is assumed to be spherical and close
to virial equilibrium by the support of turbulence and/or
magnetic fields (McKee & Tan 2003). The parameters to
determine core properties are core mass M., mass surface
density of the ambient clump X, and the core’s initial
rotational to gravitational energy ratio (.. The core is assumed
to be in pressure equilibrium with the ambient clump. If the
clump is self-gravitating, then this ambient pressure is related
to its surface density 3., which sets the pressure at the core
surface, thus determining its size. The core radial density
profile is assumed to be a power law, ie., por .
Observations of dense cores in Infrared Dark Clouds find
k, ~ 1.3-1.6 (Butler & Tan 2012; Butler et al. 2014), and we
adopt k, = 1.5 as a fiducial value, which is the same as the
fiducial value used by McKee & Tan (2003; also Zhang & Tan
2011; Zhang et al. 2013b, 2014). Then, the radius of a core is
given as R, = 0.057(M,/60 M.)"/2(2,/g cm=2)~1/2 pc. The
core radius is smaller for higher-X | since the core is in pressure
equilibrium with the ambient clump. The rotational parameter
is fixed as (. = 0.02, i.e., similar to values derived from
observations of lower mass cores (Goodman et al. 1993; Li
et al. 2012; Palau et al. 2013). In this study, we investigate the
collapse ~ of  cores with M, = 10-3000 M, at
Y = 0.1-0.316 g cm =2, 10-1000 M, at 1 gcm~2, and
10-300 M, at 3.16 g cm™2.

The inside-out collapse of a core that is a singular polytropic
sphere is described by the self-similar solution (McLaughlin &
Pudritz 1997; McKee & Tan 2003), which gives the infall rate
onto the central protostar-disk system in the limit of no
feedback:

0.5
Mia () = 9.2 x 104(M)

c

3/4 3/4
x | e S A )
60M;, g cm 2

where Myy(t) = f Myqdt is the collapsed mass, which
indicates the mass of the protostar and disk if there was no
feedback at all. A higher clump mass surface density leads to a
more compact core and thus a shorter free-fall time and higher
infall rate. Also, this formula indicates that the infall rate
increases with time in the no-feedback case (set by the choice
of k, = 1.5; a choice of k, = 2 would lead to a constant infall
rate). To obtain the actual mass accretion rate, we need to
calculate the effect of feedback processes, which will be
described in Section 2.2. We note that, in all models in this
study, the accretion rates are always smaller than the Eddington
rate of ~2 x 1072(r/10R.) M, yr~\.
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Since the initial core is rotating, a disk is assumed to form
around the protostar. For simplicity, we only include the effect
of rotation inside the sonic point where the infall becomes
supersonic and assume that the ratio of the rotational to
gravitational energy is constant at this location, 3(<r) = f..
Based on theangular-momentum conservation from the sonic
point, the disk radius is given by

2/3
1y (1) = 156( Be )(M*d(f))(M*d)
0.02 Mxd M.

172 1/2
X M. 2 au, 2)
60M, g cm—2

(see Section 2.1 of Zhang et al. 2014). The protostellar disk is
expected to be massive and self-gravitating due to high mass
supply from the infalling envelope. The angular momentum is
transported efficiently by torques in such a massive disk (e.g.,
Pérez et al. 2016), keeping the mass ratio of disk and protostar
approximately constant at f; ~ 1/3 (e.g., Kratter et al. 2008).
We note that these density structures of rotating infall and
protostellar disks were developed by Zhang & Tan (2011)
and Zhang et al. (2013b, 2014) and were then used in radiative
transfer calculations for synthetic observations. However, in
this study, we only focus on the accretion history of forming
massive stars, and thus do not need the detailed structure of the
envelopes and disks, except for the opening angle of the
outflow cavity. Thus we do not expect the results to be very
sensitive to the choice of 3. as long as 3, < 1 so that the outer
core structure is quasi-spherical.

The properties of the protostar, such as luminosity, radius,
effective temperature, and their evolution are important to
evaluate the strength of feedback. In our study, the protostellar
evolution is calculated self-consistently, being adapted to the
accretion rate using the model of Hosokawa & Omukai (2009)
and Hosokawa et al. (2010; which is based on the method
developed by Stahler et al. 1980; Palla & Stahler 1991). Since
the typical mass accretion rate in massive star formation is
higher than that in low-mass star formation, the rate of entropy
carried into the star is also high. This leads to a large
protostellar radius of ~100R, before Kelvin—Helmholtz (KH)
contraction starts to be effective (Palla & Stahler 1991;
Hosokawa & Omukai 2009). This swelling causes lower
effective temperatures and lower ionizing photon rates than
those predicted by the ZAMS model at the same mass. The
evolution also depends on the geometry of the accretion flow,
i.e., spherical or disk accretion. The accretion geometry is
quasi-spherical when the expected disk radius r,; is smaller than
the stellar radius r,. In this case, a shock front is produced
when this flow hits the stellar surface and a fraction of the
released gravitational energy is advected into the stellar
interior, which is referred to as the “hot” shock boundary. On
the other hand, if 74 > r, the material accretes onto the stellar
surface through a geometrically thin-disk. In disk accretion,
much of the energy radiates away before the material settles
onto the star. In the limiting case the entropy carried into
the star can be assumed to be the same as the gas in the stellar
photosphere, which is referred as the ‘“cold” photospheric
boundary condition. In our model, the calculation starts from
the hot shock boundary and switches to the cold photospheric
boundary at rg = K.
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When the accreting material reaches the stellar surface, the
accretion energy of L,.. = Gmuydity,ec / (21) (in the case of disk
accretion) is released, where riy,..~ is the accretion rate onto
the star. Following previous works, we treat this accretion
luminosity and the intrinsic internal stellar luminosity as
radiating isotropically with a single effective temperature:
Lyace = Ly + Ly = 47rr>f UT;‘&CC, where o is the Stefan-
Boltzmann constant. Following Tanaka et al. (2016), we adopt
the stellar atmospheric model “Atlas” (Castelli & Kurucz 2004)
to obtain the stellar spectrum L,, yacc. Then the ionizing photon

. e} .
rate is evaluated as Syuec = f Ly, xacc (hv)~'dv. Due to line
VLy

absorption, the ionizing photon rate can be smaller by orders of
magnitude than that simply evaluated by integrating over a
blackbody spectrum, especially when Tiuee < 2 % 10 K.

~

2.2. Feedback Processes

The accretion rate onto the star is smaller than the collapse
rate given by Equation (1) because of feedback. It is necessary
to estimate the impact of feedback to obtain the final mass and
the SFE. Here we explain how we evaluate the feedback
processes and their effect on the accretion rate.

2.2.1. Outflow Driven by Momenta of MHD Disk Wind
and Radiation Pressure

The bipolar outflow sweeps up part of the core and thus
helps to set the SFE. We calculate the opening angle of the
outflow cavity 6. considering momenta of the MHD disk wind
and radiation pressure, i.e., p;,,° and p, 4. Zhang et al. (2014)
included MHD disk wind feedback using the model of Matzner
& McKee (2000). In this model, if the outflow momentum is
strong enough to accelerate the core material to its escape
speed, the outflow extends in that direction. We simply
extended this model including the additional term of the
radiation pressure: the following equation is satisfied at the
polar angle of 0 = O, (¢)

dM, ~_ dpg, (1) N dpraa (1)

Cg—vesc
dQ dQ dQ

) 3)
where () is the solid angle, vese = 2GM,. /R, is the escape
velocity from the core, and ¢, is a correction factor to account
for the effects of gravity on the propagation of the shocked
shell. Following Zhang et al. (2014), the angular distribution of
the core mass is assumed to be isotropic: dM, /dS) = M, /4,
even though in reality the core would be expected to flatten to
some degree by rotation and/or large-scale magnetic field
support. Based on the Appendix of Matzner & McKee (2000),
we estimate ¢, = 2.63 for our core set up.

The total MHD disk wind momentum p,, (¢) is evaluated by
integrating the momentum rate of the wind using a semi-
analytic disk wind solution that is modified from the
centrifugally driven MHD outflow model of Blandford &

5 The accretion rate onto the star is described as 11y in previous works (Zhang
& Tan 2011; Zhang et al. 2013b, 2014; Tanaka et al. 2016). However, fiyycc is
adopted in this study since the actual mass growth rate of the star is smaller
than this due to the mass loss by stellar wind, i.e., Hix = Figaee — Hisew-
 The subscript “w” was used to represent the MHD disk wind in previous
works (Zhang & Tan 2011; Zhang et al. 2013b, 2014; Tanaka et al. 2016).
However, “dw” is adopted in this study to distinguish with the new component
of stellar wind, which is described by ““w.”
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Payne (1982):

pdw ®) = ¢dwm*accVK*» )

_ ~1/2
Buy (1) = 4315, L=V )
In(ra/7%)
where viyx = JGmy/rx is the Keplerian speed at the stellar
radius, ¢, is the factor to measure the disk wind momentum in
terms of MyuecVkx (Tan & McKee 2002), fy, is the mass
loading rate of wind relative to the accretion rate onto the star
(see Zhang et al. 2013b, 2014, for derivation). We fix the mass
loading rate as f;, = 0.1 as a typical value of disk winds
(Konigl & Pudritz 2000). According to the results of our
evolution calculation, we find that the typical value of ¢, is
0.15-0.3. The angular distribution of the momentum of MHD
disk wind is described as (Matzner & McKee 1999; Shu
et al. 1995; Ostriker 1997)
47 dpy,, 1

P = — = R 6
e MR Ry TR YT ©

where 6, is a small angle, which is estimated to be 0.01, and

1 =cosf (please note that fo l Pdyp = 1). This angular

distribution of P(u) encapsulates the collimated nature of
MHD disk winds. As a result of some trapping by the core, the
actual disk wind mass-loss rate is smaller than fj, #ix,cc, Which
is the limiting value for a fully opened cavity. The fraction of
the mass of the wind that can escape from the outflow cavity,
Jaw,esc» 18 evaluated based on the fraction of the mass flow in the
directions 0 < 0 < 6. Zhang et al. (2014) derived fj, . to
be

fdw,esc (/u‘esc) = 7@

x lnl i +(1 - /r—*)f%“P(u)du],
7 rd 0
@)

where p . = cos Os.. Then, we have the MHD disk wind rate
as

Mgy = f;iwf;lw,esc Plsace- (8)

Note that this value is the mass-loading rate from the disk,
however, it is not the total mass-loss by the MHD disk wind
from the core. The momentum by the MHD disk wind (and
radiation pressure) sweeps up a large amount of gas from the
envelope creating the outflow cavity. As we will see in
Section 3, this outflow driven by the disk wind is the most
significant feedback.

In low-mass star formation, the MHD disk wind is the
dominant source of momentum feedback. Radiation pressure
becomes significant if the stellar mass reaches ~20M,,. The
momentum from radiation pressure p,,, is obtained by the
integral of the radiation pressure momentum injection rate
which is given by

) L
Prad (t) = ft‘rap ﬂ;aCC ’ (9)

where f;,, is a trapping factor accounting for the increment of
direct radiation pressure force by dust re-emission (Thompson
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et al. 2005; Murray et al. 2010; Murray et al. 2011). This
radiation by dust re-emission should be reduced significantly
by the pre-existing MHD outflow cavity (Krumholz et al. 2005;
Kuiper et al. 2015, 2016) and/or the RT instability (Krumholz
et al. 2009; Rosen et al. 2016). Therefore, in the implementa-
tion of our model in this paper the effect of dust re-emission is
ignored and only direct stellar radiation is considered, i.e.,
Jiap = 1. Therefore, since we are only considering direct stellar
radiation, the angular distribution of the radiation pressure
momentum is assumed to be isotropic: dp,,q/d€) = p,.q/4T.

Material in the envelope is swept-up by the momenta of
MHD wind and radiation pressure as the opening-up of the
outflow cavity. The mass-loss associated with this sweeping
process can be evaluated as

Mswp = _,[Lesc(t)(Mc - M*d(t))7 (10)

where the negative sign is chosen to make the mass-loss rate
positive since i, < 0 (see also Section 2.3). We note that it is
not straightforward to clearly distinguish the separate mass-loss
contributions here due to MHD disk wind and radiation
pressure since the momentum from these two feedback
mechanisms combine to open-up the outflow cavity. Below,
we will compare the mass-loss from the system by this
mechanism with that due to other feedback processes.

We also include the effect of shielding by the inner disk.
Since this inner disk shielding is efficient to overcome the
direct stellar radiation pressure, infall can always continue from
the disk shadow region (Tanaka & Nakamoto 2011; Kuiper
et al. 2012). Therefore, we limit the maximum opening angle
based on the aspect ratio of inner disk, i.e.,
Oesc.max = tan~'(H /r). We calculate the inner disk structure
with an a-disk model (Shakura & Sunyaev 1973) using the
pseudo-viscosity « parameter, which depends on self-gravita-
tional stability (Tanaka & Omukai 2014): o« — 0.01 if the disk
is stable with respect to self-gravity (the typical situation)
implying turbulence is driven by the magneto-rotational
instability; o« — 1 if the disk is marginally gravitationally
unstable implying angular-momentum transport is governed by
gravitational torques (but this case does not arise in our models
for the inner disk region of interest). Note that angular-
momentum transport by the disk wind is not explicitly
considered here in this calculation (although it was accounted
for in the larger scale disk structure calculations of Zhang et al.
2013b, 2014): one expects that its effects would be to change
the effective value of a. However, the disk scale height is not
very sensitive to , i.e., H oc &'/1° and thus we consider that
our estimate of the angular size of the shielded region is
reasonably well estimated by this method. The aspect ratio is
evaluated at the radius of » = 10r following McKee & Tan
(2008). Typically, the disk aspect ratio is about 0.1 and thus the
maximum opening angle is about 84°.

2.2.2. Dissipation of Envelope and Disk by Photoevaporation

The ionizing photon rate Sy, increases dramatically after
KH contraction starts, and the amount of ionizing photons
creates an H II region even during the accretion phase. Ionized
gas with high gas pressure can escape from the gravitational
binding of the protostellar core, i.e., photoevaporation. We
have derived a formula of the mass-loss rate by photoevapora-
tion based on a ray-tracing radiative transfer calculation
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(Tanaka et al. 2013), which is the updated version of the classic
analytic model by Hollenbach et al. (1994). However, Tanaka
et al. (2013) did not consider the effect of the dust grains since
it was applied to the case of primordial star formation. Here we
extended the photoevaporation model including the effect of
dust attenuation of ionizing photons.

The photoevaporation mass-loss rate Mpe is evaluated
contribution from both the upper and lower surfaces (Hollen-
bach et al. 1994; Tanaka et al. 2013),

. 7o (Mxq)
Mye =2 f 21 X~Ymgno () cx wdr, (11)
Tg

where r, is the gravitational radius inside which the ionized gas
is gravitationally bound, ry(Myq4) is the collapse radius inside
which the enclosing mass was originally equal to Myq(¢), no(r)
is the base density at the ionization boundary, and cy; is the
sound speed of the ionized gas. The gravitational radius in the
dust-free case is determined as the escape velocity becomes
comparable to ¢y, Tgdar = Gmyq(l — I‘e)/cﬁ us  Where
[, = 2.6 x 1073 (Lyace /Le) (/M) is the Eddington factor
for electron scattering (Hollenbach et al. 1994; McKee &
Tan 2008). On the other hand, the gravitational radius in the

dusty case can be evaluated as the dust-sublimation radius,

Teub = \/ KoxLyace /AT Kgup Tstb’ where Ty, is the dust-sublima-

tion temperature, which we set as 1400 K, and x4 and kg, are
the dust opacity for the stellar radiation and at the dust-
sublimation temperature, respectively. This is because radiation
pressure acting on dust grains assists the ionized gas to become
unbounded from the stellar (and disk) gravity especially when
photoevaporation occurs actively (=20M;). Therefore, we
evaluate the gravitational radius as r, = min(7g g, #up). The
outer boundary of integration in Equation (11) is chosen as the
collapse radius, considering the evaporation not only from the
protostellar disk but also from the infalling envelope.

The profile of the base density, ny(r), determines the total
photoevaporation rate (Equation (11)). In the dust-free case, the
radiative transfer calculation by Tanaka et al. (2013) showed
that the direct stellar radiation dominates at the ionization
boundary, and derived an analytic formula of ny(r) in the dust-
free case as

g 1/2

no(r) = cpe (ﬂ) , for r < rup, (12)
Araar3

where oy is the recombination coefficient for all levels (so-

called case A) and ¢y =~ 0.4 is the correction factor used to

match numerical results. In the dusty region, we extend this

formula including the absorption by dust grains as

Sxacce ™

172
no(r) = Cpe( 3 ) , for r > ryp, (13)

daar
where 74 is the optical depth caused by dust grains for ionizing
photons evaluated from the dust-sublimation radius, i.e.,

a= [ noHaadr, (14)

Tsub

and 0,4 is the absorption cross sections of dust grains per H
nucleon, which we fix at 107! cm~2 from a typical value of the
diffuse interstellar medium (Weingartner & Draine 2001; however,
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note that the properties of dust in the upper layers of accretion
disks around massive protostars are not well constrained). As we
will see in Section 3, dust attenuation of ionizing photons is
important for regulating the total photoevaporation rate. Using this
base density profile (Equations (12) and (13)), we obtain the
photoevaporation rate Mpe integrating Equation (11). Please note
that we calculate the temperature of the ionized gas based on the
protostellar spectrum and the gas density following Tanaka et al.
(2016): it is typically close to 10,000 K.

We note that our model is not a fully self-consistent
unification of MHD disk wind and photoevaporation feedback,
since neither the magneto-centrifugal acceleration of the
photoevaporation flow nor the photoionization mass-loading
of the MHD disk wind are considered. The Alfvén speed
decreases with distance as the Keplererian speed in the BP
wind solution, while the ionized gas sound speed remains
constant at ~10 km s~!. Therefore, the pure-MHD disk wind
should dominate in the inner region of r < 7,. On the other
hand, in the outer region where r > r,, the pure-photoeva-
porative process is expected to be most important. Addition-
ally, gas in the envelope rotates more slowly than Keplerian, so
a magneto-centrifugal wind is not expected to be efficiently
launched from this location. Thus, our model is expected to be
appropriate at both of the extreme ends of inner and outer radii.
Conventionally, those two flows are discussed separately.
However, in reality, the mass-loss by thermo- and magneto-
hydrodynamical processes occur together, and a unified model
is necessary for a more accurate treatment, which we defer to a
future paper. For more discussion about “magneto-photoeva-
poration,” see Bai et al. (2016), who studied the MHD disk
wind including far-UV /X-ray heating in protoplanetary disks.

2.2.3. Stellar Wind Mass-loss

The mass-loss via a stellar wind driven by radiative forces on
spectral lines is also considered in our model. Vink et al. (2011)
studied the stellar wind mass-loss rate up to my = 300M,
based on Monte Carlo radiative transfer models and dynami-
cally consistent spherical structure. They found two regimes of
stellar wind mass loss: one is the normal O-type wind regime
for I, < 0.7; the other is the extreme WR wind regime for
I, > 0.7. The mass-loss rate dramatically increases with I, and
they called this upturn at I, = 0.7 as the “kink.” We adopt a
stellar wind mass-loss rate as a function of stellar mass m, and
luminosity Ly, based on the fiducial results of Vink et al.
(2011):

m 0.7 I\
Mg = 6.3 X 10—7(—*) (087) Mg yr!, (15)

)

I, <0.7),

22
a= {4.77 T, > 0.7). (16)

This mass-loss rate is evaluated based on a fixed effective
temperature of 50,000 K. Petrov et al. (2016) have suggested
that the mass-loss rate would jump up about one order of
magnitude if the effective temperature is lower than 25,000 K.
However, our protostellar evolution calculation shows that the
effective temperature is always higher than 35,000 K when the
Eddington factor is higher than 0.4. Also the variation of mass-
loss rate with effective temperature is less than a factor of a few
in this high temperature range. Thus, the stellar wind mass-loss
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rate given by Equation (15) is a reasonable approximation for
our model, even ignoring the Zy,.. dependence. Indeed, we will
show that the stellar wind mass-loss has only a minor effect
compared to other feedback processes.

2.3. Net Accretion Rate onto Stars with Feedback

We have introduced estimations of the impact of multiple
feedback processes. We now evaluate the accretion rate of stars
given the effects of these kinds of feedback.

The total mass of the envelope at a certain moment is
Meny = o @) (M. — My4(2)). Taking the time-derivative of
M.y, We get

Menv = :uesc (Mc - M*d) - :uescM*d
= _Mswp — /LescM*d‘ (17)

The first term on the right-hand side is the sweeping rate by the
opening-up of the outflow cavity created by the momenta of the
MHD disk wind and radiation pressure (Equation (10)). The
second term represents the infall rate onto the star-disk system.
From mass conservation in the infalling flow, we have

ﬂesch* = m* + n.’l*w + md + mdw + Mpe, (18)

where m,; is the mass growth rate of the disk (see also
Figure 1). Note that, due to the stellar wind mass-loss, the net
accretion rate, or the stellar-mass growth rate, is smaller than
the accretion rate onto the star,

iy = m*acc — Nlgy. (19)

Following our previous study, the mass ratio of disk and star is
assumed to be constant at f; = my/my = 1/3 by the self-
gravitational-torque regulation (e.g., Kratter et al. 2008), and
thus the disk mass growth rate is ri1g = f;my. Using also
Equation (8), the net mass growth rate of the star is

_ :uescM*d - Mpe - (1 +fdwfc‘lw,esc)m*w
1 +fd +f;1wf(‘1w,esc

All quantities are time variable except f; and f},. Eliminating
the terms with Mpe and iy, this equation is identical to that in
Zhang et al. (2014). Feedback by radiation pressure does not
appear explicitly in Equation (20); however, it increases the
opening angle fes. and escape fraction fy, .-

We continue the protostellar evolution calculation as long as
my(t) > 0, i.e., the stellar mass increases, and determine the
stellar mass at the moment of 71, = O as the final mass when it
forms myy. Note that, since the outflow opening angle has a
limit set by the disk shielding effect, the outflow from the MHD
disk wind and radiation pressure cannot stop mass accretion
completely, i.e., p.. > 0. Therefore, the accretion finishes
when (1) mass-loss by photoevaporation and stellar wind is
significant, or (2) the entire core collapses, i.e., Myq = M.. We
define the instantaneous SFE as the ratio of net accretion rate to
infall rate without feedback, i.e., ex(t) = ritx(t) /Msq (t), and
otherwise use “SFE” to refer to the ratio of the final stellar mass
when the accretion stops to the initial core mass, i.e.,
E«f = mxr/M.. The instantaneous SFE is important since it
is, in principle, observable for individual protostellar systems.
For example, Zhang et al. (2016) measured the detailed
structure of the HH46/47 molecular outflow using Atacama
Large Millimeter/sub-millimeter Array (ALMA), and reported

(20)
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the instantaneous SFE to be 1/4-1/3. However, here, we focus
mainly on the final SFE rather than the instantaneous SFE to
discuss the relation between the CMF and IMF (Section 4.2).
Note that the disk mass is so far ignored in the evaluation of
the final stellar mass. However, some amount of disk accretion
would still be able to continue even after the entire core
collapses. The accretion rate is expected to decline as the disk
mass to stellar mass ratio drops and self-gravitational torques
become less effective. We expect that such a lower accretion
rate disk would be more readily dissipated by photoevaporation
and/or radiation pressure. However, the fraction of the disk
mass that finally accretes onto the star is uncertain because the
actual angular-momentum transport processes are uncertain at
this stage. Therefore, for simplicity, we ignore the disk mass in
the SFE evaluation and note that the actual SFE may be
underestimated by up to a factor of 1 4 f;, — 4/3.

2.4. Primordial Star Formation

Although the main purpose of this paper is the study of
feedback in massive star formation in the present-day universe,
we also apply the same feedback model to primordial star
formation in the early universe for comparison and demonstra-
tion of our model. Here we describe modifications of the
present-day massive star formation model for its application to
primordial star formation. These modifications follow the
methods of Tan & McKee (2004), Tan & Blackman (2004),
and McKee & Tan (2008) for primordial star formation.

Tan & McKee (2004) predicted the evolution of the mass
infall rate, accretion disk structure, and protostellar evolution
associated with primordial star formation. We use the results of
Tan & McKee (2004) for the infall rate and disk evolution. The
infall rate excluding effects of feedback is given by

(O]

-3/7
Mg (t) = 0.026K’15/7(M) M, yr. 1)

Here K’ is the entropy parameter of the polytropic equation of
state of the cloud; larger values of K’ correspond to denser gas
cores. In this study, the entropy parameter is fixed at the
fiducial value of K’ = 1.

The above infalling rate replaces that of Equation (1) that is
used to model present-day star formation. It is interesting that
the typical infall rates in primordial star formation and present-
day massive star formation are coincidentally of the same
order. The high accretion rate in the primordial case is induced
by the high gas temperature in the core due to inefficient
cooling at zero metallicity, while for the present-day case the
high turbulence and strong magnetic fields enhance the
effective pressure of cores leading to their high accretion rates.

Based on the conservation of angular momentum from the
sonic point to the outer radius of disk, the disk radius around
Pop III protostars is evaluated as

2 9/17
14 (f) = 3.44K'-10/7 Jrep | ( Msa®) au, (22)
0.5 M,

where f., is a angular-momentum parameter of infalling gas,
which is fixed at the fiducial value of 0.5 (Abel et al. 2002; Tan
& McKee 2004).

As in the case of present-day massive star formation,
protostellar evolution is calculated self-consistently adapted to
the accretion rate using the code developed by Hosokawa &
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Omukai (2009) and Hosokawa et al. (2010), except the opacity
is modified for zero metallicity. As a result of similar accretion
rates of 1073 M, yr~—!, the evolution of primordial protostars is
expected to resemble that of present-day massive protostars
(Omukai & Palla 2001, 2003). The main difference of
protostellar evolution is that stellar radius in the main-sequence
phase is smaller at zero metallicity than that at solar metallicity.
This is because, due to the lack of C and N, the KH contraction
continues until the temperature becomes high enough for small
amounts of carbon to be produced by He burning, which then
enables the operation of the CNO cycle. For more details of
comparison of protostellar evolution in zero and solar
metallicities, see Section 3.4 of Hosokawa & Omukai (2009).

For our modeling, we also update the stellar spectrum
appropriate for the case of zero metallicity (Schaerer 2002) in
order to evaluate the ionizing photon rate. This leads to higher
ionizing photon luminosities for a given temperature due to a
lack of metal line absorption.

The feedback model also needs some modifications to apply
to primordial star formation. In the outflow feedback, we
neglect the momentum by radiation pressure, i.e., p,q = 0 in
Equation (3), since there are no dust grains. Following Tan &
Blackman (2004), we do include the MHD disk wind
momentum, since the MHD disk wind could be driven by the
disk-dynamo generated magnetic field. Due to the different
density profile inside the core, the correction factor accounting
for effects of gravity on shock propagation is ¢, ~ 4.6. The
escape velocity is evaluated by
Vese.e = 3.22K"3/T(Myq/1000M,)~"/7 km s~! (Tan & Black-
man 2004). In the photoevaporation feedback calculation, dust
attenuation is set to zero, 7y = 0. This means photoevaporation
is more efficient in primordial star formation. Finally, we
neglect the stellar wind mass loss (i.e., iy = 0), which is
mainly driven by the metal lines.

3. RESULTS

In this section, we first present the general evolution of
massive formation by core accretion. Then, we examine details
of the individual feedback process. Next, we show the results
of primordial star formation to demonstrate the effect of
metallicity. Finally, we show the obtained SFE for various
initial cores.

3.1. Accretion History and Protostellar Evolution

Figure 2 shows results of our modeling of present-day
protostars  forming from cores with initial mass
M, = 1000 M, Three different clump mass surface densities
are considered.

First, consider the case with X = 1 g cm~2. As the infall
rate increases (Figure 2(a)), the net accretion rate also increases
to 2 x 1073 M, yr~! until the stellar mass reaches 170 M, (at
t = 1.35 x 10° year). Then the accretion rate drops, finally
stopping at 285 M, (¢t = 2.64 x 10° year). The decline of
accretion is mainly caused by the opening-up of the outflow
cavity (Figure 2(b)) given the increasing momentum of the disk
wind and from radiation pressure (Figure 2(c)), rather than by
mass-loss by photoevaporation or via the stellar wind
(Figure 2(d)). It is clearly seen that the outflow sweeping rate
is orders of magnitude higher than other mass-loss rates in
Figure 2(d), which indicates the MHD outflow, assisted by
radiation pressure, is the most dominant feedback process. The
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MHD disk wind always dominates total momentum; however,
the radiation pressure can also give significant assistance to
open-up the outflow cavity (see Section 3.2.1 for more details).
Mass-loss by  photoevaporation  quickly  rises to
~107> M, yr~! when the stellar mass is about 15M,, and
then increases to ~10~* M, gradually after that. However, the
photoevaporation mass-loss rate reaches a maximum of about
10~* M, yr~!, which is never enough to shut down accretion.
Mass-loss by the stellar wind is even smaller than that from
photoevaporation (thus, the accretion rate onto the star is
almost equal to the net accretion rate, i.€., Hlyyee = Hix).
Therefore, mass accretion only finishes when the entire initial
core  collapses. The SFE in  this case is
Eys = 285M;, /1000M;;, = 0.285. Please recall that our evalua-
tion of the final mass ignores the disk mass, and this SFE is the
minimum estimation with the maximum error of Ay = 0.095
(Section 2.3).

The evolution of protostellar properties are shown in the
right panels of Figure 2. At around my = 8M, the stellar
radius (Figure 2(e)) suddenly increases by a factor of three
which is due to the redistribution of entropy in the protostar
(Hosokawa & Omukai 2009; Hosokawa et al. 2010). The
protostar reaches the local maximum radius of 30 R, at
my = 11 M. Until this time the total luminosity (Figure 2(f))
is dominated by accretion luminosity, i.e., the total luminin-
osity is significantly larger than the ZAMS luminosity. The
effective temperature of the protostar (Figure 2(g)) is relatively
low due to this large stellar radius. Therefore the ionizing
photon rate (Figure 2(h)), which is very sensitive to the
effective temperature, is lower than that of ZAMS model by
about five orders of magnitude.

At later times and greater masses the protostar undergoes KH
contraction and approaches the main-sequence structure. The
effective temperature increases to 45,000 K, and thus the
ionizing photon rate also dramatically rises leading to the start
of significant photoevaporation. The star evolves almost along
the ZAMS line at the mass range of 30-100 M,,. Then, the
stellar radius again becomes slightly larger than the ZAMS
model. This deviation is related to the metal opacity near the
stellar surface and the high accretion rate of 1073 M, yr~! (see
Ishii et al. 1999; Grifener et al. 2012). We note that this small
deviation from the ZAMS has little effect on the significance of
feedback and on the final stellar mass.

Next, we consider the cases of 1000 M, cores in lower mass
surface density environments, i.e., protostars with lower
accretion rates (see green and orange lines in Figure 2). We
find that the impact of radiation feedback becomes more
significant. The momentum input due to radiation pressure at a
given stellar mass is higher in the lower ¥ cases, while the
MHD disk wind momentum is almost identical for all cases.
Due to this higher radiation pressure momentum, the outflow
opens up at lower masses in these lower X cases.
Photoevaporation also has a larger impact since the accretion
rate is lower. Especially in the case of ¥y = 0.1 g cm™2,
photoevaporation shuts down mass accretion before the entire
core collapses, i.e., Myg < M.. In this way, the relative
importance of radiative feedback becomes higher and results
in lower SFE, ie., &g =0.29, 0.18 and 0.087 for
¥ =1, 0.316 and 0.1 g cm~2, respectively.

The phases of protostellar evolution are shifted to lower
stellar masses for the lower Y cases because of their lower
accretion rates, which thus mean it takes a longer time for the
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Figure 2. Evolution of protostellar and feedback properties as functions of the protostellar mass m, for the initial core mass of M, = 1000 M and
Yq =0.1, 0.316, and 1 g cm2 (orange, green, and blue lines, respectively). The panels show (a) net accretion rate, ri1x; (b) outflow cavity opening angle, fesc; (c)
momenta of MHD disk wind, py,, (solid), and radiation pressure, p,,4 (dashed); (d) outflow sweeping rate, Mswp (solid), photoevaporation mass-loss rate, Mpe (dashed),
and stellar wind mass-loss rate, i, (dotted); (e) stellar radius, #; (f) effective temperature, Tiacc; () total luminosity, Lyacc; (h) ionizing photon rate, Sx,cc. In the right-
hand panels, the ZAMS properties are also plotted by a black dash (Schaller et al. 1992) and dotted (Ekstrom et al. 2012) lines.

protostars to reach a given mass. However, after the KH
contraction phase, the protostellar evolution following the
ZAMS structure very closely in all cases, at least up
to ~100 M.

3.2. Individual Feedback Processes

Here we describe results concerning each feedback process
included in the modeling.

3.2.1. MHD Disk Wind and Radiation Pressure Driven Outflows

The outflow in our model is driven by the momenta of the
MHD disk wind and by radiation pressure. As we have seen,
the total momentum is dominated by the MHD disk wind.
However, radiation pressure also plays a role in helping to open
up the outflow cavities, since it acts more isotropically than the
collimated disk wind.

Figure 3(a) shows the evolution of net accretion rates as the
protostars grow in mass for models with M, = 1000M,, and
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Figure 3. (a) Accretion rate history as a function of protostellar mass for full
feedback models with M, = 1000M, and Xy = 0.1, 0.316 and 1 g cm~2
(orange, green and blue solid lines, respectively). The results of these cases
with no feedback (dotted) and those with only MHD disk wind feedback
(dashed) are also shown. (b) Evolution of the mass-loss rate from the envelope
due to outflow sweeping, i.e., opening-up of the outflow cavity, for the same
full feedback and only MHD disk wind feedback models. (c) Evolution of the
outflow opening angle 6., for the same full feedback and only MHD disk wind
feedback models. (d) Evolution of the ratio of momenta from radiation pressure
and from the MHD disk wind at e = 84°, ie.,
(dpy/ A /(dpgy/ AV lpse=s40, for the same full feedback models shown
above.
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Y = 0.1, 0.316, and 1 g cm~2. For comparison, the results
with only MHD disk wind feedback and those with no
feedback are also shown. For the case of ¥ = 1 g cm~2 with
no feedback, the SFE is unity and thus the stellar mass can
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reach the core mass of 1000 M. Including MHD disk wind
feedback, the accretion rate is lowered due to the outflow and
accretion stops at my = 470 M. In the case of all feedback,
accretion drops significantly after my ~ 200 M, and is finished
by my = 285M;. The plateau of the accretion rate around
250 M, is caused by disk shielding. The SFE including all
feedback (£xr = 0.285) is reduced compared to that resulting
with only MHD disk wind feedback (4 = 0.470). As
described above, the mass loss by photoevaporation and stellar
wind is not very significant, and the decline of SFE is mainly
due to the radiation pressure and its effect on opening up the
outflow cavity.

Figure 3(b) shows the evolution of the mass-loss rates from
the envelope due to outflow sweeping, i.e., opening-up of the
outflow cavity. When my < 100M,,, the full feedback models
are similar to the only MHD disk wind models. However, in the
higher mass regime, the sweeping rate in the full feedback
model becomes higher than that in the only MHD disk wind
model and then quickly drops off. This phenomenon shows that
the outflow cavity opening rate is enhanced by radiation
pressure and more quickly reaches the limit set by disk
shielding. This can be also seen in Figure 3(c): the cavity
opening in the full feedback models accelerates when O
reaches about 30°.

The MHD disk wind dominates the total momentum,
however, its angular distribution is highly collimated near the
outflow axis (Equation (6)). On the other hand, the radiation
pressure is modeled as having an isotropic momentum
distribution. Therefore, while the MHD disk wind initially
creates the outflow cavity, radiation pressure has a significant
impact in making it wider. Figure 3(d) shows the ratio of
momenta due to radiation pressure and the MHD disk wind at
an angle of 6 = 84° (close to the maximum angle allowed
given disk shielding). In the case of X =1¢ cm—2, the
contribution of radiation pressure becomes similar to that of the
disk wind at around 200 M, which causes the accretion rate to
start falling. This reduction of accretion rate also leads to the
decline of the momentum rate by the disk wind since it is
accretion powered (Equation (4)), and the relative importance
of radiation pressure increases even more. In the cases of lower
>, the radiation pressure has a larger impact, starting to
dominate at lower stellar masses. This is because the lower X
leads to lower accretion rates and lower momentum injection
rates from the disk wind, while the radiation pressure does not
strongly depends on the accretion rate. In this way, radiation
pressure has an important impact on the decline of SFE even
though the MHD disk wind dominates the total outflow
momentum.

3.2.2. Mass Loss by Photoevaporation

In the models shown in Section 3.1, photoevaporation is not
a significant feedback in setting the SFE, even when
my > 100 M, since the photoevaporation mass-loss rate is
only ~10~* M, yr~! at its maximum, while the accretion rate
is >1073 M, yr~!. Here we show the importance of dust
attenuation of ionizing photons in the reduction of photo-
evaporation feedback.

The calculation of the photoevaporation mass-loss rate in our
model includes the effect of dust attenuation on the propagation
of ionizing photons wusing the optical depth 74(r)
(Section 2.2.2). To measure the effect of dust attenuation, we
introduce a characteristic optical depth of the system as
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Figure 4. The characteristic optical depth 73 (top) and photoevaporation mass-
loss rate (bottom) as functions of ionizing photon production rate for models
with M, = 1000 M, and ¥ = 0.1, 0.316 and 1 g cm~? (orange, green and
blue lines, respectively). In the bottom panel, hypothetical photoevaporation
mass-loss rates that are evaluated ignoring dust attenuation are also plotted
(dashed lines).

50

Tq = 0y.an0 (Fup) Teup. Note that, as we will see in Section 4.1,
this characteristic optical depth is not exactly the same as the
total optical depth of the flow 74 (0c0), however it gives a good
indication of the optically thin/thick boundary and well
represents the effect of dust attenuation. In Figure 4 we show
the characteristic optical depth 73 and the photoevaporation
mass-loss rate as functions of ionizing photon production rate
for models with M, = 1000 M. It can be seen that the
characteristic optical depth increases with Sy, and Mpe, and

reaches the optically thick regime when
Mpe ~ 2 x 1079 M, yr~!, which is much smaller than the

typical infall rate. Even in the optically thick regime, the
photoevaporation mass-loss rate still increases with Siacc,
however it does not reach ~1073 M., yr~!, which is needed to
be a significant feedback effect.

In the bottom panel of Figure 4, to illustrate the importance
of dust attenuation on the photoevaporation mass-loss rate, we
also plot hypothetical rates Mpe,rd:(), which are evaluated
neglecting dust attenuation, i.e., assuming 74(r) = 0. In the
optically thin regime with 7g < 1, the rates with and without
dust attenuation are similar. However, in the optically thick
regime with 7y > 1, the actual photoevaporation mass-loss rate
becomes much smaller than MPe,Td:O. As we discuss in
Section 4.1, we find that the reduction of photoevaporation
mass-loss rate by dust attenuation can be approximately
described as Mpe /Mpe -,—o ~ 1/% in the case of % > 1. The
reduction factor becomes more than one order of magnitude at
high ionizing photon rates of >10%° s~!, when the hypothetical
mass-loss rate without dust attenuation would exceed a few
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Figure 5. The stellar wind mass-loss rate (top) and the Eddington factor, I,
(bottom), as functions of protostellar mass, m,, for models with
M, = 1000 M, and Xy = 0.1, 0.316 and 1 g cm 2 (orange, green and blue
lines, respectively). In the bottom panel, the Eddington factor evaluated for the
ZAMS model (Ekstrom et al. 2012) is shown by the dotted line, and the critical
value of 0.7 is indicated by the horizontal dashed line.

100

300

x 10~ M, yr~!. Thus, dust attenuation is very important in
limiting the impact of photoevaporation feedback in present-
day massive star formation.

3.2.3. Mass Loss by Stellar Winds

Mass-loss via stellar winds is a minor effect compared with
other processes. Figure 5 shows the stellar wind mass-loss rate
and the Eddington factor I, as functions of protostellar mass
from results of models with M. = 1000 M. The stellar wind
mass-loss rate is about 107> M., yr~! even at my = 250 M,
which is much smaller than typical values of accretion rate and
photoevaporation rate. The obtained Eddington factor with
protostellar evolution calculation is slightly higher than that
from the ZAMS model. However, it is not high enough to reach
the critical “kink” value of I, = 0.7, above which the mass-loss
rate dramatically increases (Vink et al. 2011). Therefore, we
conclude that mass-loss by stellar winds is not a significant
feedback effect for setting the SFE.

Note that the momentum input from the stellar wind has
been ignored in our estimation of the outflow opening angle.
The stellar wind momentum rate can be evaluated as
Doy ™ Mgy Vese, Where  Viee = 2Gmy(1 — L) /1y is the
escape velocity from the stellar surface. We find that the stellar
wind momentum is at most 10% of the radiation pressure
component, and no more than about 1% of the MHD disk wind
component. We thus expect that the stellar wind would anyway
be confined and collimated by the MHD disk wind, so would
not significantly impact the opening of the outflow cavity.
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Figure 6. Comparison of primordial star formation (K’ = 1, orange lines) and present-day massive star formation (M, = 1000 M, and £ = 1 g cm~2, blue lines):

(a) net accretion rates, riy; (b) photoevaporation mass-loss rates, Mpe; (c) stellar radii, r; (d) ionizing photon production rates, Skacc. In panels (c) and (d), the ZAMS
models are also shown for reference: black dashed lines for zero metallicity (Schaerer 2002) and black dotted lines for solar metallicity (Ekstrom et al. 2012).

3.3. Primordial Star Formation

We apply our model also for the case of primordial star
formation, which gives a limiting case for the effects of
metallicity on massive star formation feedback (Section 2.4).
Figure 6 shows the comparison of primordial star formation
(K"=1) and present-day massive star formation
(M. = 1000 M, and ¥ = 1 g cm~2). Due to differences of
core density structure, the evolution of the accretion rate is
different: the accretion rate decreases with time in primordial
star formation, while it increases in present-day massive star
formation (see Figure 6(a) and Equations (1) and (21)).
Therefore, differences between the cases are not only due to
metallicity. However, since the accretion rates are in fact quite
similar at ~1073M,, yr~! when the protostar has ~30 M, an
approximate comparison to see the effects of metallicity is
possible.

We find that accretion stops at 44.4 M., in the primordial
case with K/ = 1, which is a much lower mass than we found
for the present-day case with M, = 1000 M, and
Y =1 gem™2. The main reason for this is the high
photoevaporation mass-loss rate from the primordial protostar
(Figure 6(b)). As described in Section 3.2.2, dust attenuation of
ionizing photon strongly regulates the photoevaporation mass-
loss rate to be <107*M,, yr~! at solar metallicity. However, at
zero metallicity the photoevaporation mass-loss rate can
reach ~1073 M, yr—'.

One may suppose that this difference of photoevaporation
mass-loss rate in the zero and solar metallicity cases is also
related to differences in protostellar evolution and the stellar
spectra. As described in Section 2.4, the primordial protostar
contracts to a smaller ZAMS structure than the solar metallicity
protostar because of its initial lack of heavy elements. The
evolution of stellar radii is shown in Figure 6(c), showing that
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the primordial protostar contracts to a smaller size after
my ~ 30 M. This smaller radius causes higher effective
temperatures and thus higher ionizing photon production rates
(also aided by the lack of metal line absorption in the stellar
atmosphere). However, these differences do not dramatically
increase the ionizing photon rate at zero metallicity
(Figure 6(d)). When my < 10 Mg, the ionizing photon rate is
higher at zero metallicity than that at solar metallicity, because
of higher accretion rates and luminosities in this earlier phase
(Figure 6(a)). At the higher mass range of my = 20 M., the
difference of ionizing photon rates by metallicity becomes
modest (indeed, the solar metallicity case has even slightly
higher ionizing photon production rates at 15-30 M., due to its
smaller radius during this phase). The ionizing photon
production rate difference is less than a factor of three at
my ~ 40 M., which is not enough to explain the one order of
magnitude difference in photoevaporation mass-loss rate (see
bottom panel of Figure 4 and Equation (13)). Therefore, we
conclude that dust attenuation of ionizing photons is the most
significant effect controlling the metallicity dependence of
photoevaporation mass-loss rates.

Our model finds a smaller final stellar mass of 44 M, than
the study of McKee & Tan (2008), who found 140M,, for the
K’ =1 case. The main difference is that we have included
MHD disk wind feedback. As we have seen in the case of
present-day massive star formation, the MHD disk wind is the
dominant feedback in the low-mass regime. This reduction of
accretion rate at lower masses results in an earlier start of KH
contraction and thus of effective photoevaporation feedback.
Another difference also results from our updated protostellar
evolution calculation and photoevaporation model compared
with that of McKee & Tan (2008). For protostellar evolution,
we use a detailed protostellar structure calculation code, which
tends to predict a smaller protostellar size: e.g., at my = 30 M,
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Figure 7. SFE, &4y = mys /M., for various models of present-day massive (and intermediate-mass) star formation as functions of final protostellar masses, ms (left),
and as functions of initial core radii, R, (right). The solid lines indicate SFEs from the fiducial full feedback models for cores in different clump mass surface density
environments, as labelled. In the left panel, the dashed lines show SFEs evaluated with only MHD disk wind feedback for comparison (note that these models have not
been computed for the highest X cases; see the text). The dotted lines show the fitting plots (left: Equations (31) and (32), and right: Equation (23)).

the model of McKee & Tan (2008) had rix ~ 20 R, (see Figure
2 of Tan & McKee 2008), while we now estimate r, ~ 10 R,
For the photoevaporation calculation, we adopt the model by
Tanaka et al. (2013), who showed the importance of
photoevaporation from the outer region based on an accurate
radiative transfer calculation, while the analytic Hollenbach
et al. (1994) model suggested the mass-loss rate is dominated
by the region close to the inner gravitational radius r,.
Including mass loss from the outer region, including also the
collapsing envelope that is exposed by the outflow cavity, the
photoevaporation rate can be higher by a factor of
(R:/ry)*> ~ 10 than the Hollenbach et al. model (Tanaka
et al. 2013). These differences lead to an enhancement of
feedback compared to the study of McKee & Tan (2008) and
result in a smaller final mass than found in their model.

3.4. Star Formation Efficiency

Now we return to the case of present-day massive star
formation and explore how the SFE, g, depends on core mass,
M., and ambient clump mass surface density, . The left
panel of Figure 7 shows SFEs for ¥, = 0.1-3.16 g cm~? as
functions of final protostellar mass, mxy, i.€., when accretion
stops. The SFE with only MHD disk wind feedback has a weak
dependance on myy, with values of ~0.3-0.5, similar to the
results of Matzner & McKee (2000) and Zhang et al. (2014).
Note that for the highest > case, we have not run the MHD
disk wind only cases since their very high accretion rates lead
to protostellar structures that are difficult to model numerically
with our adopted protostellar evolution code. On the other
hand, the SFE in the models with radiation feedback decreases
quite strongly with the final stellar mass for all 3 cases. The
deviation from the MHD disk wind only case is small if the
final stellar mass is less than 10 M. The SFE becomes much
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smaller as my, increases, since radiative feedback grows
strongly with stellar mass. The results of ¥y = 0.1 g cm~?
shows the strongest impact of radiative feedback. In this case,
the SFE is only 0.1 or less when forming 2100 M, stars. On
the other hand, for higher >, as we have seen in Section 3.1,
the impact of radiative feedback is smaller due to the higher
accretion rates. The dominant feedback mechanism for setting
SFEs is the MHD disk wind for ¥ 2> 0.3 g cm~2, even in the
formation of very massive stars.

The right panel of Figure 7 shows the SFEs as functions of
initial core radii, R.. We see that more compact cores result in
higher SFE. Interestingly, all of our models with full feedback
can be fitted by a single power law of

~0.39
By =~ 0.31 R ,
‘ 0.1 pc

within an error of 35%. This simple fitting formula is
a convenient analytic result that can be applied as a sub-grid
model to large-scale simulations of star formation that resolve
formation of massive pre-stellar cores (note that this result
applies to cores from 10 M, to ~103 M_).

(23)

4. DISCUSSION

First, we summarize the relative importance of different
feedback mechanisms in Section 4.1. Then we discuss the
potential impact of radiation feedback on shaping the high-
mass end of the IMF in Section 4.2. Next we consider the
metallicity dependence of massive star formation in Section 4.3.
Finally, we note the caveats and limitations of our modeling in
Section 4.4.
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4.1. Relative Importance of Feedback Processes

We have studied multiple feedback mechanisms, i.e., MHD
disk wind, radiation pressure, photoevaporation, and stellar
wind, during star formation via core accretion. We find that for
present-day massive star formation at solar metallicity the
MHD disk wind plays a dominant role not only in low-mass
star formation but also in massive star formation.

In simple spherical core collapse radiation pressure acting on
dusty infall stops formation of massive star formation for
my 2 20M. However, in non-spherical disk accretion, the
optically thick inner region shields outer equatorial zone
accretion. Additionally, the MHD disk wind outflow cavity
effectively reduces the effects of radiation pressure by dust re-
emission, i.e., wap == 1. Using Equations (4) and (9), we can
compare the momentum injection rates from the MHD disk
wind and from radiation pressure:

1.8 . -1
Mx Macex
SOM@) (103M® yrl) '

Here we use the luminosity and radius of the ZAMS model
(Schaller et al. 1992) and adopt ¢, = 0.2 from our results (see
also Zhang et al. 2014). As seen from this evaluation, the MHD
disk wind momentum injection rate is much higher than that
from radiation pressure even for my = 100 M. However, as
described in Section 3.2.1, the MHD disk wind is collimated
while the stellar radiation acts isotropically. Considering the
angular distribution of momenta (Equation (6)), we obtain the

following relation,
. . 1.8
dprad /dpdw ~ 0.2 M
e 50 M.,
" -1
% accx )
(10_3 M@ yI‘_l )

d<Q dQ)

It can be seen that the component of radiation pressure is not
negligible at large angles 6 away from the outflow axis. Also,
these equations indicate that the contribution of radiation
pressure is higher at lower accretion rates, i.e., lower ¥ cases.
The accretion rate also becomes smaller when the outflow
cavity opens up, which enhances the importance of p,,;. In this
way, the MHD disk wind supplies a large measure of
momentum to create the outflow, and the radiation pressure
assists to open up the cavity and help set the SFE.

As shown in Section 3.2.2, the photoevaporation mass-loss
rate is regulated by dust attenuation of ionizing photons and is a
relatively minor feedback process, unlike in the case of
primordial star formation. Of course, dust attenuation only
occurs in the region where dust survives, i.e., ¥ > ryyp. For this
region, assuming a constant recombination rate aa, we can
derive a simple differential equation from Equations (13) and
(14):

Praa
pdw

~ 0.03( (24)

(25)

de (}")

= Oa,dMsubX ! 'Sede/za
dr

(26)

where ng,, = no(ryp) 1s the base density of the photoevapora-
tion flow at the dust-sublimation front, and x = r/ry is a
dimensionless radius. This equation has an analytic solution of

7a(r) =2In{1 + % (1 — x99}, 27)
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no(r) = (28)

The characteristic optical depth of the system 7y, which also
appears in Section 3.2.2, is evaluated as

S*acc

120 —1/2
4~ 100 sub ) ,
¢ (105‘) s") (30 au

from Equation (12) and assuming an ionized gas temperature of
10* K. This solution is consistent with the dust-free case in the
limit of 73 — 0. Considering limits of a far distance of x > 1,
we see basic features of the effects of dust attenuation, i.e.,
Ta — 2In(1 + %) and ny — ngwx /(1 + %). The photo-
evaporation flow reaches optically thick conditions, i.e., 7y = 1,
when the characteristic optical depth reaches 73 ~ 0.7.
However, in the optically thick limit of 73 > 1, the total
optical depth converges to 2In7y, which is smaller than 7.
Thus, the suppression of base density ng is not as strong as the
exponent of e~ and involves only a factor of 7. Due to this
suppression of photoionization, the total evaporation rate is
also regulated to Mpe/Mpe r,—0 ~ 1/%4 since the evaporation
rate is proportional to ny (Equation (11)). In this manner, dust
attenuation of ionizing photons regulates the mass-loss rate by
photoevaporation when 74 2 1.

The stellar wind is found to be the weakest feedback process
in our model. Please note that we have not explicitly considered
the momentum injection from the wind, since it is always sub-
dominant compared to the MHD disk wind and radiation
pressure and would be confined along a narrow region of the
outflow axis.

The Eddington factor I, evaluated by our protostellar
calculation is typically higher than that of the ZAMS case,
however it is still smaller than the critical value of 0.7 to initiate
the extreme wind mass-loss regime (Figure 5). Moreover, even
assuming the maximum Eddington factor of I, =1 in
Equation (15), the stellar wind mass-loss rate is lower than
10*M,, yr—! at 100M,. Therefore, we conclude that the stellar
wind is not important during the protostellar accretion phase.
Note, however, that during evolution after the mass accretion
phase over timescales of ~Myr, the stellar wind has an
important effect leading to significant mass-loss.

To conclude, in massive star formation by core accretion, we
find that the MHD disk wind is the most important feedback
mechanism, radiation pressure assists the opening-up of the
outflow cavity to wide angles, photoevaporation is regulated by
the dust attenuation and is thus of minor importance, and stellar
wind mass-loss has a very minor effect during the accretion
phase. In the sense that the bipolar MHD-driven outflow is the
most significant feedback, massive star formation resembles
low-mass star formation; however, SFEs can be significantly
reduced by the action of radiative feedback.

(29)

4.2. Implications for the High-mass End of the IMF

As we have seen, radiative feedback can significantly reduce
SFE for the formation of very massive stars. Considering the
stellar IMF to be the result of a multiplicative combination of
the CMF and SFE, we can expect that the effects of radiative
feedback may be seen in the high-mass end of the IMF. While
the MHD disk wind only feedback sets an SFE, which depends
only weakly on the initial core mass, the full model including
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radiative feedback yields smaller SFEs for higher core masses,
M. (Figure 7). Potentially, this could induce a steepening of the
IMF at the highest masses and if this is steep enough it may
appear as an apparent truncation. Using the obtained SFE, we
can relate the IMF to the CMF. We introduce the exponent of
¢’ = dInéys/d InM,. If the CMF is a power-law distribution
of dA'/dInM, x M, and the exponent of ¢’ is constant,
then the IMF would be

e

—ac/(1+¢€")
dIn My

o< My

(30)

(Nakano et al. 1995; Matzner & McKee 2000). The SFEs for
massive cores with M, = 10-3000 M, and ¥, = 0.1 —
3.16 g cm~2 obtained by our model are well fitted by

E./
-0.35
e~ —0.115(%) : (32)
gcm

within an error of 15%. Then, the power-law exponent of the
IMF at >10M, is estimated as —1.13c, in clumps with
¥ = 1 g cm~2. Assuming an initial CMF slope of o, = 2.35,
i.e., the same as the Salpeter IMF (Salpeter 1955), the total
number of stars with 10-100 M, is smaller than than that
simply expected from the CMF slope by about
11(Zq/g cm2793% due to MHD disk wind and radiative
feedback. However, this reduction of massive stars is too small
(the reduction factor is about 55% for the mass range
of 100-300 M) to explain the cut-off at 150 M, reported for
the Arches cluster (Figer 2005). Thus we conclude that the
high-mass end of IMF, especially its potential truncation at
masses ~150-300 M, is mainly determined by the pre-stellar
CMF rather than by feedback.

4.3. Radiation Feedback in Massive Star Formation at
Different Metallicities

In this paper, we mainly study the formation of massive stars
at solar metallicity. However, we have also applied our model
to the primordial star formation case (Sections 2.4 and 3.3) in
order to compare to previous studies and to obtain a basic
insight into the effect of metallicity. Our results show that the
impact of radiative feedback depends strongly on such
metallicity changes. Since massive stars are thought to have
been important throughout cosmic history as metallicities have
evolved from primoridal, near-zero limits to approximately
solar values and beyond, here we give some general discussion
about the dependence of radiative feedback, especially
radiation pressure and photoevaporation mass-loss (stellar
wind feedback is weak at solar metallicity and would be even
weaker at lower metallicities). However, we defer a detailed
quantitative investigation of massive star formation at inter-
mediate metallicities of 0 < Z < Z, to a future paper.

Radiation pressure is the strongest radiative feedback
mechanism at solar metallicities. However, since it acts on
dust grains in the infalling envelope, it must depend on
metallicity. We have ignored dust re-emission since it is
assumed to effectively escape from the outflow cavities. Then,
the momentum injection by radiation pressure can be evaluated
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assuming f,,, = 1 in Equation (9), as long as the envelope is
optically thick for direct stellar radiation. In other words, the
effect of radiation pressure becomes weaker if the metallicity is
low enough to keep the envelope transparent for direct stellar
radiation. This transparency depends on the stellar spectrum
and the grain components, but the typical opacity for direct
stellar ~ radiation is  approximately  evaluated as
ks ~ 100(Z/Z:) cm? g for massive stars assuming the
opacity is simply proportional to metallicity. Then, the trapping
factor is approximately given by

. V4 Y
 ~min|1, 100 < .

Assuming a typical massive core always forms in a clump with
a mass surface density of 1 g cm~2, the effect of radiation
pressure  would become weaker for  metallicities
of Z < 10727,

Photoevaporation is strongly suppressed at solar metallicities
because of the dust attenuation of ionizing photons. As
described Section 4.1, the photoevaporation rate with dust
attenuation is about 1 /%3 of that of the dust-free case if 7y > 1.
Then, if the dust opacity for ionizing photons is simply
proportional to the metallicity, we obtain the following relation
of

(33)

Mpe 1
1 +100(Z/Zs)

(34)

Mpe,rd:O

Here we assume 73 ~ 100 at solar metallicity as a typical value
for the high ionizing photon production rate of 10°° s~ at
which the photoevaporation mass-loss rate could be important
(Equation (29)). Therefore, the photoevaporation mass-loss rate
could be as high as that at zero metallicity at metallicities
of Z < 1072Z,.

Considering both radiation pressure and photoevaporation,
the critical metallicity for their transitions coincide at ~1072Z,.
Dust absorption is efficient at higher metallicities than this
critical value, which means that radiation pressure acts
effectively. On the other hand, photoevaporation is suppressed
at these higher metallicities. In the lower metallicity regime,
dust absorption is weak, which lessens the impact of radiation
pressure, while photoevapration is more effective. These
considerations suggest that the total effects of radiative
feedback may be strongest at ~1072Z,.

However, note that we are not suggesting that massive star
formation is necessarily rarer at metallicities of ~1072 Z.
Only that SFE could be lower. The CMF will also play an
important role, along with the typical clump mass surface
density. It is difficult to predict how these will vary with
metallicity, especially since they may also be more strongly
influenced by the degree of magnetization of the gas. Other
processes, such as disk fragmentation (e.g., Tanaka &
Omukai 2014), may also play a role.

4.4. Caveats

Even though our model predictions, including those from
previous papers in this series, have some agreements with
observations (Zhang et al. 2013a; Tanaka et al. 2016), this is a
semi-analytic model that is still highly simplified and idealized.
Ultimately, the predictions of the model need to be tested by
full radiation-MHD numerical simulations, especially to study
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the interaction of the outflow with the infall envelope and
establishment of the outflow cavity boundary. Below, we
discuss some additional caveats of our modeling.

We have considered only single star formation. The massive
cores are expected to be supported mainly by nonthermal
pressures, i.e., turbulence and magnetic fields, which keeps
them from fragmenting to the thermal Jeans mass of ~1M
(e.g., McKee & Tan 2003). Also the catastrophic fragmentation
during collapse is expected to be suppressed by radiative
heating by the high accretion luminosity and the efficient
angular-momentum transportation by magnetic breaking
(Krumholz et al. 2007; Commercon et al. 2011). However, a
small amount of fragmentation may still occur, as seen
in simulations such as Krumholz et al. (2009). Indeed, it is
observationally known that more than 70% of massive stars
have close companions that eventually exchange their masses
(Sana et al. 2012). We expect that our model is still
quantitatively appropriate since the feedback is dominated by
a single object as long as the total stellar mass is dominated by
a primary star in the binary/multiple system.

On the other hand, our feedback model would need
significant modification if the system contains similar mass
stars. Qualitatively, we expect that radiative feedback in the
case of similar mass binaries would be weaker than that in the
case of formation of a single massive star. This is because the
stellar luminosity increases nonlinearly with the mass. If some
amount of material is divided into two objects, the total
luminosity is smaller than that of a single star with the same
total mass. In contrast, the momentum rate from MHD disk
winds is roughly proportional to the total accretion rate.
Therefore, we expect that the conclusion that the MHD disk
wind is the dominant feedback is correct also in the case of
formation of a massive binary.

Next, we did not study the case with a very high accretion
rate of 7ty 2> 1072 M, yr~!, which would arise in the collapse
of very unstable cores of M, > 1500(Xq/g cm™2y"! M,
(Equation (1)). Even though the typical accretion rate of
massive star formation is thought to be of the order of
1073 M, yr~!, there may be cases with higher accretion rates
that are especially important for formation of very massive
stars. In the case of zero metallicity, Hosokawa et al. (2012)
have found a new branch of protostellar evolution at
>1072M, yr— the protostar balloons as
i~ 2.6 x 103(my/100 M_)'/2 R, without KH contraction.
Such “supergiant” protostars have low-effective temperatures
of about 5000 K and thus photoevaporation becomes ineffec-
tive, which is normally the most important feedback at zero
metallicity. A similar phenomenon may appear also at solar
metallicities, but it is non-trivial to calculate this evolution
because of the presence of metals that alter the protostellar
evolution (Hosokawa & Omukai 2009). Due to this uncertainty
of protostellar evolution and also the numerical difficulty of
the calculation of supergiant protostars, we have avoided
models with parameter ranges of >1072 M., yr~' in this paper.
However, even without detailed calculations, we can expect
that the MHD disk wind is still the most dominant feedback in
the cases of such rapid accretion. This is because the
momentum rate of MHD disk wind is proportional to the
accretion rate, while the radiation pressure acts similarly as in
the lower accretion rate case, and the photoevaporation
becomes negligible in the supergiant protostar phase if it
appears at solar metallicity. Future work on accurate
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protostellar evolution calculations with >1072M_, yr~! at solar
metallicities is needed to confirm this expectation.

We also did not consider short timescale variations of
accretion rates, which may be induced by disk instabilties, e.g.,
due to self-gravity. Meyer et al. (2017) simulated the formation
of a massive star and showed that the accretion bursts occur
repetitively. The accretion rate rapidly increases from
107*-103M,, yr~! to 10~ 'M,, yr~! within a duration of 10
years and it recurs with the timescale of several kyr. The
accretion burst has a significant impact on the observational
aspects, since it results in luminosity outbursts similar to FU
Orionis objects. Considering the evolution of the infalling
envelope under the influence of feedback, however, we suspect
that the accretion burst does not have too significant an impact.
This is because the global evolution of the infalling envelope is
affected by the accretion rate averaged over the accretion
timescale of ~10*(ms/10M_) (rits/1073M,, yr~') year, which
is longer than the expected durations and recurrence timescales
of accretion bursts. Accretion bursts would also change the
protostellar evolution, since, as described in the previous
paragraph, such high accretion rates can cause a supergiant
phase. However, Sakurai et al. (2015) showed that, at least in
the zero-metallicity case, the supergiant phase cannot last as
long as the recurrence timescale of >103 year since the KH
timescale is very short. To check these speculations, further
study, deferred to a future paper, is needed to include accretion
bursts self-consistently in our modeling.

In addition to further theoretical and numerical studies, better
observational tests are needed to confirm the reliability of our
theoretical model. We have applied the previous versions of
our model to make predictions of observational features using
radiative transfer calculations (Zhang & Tan 2011; Zhang et al.
2013b, 2014; Tanaka et al. 2016). In a future paper, we will
model the radiative transfer predictions of the feedback models
that we have presented here.

5. CONCLUSION

We have investigated the impact of multiple feedback
mechanisms in massive star formation by core accretion, and
calculated the SFE from pre-stellar cores. Our model includes
feedback by the outflows driven by momenta from MHD disk
winds and radiation pressure, and the effects of mass-loss by
photoevaporation and stellar winds. We found the MHD disk
wind is the dominant feedback mechanism for all cases
considered, while radiation pressure can cause a significant
reduction in SFE at the highest masses and especially in lower
mass surface density clumps. The obtained SFE can be fitted as
0.4(M./100 M) %> in the initial core mass range of
M, = 10-1000 M, at the ambient clump mass surface density
of 1 gcm™2, which is a typical value for massive star
formation. The gentle decline of M, *!''* is caused by the
radiative feedback which is stronger at higher masses. There-
fore, we conclude that the shape of the high-mass end of initial
stellar-mass function, especially potential truncation at
my ~ 150-300 M, is mainly determined by the pre-stellar
CMF and/or disk fragmentation rather than the effects of
feedback.

The MHD disk wind provides the major portion (=290%) of
outflow momentum over the entire considered mass range, and
drives the outflow before the stellar mass reaches about 20M,,
when radiation pressure acting on dust grains in a spherical
envelope becomes stronger than the gravitational force. Such
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radiation pressure was once thought to be a potential barrier for
massive star formation, but in more realistic disk accretion and
outflow cavity geometries, the strong direct stellar radiation is
shielded in the disk-shadowed region, and dust re-emission
escapes along the cavities. Therefore, feedback by radiation
pressure is not a catastrophic problem for massive star
formation. Still, although the total momentum is dominated
by the MHD disk wind, radiation pressure also assists to open
the outflow cavity to wider angles, since it acts more
isotropically than the collimated MHD outflow.

Mass-loss by photoevaporation is strongly suppressed by
dust attenuation of ionizing photons. When the protostar starts
the Kelvin—Helmholtz contraction at 10-20 M, the ionizing
photon rate increases with the effective temperature and the
photoevaporation starts. However, as the mass-loss rate
increases, the photoevaporation flow becomes opaque for the
ionizing radiation due to dust opacity. Thus, the photoevapora-
tion mass-loss rate is regulated to <107*M, yr~!, which is
<10% of the mass-loss rate without dust attenuation. Since the
typical accretion rates of massive star formation are
10-3M,, yr~!, photoevaporation has only a minor impact for
the SFE at solar metallicities.

The mass-loss by stellar wind is found to be <107M,, yr—!,
and thus is not important to set the stellar mass. The stellar
wind is, however, very important for the later evolution over
timescales of several million years, i.e., the total mass-loss can
be tens of M.

We also applied our model to primordial, Pop III star
formation. Due to the lack of dust grains at zero metallicity, the
radiation pressure is negligible and also dust attenuation of
ionizing photons does not occur. Therefore, photoevaporation
is the major feedback effect in primordial star formation. In our
fiducial model, the photoevaporation rate reaches
~1073 M, yr~! and stops the mass accretion at about 44M,,.
In this manner, radiation feedback depends on metallicity,
mainly due to the dust absorption. We evaluated that the critical
metallicity for two radiative feedback transitions is ~1072Z,.
Dust absorption is effective at higher metallicities than this
critical metallicity, which results in radiation pressure being
strong while photoevaporation is suppressed. On the other
hand, at lower metallicities dust absorption is weak and so
radiation pressure eventually becomes negligible and the
photoevaporation is more important. Since massive stars are
thought to have been astrophysically important since the times
of the first stars, more detailed studies are needed to investigate
the quantitative effects of feedback as a function of metallicity.
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