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ABSTRACT

We study four young pulsar wind nebulae (PWNe) detected in TeV γ -rays, G21.5−0.9, G54.1+0.3, Kes 75, and
G0.9+0.1, using the spectral evolution model developed and applied to the Crab Nebula in our previous work. We
model the evolution of the magnetic field and the particle distribution function inside a uniformly expanding PWN
considering a time-dependent injection from the pulsar and radiative and adiabatic losses. Considering uncertainties
in the interstellar radiation field (ISRF) and their distance, we study two cases for each PWN. Because TeV PWNe
have a large TeV γ -ray to X-ray flux ratio, the magnetic energy of the PWNe accounts for only a small fraction of
the total energy injected (typically a few ×10−3). The γ -ray emission is dominated by inverse Compton scattering
off the infrared photons of the ISRF. A broken power-law distribution function for the injected particles reproduces
the observed spectrum well, except for G0.9+0.1. For G0.9+0.1, we do not need a low-energy counterpart because
adiabatic losses alone are enough to reproduce the radio observations. High-energy power-law indices at injection
are similar (2.5–2.6), while low-energy power-law indices range from 1.0 to 1.6. The lower limit of the particle
injection rate indicates that the pair multiplicity is larger than 104. The corresponding upper limit of the bulk Lorentz
factor of the pulsar winds is close to the break energy of the broken power-law injection, except for Kes 75. The
initial rotational energy and the magnetic energy of the pulsars seem anticorrelated, although the statistics are poor.

Key words: ISM: individual objects (G21.5−0.9, G54.1+0.3, Kes 75, G0.9+0.1) – pulsars: general – radiation
mechanisms: non-thermal

1. INTRODUCTION

A pulsar wind nebula (PWN) is created by the interaction of
the pulsar wind with the surrounding supernova (SN) ejecta
(Rees & Gunn 1974; Kennel & Coroniti 1984). The PWN
is a shocked pulsar wind composed of a relativistic non-
thermal electron–positron plasma and magnetic fields. As a
result, a PWN shines from radio through TeV γ -rays via
synchrotron radiation and inverse Compton scattering. The
observed spectrum of the PWN gives us important information
on the pair production multiplicity κ of the central pulsar
(de Jager 2007), the magnetization parameter σ in the pulsar
wind immediately upstream of the termination shock (Kennel &
Coroniti 1984), and the particle acceleration process at the pulsar
wind termination shock (e.g., Fang & Zhang 2010). Note that
the radiation spectrum depends on time through the evolution of
the energy injection, the expansion of the PWN, and radiative
and adiabatic losses (e.g., Tanaka & Takahara 2010; Gelfand
et al. 2009; Bucciantini et al. 2011).

Through the recent development of γ -ray observations, many
PWNe have been discovered in γ -rays and their detailed
structures have also been found in other wavelengths (e.g.,
HESS J1640-465 studied by Aharonian et al. 2006; Lemiere
et al. 2009). Although the observed PWNe show common
characteristics, such as a flat radio spectrum and X-ray spectral
steepening with distance from the pulsar (cf., Gaensler & Slane
2006), they also differ. We discuss the individual differences
of PWNe in this paper. These differences include the age and
the spin-down power of the central pulsar, the observed size
of the PWN, and the TeV γ -ray to X-ray flux ratio. Here we
study these characteristics because they constrain the physical
condition of the pulsar magnetosphere and the pulsar wind.

We built a spectral evolution model of PWNe in our previous
work (Tanaka & Takahara 2010). The application of this model

to the Crab Nebula reproduces the current observed spectrum
and the radio flux evolution well. In this paper, we apply this
model to four young PWNe detected in TeV γ -rays: G21.5−0.9,
G54.1+0.3, Kes 75, and G0.9+0.1. We choose these PWNe
according to three criteria. (1) They reveal observed non-thermal
spectra at least in radio, X-rays, and TeV γ -rays. (2) They have a
central pulsar with a known period and derivative. (3) They have
an almost spherical shape with a known angular extent, i.e., they
are young enough not to reveal signatures of interaction with
a supernova remnant (SNR) reverse shock. For application to
PWNe other than the Crab Nebula, we include the interstellar
radiation field (ISRF) in infrared and optical bands as the target
photons of the inverse Compton scattering.

We assume a constant expansion velocity of the PWN. This
assumption is appropriate for young PWNe. Gelfand et al.
(2009) considered the dynamical evolution of a PWN inside
an SNR. Their model of PWN expansion gives a more realistic
dynamical evolution than the constant expansion velocity and
also applies to old PWNe. However, their expansion model in-
cludes many unknown parameters to determine the dynamical
evolution including the energy of the SN explosion, the mass
of the SN ejecta, and the density of the surrounding interstellar
medium. We factor these uncertain quantities into one parame-
ter: the constant expansion velocity. Note that a simple estimate
of the radius of the PWN in the early phase of its evolution,
RPWN ∝ t6/5 (e.g., van der Swaluw et al. 2001), is close to an
expansion at constant velocity.

In Section 2, we describe our model and slightly improve it
for application to young TeV PWNe other than the Crab Nebula.
In Sections 3–6, we apply the model to G21.5−0.9, G54.1+0.3,
Kes 75, and G0.9+0.1 and discuss their individual character-
istics. A comparative discussion about the young TeV PWNe
we studied, including the Crab Nebula, and the conclusions are
given in Section 7.
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2. THE MODEL

Here we give a brief description of our spectral evolution
model of PWNe (Tanaka & Takahara 2010). For application to
young TeV PWNe other than the Crab Nebula, we improve the
target photon fields for inverse Compton scattering. We include
the ISRF in infrared and optical bands, which were ignored in
our previous work. Lastly, we describe the fitting procedure.

2.1. Basic Ingredients of Our Model

We use a one-zone model of PWNe. A PWN is a uniform
sphere expanding at a constant velocity vPWN, i.e., the radius
of a PWN is given by RPWN(t) = vPWNt . The contents of the
PWN are the magnetic field and the relativistic non-thermal
electron–positron plasma which are injected from the central
pulsar. The magnetic energy injection Ėmag(t) = ηL(t) and the
particle energy injection Ėpart(t) = (1−η)L(t) are characterized
by the fraction parameter η (0 � η � 1) and the spin-down
power L(t). The evolution of the spin-down power L(t) is given
by

L(t) = L0

(
1 +

t

τ0

)− n+1
n−1

, (1)

where L0 is the initial spin-down power and τ0 is the spin-
down time. For t > τ0, the total energy injected into the PWN
up to time t (Etot(t) = ∫ t

0 L(t ′)dt ′) approximately corresponds
to the initial rotational energy of the central pulsar L0 τ0 =
IΩ2

0/(n − 1), where Ω0 = 2π/P0 is the initial angular velocity.
For t < τ0, Etot is smaller than L0 τ0. Assuming that the moment
of inertia of the pulsar is 1045 g cm2, we need four quantities,
the current pulsar period P, a time derivative Ṗ , braking index
n, and the age of pulsar tage, to fix the evolution of the spin-
down power. Note that three timescales appear in the spin-down
evolution of the pulsar: the age of the pulsar tage, the spin-down
time τ0, and the characteristic age τc. They are related to each
other through the simple relation

τc = n − 1

2
(τ0 + tage). (2)

The customarily used braking index n = 3 gives τc = τ0 + tage.
We assume that the distribution of the particles in the PWN

is isotropic, and thus the evolution of the particle distribution
N (γ, t) is given by the continuity equation in energy space,

∂

∂t
N (γ, t) +

∂

∂γ
(γ̇ (γ, t)N (γ, t)) = Qinj(γ, t). (3)

We assume that the particle injection Qinj(γ, t) follows the
broken power-law distribution

Qinj(γ, t) =
{
Q0(t)(γ /γb)−p1 for γmin � γ � γb,
Q0(t)(γ /γb)−p2 for γb � γ � γmax, (4)

where γ is the Lorentz factor of the relativistic electrons
and positrons. We introduce the parameters of the injection
spectrum, γmin, γb, γmax, p1 < 2, and p2 > 2, which are
the minimum, break, and maximum Lorentz factors and the
power-law indices at the low- and high-energy ranges of the
injection spectra, respectively. We require that the normalization
Q0(t) satisfies (1 − η)L(t) = ∫ γmax

γmin
Qinj(γ, t)γmec

2dγ , where
me and c are the mass of an electron (or positron) and the speed
of light, respectively. We consider the cooling effects of the

relativistic particles γ̇ (γ, t) including the synchrotron radiation
γ̇syn(γ, t), the inverse Compton scattering off the ISRF γ̇IC(γ ),
and the adiabatic expansion γ̇ad(γ, t). The detailed description
of the ISRF will be discussed in Section 2.2. The cooling time of
the particles τcool(γ, t) = γ / |γ̇ (γ, t)| is an important timescale
in addition to tage and τ0, and these three timescales characterize
the evolution of the particle distribution.

For the magnetic field evolution, we assume the following
form of the magnetic field energy conservation:

4π

3
(RPWN(t))3 (B(t))2

8π
=

∫ t

0
ηL(t ′) dt ′ = ηEtot(t). (5)

The magnetic field approximately evolves as B(t) ∝ t−1 for
t < τ0 and B(t) ∝ t−1.5 for t > τ0. Note that some justifications
of this magnetic field evolution model are discussed in a previous
paper (see Section 2.2 of Tanaka & Takahara 2010).

For the calculation of the radiation spectrum, we assume that
the radiation is isotropic. The radiation processes we consider
are synchrotron radiation and inverse Compton scattering off the
synchrotron radiation (SSC) and the ISRF including the cosmic
microwave background (IC/CMB) radiation, infrared photons
from dust grains (IC/IR), and optical photons from starlight
(IC/OPT).

Lastly, we mention the evolution of the synchrotron cooling
break frequency for convenience in the later discussion. Assum-
ing that the inverse Compton cooling is ineffective in most of
the evolutionary phase (e.g., Figure 4 of Tanaka & Takahara
2010), we divide the particle distribution into two populations;
one corresponds to the high-energy particles which lose energy
by synchrotron cooling and the other is the low-energy particles
which lose energy by adiabatic cooling. The critical energy γc(t)
is defined by equating the synchrotron cooling time τsyn(γ, t)
with the adiabatic cooling time τad(γ, t) = t , which is

γc(t) = 6πmec

σTtB2(t)
∼ 2.45 × 108

(
t

1 kyr

)−1 (
B(t)

10 μG

)−2

. (6)

For γ > γc(t), the synchrotron cooling dominates over the adi-
abatic cooling and vice versa for γ < γc(t). The characteristic
frequency of synchrotron radiation νsyn is a function of the parti-
cle energy and the magnetic field. Because of the rapid decrease
of the magnetic field strength, the synchrotron cooling break
frequency νc(t) ≡ νsyn(γc(t), B(t)) increases with time, which
is

νc(t) ∼ 1.22×1017 Hz

(
γc(t)

108

)2(
B(t)

10 μG

)
∝

{
t for t < τ0,
t2.5 for t > τ0.

(7)

2.2. Galactic Interstellar Radiation Field as the Target of
Inverse Compton Scattering

We use the ISRF model described by Porter et al. (2006)
as a reference. Their model depends on the distance from the
Galactic center r and the height from the Galactic plane z.
Although the contribution of localized dust and stars to the
ISRF changes the actual ISRF around the objects, we ignore the
possibility of local effects, except for model 2 of G54.1+0.3.

We assume that the ISRF has three components. The CMB is
a blackbody radiation with a temperature of TCMB = 2.7 K. The
spectra in the infrared and optical bands are modified black-
bodies characterized by a temperature and an energy density
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Table 1
Adopted, Fitted, and Derived Parameters to Reproduce the Current Observed Spectrum

Symbol Craba G21.5−0.9 G21.5−0.9b G54.1+0.3 G54.1+0.3c Kes 75 Kes 75d G0.9+0.1 G0.9+0.1d

Model 1 2 1 2 1 2 1 2

Adopted Parameters

d (kpc) 2.0 4.8 4.8 6.2 6.2 6.0 10.6 8.0 13
RPWN,now (pc) 1.8 1.0 1.0 1.8 1.8 0.29 0.50 2.3 3.8
P (ms) 33.1 61.9 61.9 136 136 326 326 52.2 52.2
Ṗ(10−13) 4.21 2.02 2.02 7.51 7.51 70.8 70.8 1.56 1.56
n 2.51 3.0 3.0 3.0 3.0 2.65 2.65 3.0 3.0
UIR (eV cm−3) . . . 1.0 1.0 0.5 2.0 1.2 1.0 1.6 1.2
UOPT (eV cm−3) . . . 2.0 2.0 0.5 0.5 2.0 2.0 15 2.0

Fitted Parameters

η(10−3) 5.0 15 8.0 0.3 2.0 0.05 0.006 3.0 1.0
tage (kyr) 0.95 1.0 1.0 2.3 1.7 0.7 0.88 2.0 4.5
γmax(109) 7.0 >2.0 >2.0 >1.0 >1.0 >1.0 >0.8 >0.8 >1.0
γb(105) 6.0 1.2 0.7 3.0 1.8 20 50 0.4 1.0
γmin(103) <0.1 <3.0 <3.0 <20 <20 <5.0 <5.0 . . . . . .

p1 1.5 1.0 1.0 1.2 1.2 1.6 1.4 . . . . . .

p2 2.5 2.55 2.5 2.55 2.55 2.5 2.5 2.6 2.6

Derived Parameters

vPWN (km s−1) 1800 980 980 770 1040 420 560 1120 830
Bnow (μG) 85 64 47 6.7 10 20 24 15 12
τ0 (kyr) 0.7 3.9 3.9 0.6 1.2 0.2 0.003 3.2 0.8
L0 τ0 (1048 erg) 74 6.5 6.5 5.4 2.6 1.5 210 12 48

Notes.
a Results are taken from Tanaka & Takahara (2010).
b All the adopted parameters are the same as model 1 of G21.5−0.9, but ignoring the observation in infrared.
c Assumed UIR is different with model 1 of G54.1+0.3.
d Assumed distances to the objects are different with model 1 of Kes 75 and G0.9+0.1, respectively.

of (TIR, UIR) and (TOPT, UOPT), respectively. Because the tem-
perature dependence of the IC/IR (TIR ∼ 30–50 K) and the
IC/OPT (TOPT ∼ 3500–4000 K) is weak, we fix TIR = 40 K
(mildly Klein–Nishina regime), and TOPT = 4000 K (mostly
Klein–Nishina regime) for all objects. On the other hand, the
IC/IR and the IC/OPT luminosities strongly depend on the en-
ergy densities UIR and UOPT which vary with galactic locations.
From the distance to each PWN and its galactic coordinates, we
can roughly estimate (r, z) for each object. Adopted values for
each object are listed in Table 1.

2.3. Fitting Procedure

Here we summarize the model parameters and describe the
fitting procedure. We adopt the distance to the object d, the
angular extent of the object, and the central pulsar parameters
P, Ṗ , and n from observations. Once the distance to the object
is fixed, we can determine the radius of the object RPWN and the
energy densities of the ISRF UIR and UOPT.

Fitting parameters are the age tage (assuming that the age of
the central pulsar is the same as that of the PWN), the fraction
parameter η, and the parameters of the injection spectrum in
Equation (4), γmax, γb, γmin, p1, and p2. In our spectral evolution
model, the age tage and the fraction parameter η of PWNe are
primarily determined by the absolute power of the synchrotron
radiation and the power ratio of the inverse Compton scattering
to the synchrotron radiation (see Section 3.3 of Tanaka &
Takahara 2010). The parameters of the injection spectrum
in Equation (4) are determined by comparing the calculated
spectrum with the detailed shape of the observed spectrum (see
Section 3.4 of Tanaka & Takahara 2010). The parameters γmin

and γmax are relatively unconstrained. We obtain only the upper
limit of γmin from the lowest frequency in radio observations.
We choose a lower limit of γmax so that νsyn(γmax, B) becomes an
order of magnitude larger than the observed highest frequency
in X-rays since no clear spectral rollover has been observed for
the four PWNe.

The fitted parameters which reproduce the multi-wavelength
observations are almost uniquely determined except for γmin and
γmax, if we fix the distance to the PWNe and the energy densities
of the ISRF. To understand the effects of uncertainties in the
observed flux, the measured distance, and the ISRF model on
our calculations, we study two different models for each PWN
in Sections 3–6.

The adopted and fitted parameters give the values of the
expansion velocity vPWN, the current magnetic field strength
of the PWNe Bnow, and the parameters of the central pulsars
τ0 and L0 τ0. The adopted, fitted, and derived values for each
model are listed in Table 1.

3. G21.5−0.9

G21.5−0.9 is a composite SNR and its PWN is observed in
radio (Salter et al. 1989; Bock et al. 2001), infrared (Gallant
& Tuffs 1998), X-rays (Tsujimoto et al. 2011; De Rosa et al.
2009), and TeV γ -rays (Djannati-Ataı̈ et al. 2007b). In X-rays,
G21.5−0.9 consists of an outer halo ∼150′′ in radius, which is
the SNR component, and a PWN ∼40′′ in radius (Matheson &
Safi-Harb 2005, 2010; Bocchino et al. 2005). In radio, the outer
halo is not observed and the size of the PWN is comparable
to that in the X-rays (Bock et al. 2001; Bietenholz & Bartel
2008; Bietenholz et al. 2011). Infrared observations of PWNe
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Figure 1. Model spectrum of G21.5-0.9 at tage = 1.0 kyr for model 1, where
fitting to the infrared observation is included. The solid line is the total spectrum
which is the sum of the synchrotron (thin dashed line), IC/CMB (dotted line),
IC/IR (dot-dashed line), IC/OPT (dot-dot-dashed line), and SSC (dashed line)
spectra, respectively. The observed data are taken from Salter et al. (1989)
(radio), Gallant & Tuffs (1998) (IR), Tsujimoto et al. (2011) and De Rosa et al.
(2009) (X-ray), Ackermann et al. (2011) and de Jager et al. (2008) (γ -ray). Used
and obtained parameters are given in Table 1.

are difficult and G21.5−0.9 is one of the few PWNe whose
non-thermal infrared spectrum is observed (Gallant & Tuffs
1998). The Fermi Large Area Telescope (LAT) puts an upper
limit on the flux of the PWNe component in GeV γ -rays
(Ackermann et al. 2011). The central pulsar of G21.5−0.9 (PSR
J1833-1034) is observed in radio and GeV γ -rays with a period
P = 6.19×10−2 s, a time derivative Ṗ = 2.02×10−13 s s−1, and
an unknown braking index (we assume n = 3; Camilo et al. 2006;
Abdo et al. 2010). The characteristic age τc of the central pulsar
is 4.9 kyr, but Bietenholz & Bartel (2008) suggested tage ∼
900 yr from the observation of the expansion rate of the PWN.
On the other hand, Wang et al. (1986) suggested that G21.5−0.9
might be the historical supernova of 48 BC, i.e., tage ∼ 2 kyr.
We assume that the distance to G21.5−0.9 is 4.8 kpc (Tian &
Leahy 2008) and then we approximate the G21.5−0.9 PWN as
a sphere of radius 1.0 pc at (r, z) ∼ (4 kpc, 80 pc). Lastly, we
obtain (UIR, UOPT) = (1.0 eV cm−3, 2.0 eV cm−3) as the energy
density of the ISRF. Considering that the observed infrared
spectrum of G21.5−0.9 is uncertain, we investigate two cases:
with (model 1) and without (model 2) infrared fitting.

3.1. Model 1

Figure 1 shows the model spectrum of G21.5−0.9 with
observational data including the infrared observation. We fit
the data with the parameters η = 1.5 × 10−2, tage = 1.0 kyr,
γmax = 2.0 × 109, γb = 1.2 × 105, γmin = 3.0 × 103, p1 = 1.0,
and p2 = 2.55. The fitted fraction parameter is three times
larger than the Crab Nebula, but still much smaller than unity.
The fitted age tage = 1.0 kyr deviates from the characteristic
age of the central pulsar τc = 4.9 kyr. Because the ratio of the
fitted age to the characteristic age of the pulsar is described
as tage/τc = 2/(n − 1) [1 − (P0/P )(n−1)], the current pulsar
period is almost the same as the initial one (P0/P ∼ 0.9). The
derived expansion velocity vPWN = 980 km s−1 and the fitted
age are consistent with the observed expansion rate (Bietenholz
& Bartel 2008). From the fitted age, we obtain a spin-down
time τ0 = 3.9 kyr and an initial rotational energy of the pulsar
L0 τ0 = 6.5 × 1048 erg. The current total energy injected into

the PWN Etot(1 kyr) = 1.3 × 1048 erg is significantly below
L0 τ0, since τ0 > tage. The current magnetic field strength of
G21.5−0.9 turns out to be Bnow = 64 μG. We choose γmin and
γmax by taking νsyn(γmin, Bnow) ∼ 108 Hz and νsyn(γmax, Bnow) ∼
3 × 1020 Hz, respectively.

There are two breaks in the calculated synchrotron spectrum
in Figure 1. One is the synchrotron cooling break frequency νc ∼
3×1015 Hz, which is determined from Equation (7), the other is
the break in the particle injection νsyn(γb, Bnow) ∼ 8 × 1011 Hz,
which is much smaller than νc. Since 2 < p2 < 3, the
synchrotron spectrum in Figure 1 peaks at around νc. Focusing
on the calculated TeV spectrum in Figure 1, the IC/IR is found
to dominate and the SSC contribution is negligible. Although the
energy density of the ISRF in the optical band is twice as large as
that in the infrared band, the Klein–Nishina effect significantly
reduces the IC/OPT. The calculated flux of the GeV γ -ray is
almost an order of magnitude below the upper limit of the PWN
component given by Ackermann et al. (2011). In hard X-rays, the
observed spectrum in 5×1018 to 2×1019 Hz is well reproduced,
while the pulsar emission appears to dominate above 2×1019 Hz
(De Rosa et al. 2009). The observed spectrum in soft X-rays
(<3×1018 Hz) and the observed sharp break around 3×1018 Hz
are difficult to reproduce in our model. The observed soft X-
ray spectrum is much harder than the calculated spectrum and
such a hard spectrum does not smoothly connect to the observed
infrared spectrum. We will discuss these discrepancies between
the calculated and observed spectra in soft X-rays in Section 3.3.

Figure 2 shows the evolution of the emission spectrum (left
panel) and that of the particle distribution (right panel) of
G21.5−0.9 with the use of the same parameters as in Figure 1.
While the synchrotron flux decreases with time, the inverse
Compton flux increases. This feature is due to the decrease of
the magnetic field strength with time and to the increase of the
particle number as seen in the right panel. Because the energy
injection from the pulsar will continue until time t ∼ τ0 =
3.9 kyr, the particles in the PWN increase (see the discussion in
Section 3.2 of Tanaka & Takahara 2010 for details). In the left
panel, we can see the evolution of the synchrotron cooling break
frequency νc(t) (from ∼7 × 1014 Hz at 300 yr to ∼1017 Hz at
10 kyr) as is predicted by Equation (7).

3.2. Model 2

The calculated spectrum in model 1 does not reproduce the
observed spectrum in infrared and soft X-rays at the same time.
Considering the uncertainties in the infrared observations, we try
to fit the observed spectrum ignoring the infrared band. Figure 3
shows the model spectrum of G21.5−0.9 without infrared
fitting. All the fitted parameters are similar to model 1 (see
Table 1), but a slightly smaller value of the fraction parameter
η = 8 × 10−3 (Bnow = 47 μG) is allowed. Consequently, the
synchrotron flux in infrared is smaller than model 1 and the
synchrotron cooling break frequency νc ∼ 7×1015 Hz is a little
larger than model 1. The observed spectrum in soft X-rays and
the observed sharp break at around 3 × 1018 Hz are not well
reproduced, even if we ignore infrared observations. The hard
X-ray observation (5 × 1018–2 × 1019 Hz) is reproduced as well
as model 1.

3.3. Discussion of Models

Both models 1 and 2 reproduce the observational data
reasonably well. The fraction parameter η, i.e., the magnetic
field strength Bnow, is the only notable difference between the
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Figure 3. Model spectrum of G21.5−0.9 at tage = 1.0 kyr for model 2, where
we ignore the infrared observation (Gallant & Tuffs 1998) in the spectral fitting.
Used and obtained parameters are given in Table 1.

models. Future observations in the infrared and optical bands
will provide a more accurate spectrum of G21.5−0.9 and could
provide a distinction between the models. As for the other
parameters, the values of γb and p1 are smaller than the Crab
Nebula in both models. However, the high-energy power-law
index at injection p2 is very similar to the Crab Nebula.

We compare our results with the model of de Jager et al.
(2009). They solved hydrodynamic equations and calculated the
evolution of the magnetic field separately using the induction
equation. The evolution of the broadband spectrum is calculated
with a one-zone approach with the use of the volume-averaged
magnetic field. Their adopted energy density of the ISRF in
the infrared band UIR = 1.0 eV cm−3 and tage = 1 kyr are
the same as ours. They obtain a particle injection distribution
with p1 = 1.0, p2 = 2.6, and γb ∼ 8 × 104, which are
almost the same as ours. Their obtained current magnetic field
strength ∼24 μG is smaller than ours, Bnow = 64 μG and 47 μG
for models 1 and 2, respectively. Their results are basically
consistent with ours.

Lastly, we discuss the discrepancy between our model spectra
and the observations in soft X-rays. Tsujimoto et al. (2011) show
that there is an observed spectral break between the soft and hard

X-rays at ∼3 × 1018 Hz. One might consider that this spectral
break corresponds to the synchrotron cooling break frequency
νc. With tage = 1 kyr, the value of νc ∼ 3 × 1018 Hz requires
the magnetic field strength to be ∼6 μG from Equation (7).
However, the current magnetic field of ∼6 μG seems unlikely
because the observed γ -ray to X-ray flux ratio would demand
the local ISRF energy density around G21.5−0.9 to be much
smaller than the contribution from the CMB. Note that it is hard
to reproduce the observed sharp spectral break at ∼3×1018 Hz,
even if the magnetic field strength is ∼6 μG. This is because the
evolution of the magnetic field B(t) and the particle injection
Qinj(γ, t) makes the synchrotron cooling break rather smooth.
We thus conclude that any one-zone spectral evolution model
fails to reproduce the current soft X-ray observation. One
possible resolution is a modification of the observed spectrum
in soft X-rays with relatively large interstellar extinction toward
G21.5−0.9 as discussed by Safi-Harb et al. (2001). Another
possibility is the effect of spatial variation of the soft X-ray
photon index ΓX as discussed by Slane et al. (2000).

4. G54.1+0.3

G54.1+0.3 is a filled center or possibly a composite SNR
and its PWN component is observed in radio (Green 1985;
Velusamy et al. 1986; Velusamy & Becker 1988; Lang et al.
2010), X-rays (Lu et al. 2001), and TeV γ -rays (Acciari et al.
2010). In X-rays, a jet-torus structure is observed similar to
that of the Crab Nebula (Lu et al. 2002). The size of the radio
PWN ∼2.′5 × 2.′0 is comparable with that of X-rays (Lang et al.
2010; Bocchino et al. 2010). Recently, diffuse X-ray emission
surrounding the PWN was detected by Bocchino et al. (2010),
which is a possible counterpart of the SN ejecta component,
while a possible SNR shell is observed in radio (Lang et al.
2010). The region around G54.1+0.3 has been observed in the
infrared (Koo et al. 2008; Temim et al. 2010). Although no
infrared counterpart of G54.1+0.3 PWN is observed, there are
several bright sources around G54.1+0.3. The central pulsar
of G54.1+0.3 (PSR J1930+1852) is observed in radio and
X-rays with a period P = 1.36 × 10−1 s, a time derivative Ṗ =
7.51×10−13 s s−1 (τc = 2.9 kyr), and an unknown braking index
(Camilo et al. 2002). Therefore, we assume n = 3. The actual age
of G54.1+0.3 is unknown. We assume a distance to G54.1+0.3 of
6.2 kpc (Leahy et al. 2008) and then we assume that G54.1+0.3
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Figure 4. Model spectrum of G54.1+0.3 at tage = 2.3 kyr for model 1. The
observational data and the 1 yr, 5σ sensitivity for Fermi-LAT are plotted. This
sensitivity is very similar to the upper limit obtained for G21.5−0.9 shown
in Figure 1. The observed data are taken from Green (1985), Velusamy et al.
(1986), Velusamy & Becker (1988), and Lang et al. (2010) (radio), Lu et al.
(2001) (X-ray), and Acciari et al. (2010) (γ -ray). Used and obtained parameters
are given in Table 1.

PWN has a sphere with radius 1.8 pc at (r, z) ∼ (7.5 kpc, 0 pc).
We obtain (UIR, UOPT) = (0.5 eV cm−3, 0.5 eV cm−3) for the
energy density of the ISRF in model 1. We also investigate
in model 2 the probability that the observed infrared sources
around G54.1+0.3 significantly contribute to the local ISRF.

4.1. Model 1

Figure 4 shows the model spectrum of G54.1+0.3 for model 1
with the observational data. We can reproduce the observed non-
thermal spectrum with the parameters η = 3.0 × 10−4, tage =
2.3 kyr, γmax = 1.0×109, γb = 3.0×105, γmin = 2.0×104, p1 =
1.2, and p2 = 2.55. The fraction parameter is 0.06 times the
Crab Nebula’s value. The fitted age tage = 2.3 kyr is comparable
to the characteristic age of the central pulsar τc = 2.9 kyr, and
the current period is almost twice as large as the initial period.
The corresponding expansion velocity vPWN = 770 km s−1 is
less than half of that of the Crab Nebula’s 1800 km s−1. We
obtain a spin-down time τ0 = 0.6 kyr < tage and an initial
rotational energy L0 τ0 = 5.4 × 1048 erg. The current total
energy injected into the PWN Etot(2.3 kyr) = 4.3 × 1048 erg is
close to the value of L0 τ0. The current magnetic field strength
of G54.1+0.3 turns out to be Bnow = 6.7 μG, which is much
smaller than that of the Crab Nebula and G21.5−0.9.

The synchrotron cooling break frequency νc ∼ 5 × 1017 Hz
is much larger than the characteristic synchrotron frequency
corresponding to the break energy νsyn(γb, Bnow) ∼ 7×1011 Hz.
In γ -rays, the ISRF energy density in the infrared band is twice
as large as that of the CMB, but the contributions of the IC/CMB
and the IC/IR are comparable because the IC/IR is in the mild
Klein–Nishina regime. To explain further, the observed X-ray
spectrum seems consistent with the model spectrum, while the
observed γ -ray spectrum seems softer. Because particles with
almost the same energy contribute both to the observed emission
in X-rays (SYN) and γ -rays (IC/CMB in the Thomson regime),
it is difficult to fit the spectral slopes in both frequency ranges
at the same time.

Figure 5 shows the evolution of the emission spectrum (left
panel) and the particle distribution (right panel) of G54.1+0.3
using the same parameters as in Figure 4. Both the synchrotron

flux and the IC flux decrease with time, but the IC flux decreases
more slowly. This is because the decrease of the magnetic
field strength is much faster than the particle distribution while
the ISRF energy density is constant. This behavior of the
particle distribution has already been discussed in Section 3.2
of Tanaka & Takahara (2010). In short, the evolution of the
particle number is approximately expressed as N (γ, t) ∼
Q(γ, t) t τcool(γ, t)/(t + τcool(γ, t)) and the injection from the
pulsar decreases as Q(γ, t) ∝ t−2 after the time t ∼ τ0 =
600 yr. In the synchrotron cooling regime (τcool = τsyn < τad ∼
t), the particle number increases as N ∝ t , while in the adiabatic
cooling regime (τcool = τad), the particle number decreases
as N ∝ t−1, where we use τsyn ∝ t3 for t > τ0. Figure 5
(left) shows that the synchrotron cooling break frequency νc(t)
will continue to increase with time until an age of 3 kyr
(Equation (7)). Because γc(10 kyr) > γmax, the synchrotron
spectrum will peak at νsyn(γmax), not νc, at an age of 10 kyr.

4.2. Model 2

The region around G54.1+0.3 has been observed in the
infrared (Koo et al. 2008; Temim et al. 2010) and observations
suggest that the ISRF around G54.1+0.3 could be larger than
that of the average values of the galaxy adopted in model 1.
Figure 6 shows the model spectrum of G54.1+0.3 for model 2
when the energy density of the ISRF in the infrared band
has been chosen to be four times larger than that of model 1
(UIR = 2.0 eV cm−3). All the fitted parameters are similar to
model 1, except for the fraction parameter and the fitted age;
they are η = 2.0 × 10−3 and tage = 1.7 kyr, respectively (see
Table 1). The fitted fraction parameter is close to the values
of the Crab Nebula. The fitted age tage = 1.7 kyr is similar
to the independent estimate of 1.5 kyr from the dynamical
interaction with SNR by Chevalier (2005). Because the fitted
age tage changes from model 1, the derived parameters also
change from model 1, vPWN = 1040 km s−1, τ0 = 1.2 kyr,
and L0 τ0 = 2.6 × 1048 erg (Etot(1.7 kyr) = 1.6 × 1048 erg),
respectively. The current magnetic field strength Bnow = 10 μG
becomes a little larger than that of model 1. We can see the trend
that a larger energy density of the ISRF leads to a larger η and
Bnow and a smaller value of Etot(tage) and tage. This trend can be
understood following a similar discussion made in Section 3.3
of Tanaka & Takahara (2010; see Section 7.1).

4.3. Discussion

We favor model 2 because the observed γ -ray spectrum is
somewhat better reproduced by model 2, although both models 1
and 2 can reproduce the observational data reasonably well;
model 2 has a softer γ -ray spectrum than model 1 although the
contribution of the IC/IR is larger than the IC/CMB. Because
the difference of the ISRF energy density in the models appears
at the frequency where the Klein–Nishina effect works, future
observations in higher energy γ -rays (1–100 TeV), such as
Cherenkov Telescope Arrays, would provide better information
on the correct values of the ISRF. In contrast to η and tage, the
parameters of the particle injection for both models are similar.
The low-energy power-law index at injection p1 is different from
the Crab Nebula and G21.5−0.9, but the high-energy power-law
index at injection p2 is very similar.

The spectral evolution of G54.1+0.3 was also studied by Li
et al. (2010). In addition to the pure-lepton model (Figure 2 of
Li et al. 2010), they studied a lepton–hadron hybrid model of
the broadband spectrum (Figure 3 of Li et al. 2010). In the
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Figure 5. Evolution of the emission spectrum (left panel) and the particle distribution (right panel) of G54.1+0.3 for model 1.
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Figure 6. Model spectrum of G54.1+0.3 at tage = 1.7 kyr for model 2, where an
enhanced local ISRF is assumed. Fermi-LAT sensitivity and the observed data
are the same as in Figure 4. Used and obtained parameters are given in Table 1.

pure-lepton model, they obtained the parameters p1 = 1.2
and γb = 5 × 105, which are similar to ours. However, their
obtained p2 = 2.8 and adopted UIR ∼ 3.3 eV cm−3 are different
from ours in model 2, p2 = 2.55 and UIR ∼ 2.0 eV cm−3,
respectively. A difference appears in the X-ray spectrum, which
seems softer in their model than ours. The current magnetic field
strength in their model ∼10 μG is the same as in our model 2.
We conclude that their pure-lepton model is almost consistent
with model 2 of ours except for the X-ray spectrum.

Li et al. (2010) argued that the lepton–hadron hybrid model
(B ∼ 80 μG) is better than the pure-lepton model because the
current magnetic field B ∼ 10 μG in the pure-lepton model
is much weaker than the observational indication by Lang
et al. (2010). Lang et al. (2010) estimated an equipartition
magnetic field of 38 μG from the radio luminosity of PWN
and a magnetic field of 80–200 μG from the lifetime of X-ray-
emitting particles. We consider that these estimates by Lang et al.
(2010) are not robust. Generally, the magnetic field strength is
sub-equipartition for all PWNe we studied, i.e., η � 1, so that
B = 10 μG is just a reasonably expected value for this PWN. Li
et al. (2010) also argued that the observed γ -ray photon index is
better fitted by the lepton–hadron hybrid model than the pure-
lepton model. However, the calculated γ -ray spectrum in the

pure-lepton model changes with the local ISRF energy density
and temperature. We believe that a leptonic model with small
magnetic field is consistent with the current observations.

5. KESTEVEN 75

Kes 75 is a composite SNR and its PWN component is
observed in radio (Salter et al. 1989; Bock & Gaensler 2005),
X-rays (Helfand et al. 2003; McBride et al. 2008), and TeV
γ -rays (Djannati-Ataı̈ et al. 2007a). In X-rays, a jet-torus
structure is observed (Ng et al. 2008). This jet-torus structure
is surrounded by a diffuse X-ray nebula, which has almost the
same extent as that of the radio PWN ∼26′′ × 20′′ (Helfand
et al. 2003). A part of the SNR shell is observed in radio
and X-rays (Bock & Gaensler 2005; Helfand et al. 2003).
The central pulsar of Kes 75 (PSR J1846-0258) is observed
in X-rays, with a period P = 3.26 × 10−1 s, its time derivative
Ṗ = 7.08 × 10−12 s s−1, and braking index n = 2.65 ± 0.01
(Livingstone et al. 2006). Although the characteristic age
τc = 0.7 kyr of the central pulsar suggests that it is very young,
the actual age of the Kes 75 is unknown. PSR J1846-0258 has a
large surface dipole magnetic field and a magnetar-like burst was
observed in 2006 (Gavriil et al. 2008). No radio counterpart of
PSR J1846-0258 is observed, common to most of the magnetar
candidates (Archibald et al. 2008). We consider two cases
for the distance to Kes 75: 6 kpc (Leahy & Tian 2008) and
10.6 kpc (Su et al. 2009) as models 1 and 2, respectively.
We assume that Kes 75 PWN is a sphere of radius 0.29 pc
at (r, z) ∼ (4 kpc, 30 pc) or 0.5 pc at (r, z) ∼ (5 kpc, 50 pc) for
models 1 and 2, respectively. The energy density of the ISRF
is (UIR, UOPT) = (1.2 eV cm−3, 2.0 eV cm−3) for model 1
and (UIR, UOPT) = (1.0 eV cm−3, 2.0 eV cm−3) for model 2,
respectively.

5.1. Model 1

Figure 7 shows the model spectrum of Kes 75 when the
distance to Kes 75 is assumed to be 6 kpc together with
observational data. We fit the data with the parameters η =
5.0 × 10−5, tage = 0.7 kyr, γmax = 2.0 × 109, γb = 2.0 × 106,
γmin = 5.0 × 103, p1 = 1.6, and p2 = 2.5. The fraction
parameter is very small—two orders of magnitude smaller than
the Crab Nebula. The fitted age tage = 0.7 kyr is very close to
the characteristic age τc = 0.7 kyr and the expansion velocity
vPWN = 420 km s−1 is rather slow. The pulsar parameters
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Figure 7. Model spectrum of Kes 75 at tage = 0.7 kyr for model 1, where the
distance is taken to be 6 kpc. The observational data and the 1 yr, 5σ sensitivity
for Fermi-LAT are plotted. The observed data are taken from Salter et al. (1989)
and Bock & Gaensler (2005) (radio), Helfand et al. (2003) and Morton et al.
(2007) (X-ray), and Djannati-Ataı̈ et al. (2007a) (γ -ray). Used and obtained
parameters are given in Table 1.

τ0 = 0.2 kyr and L0 τ0 = 1.5 × 1048 erg are also smaller than
those of the other PWNe. The small τ0 may be related to the
large magnetic field of the PSR J1846-0258. The current total
energy Etot(0.7 kyr) = 9.1 × 1047 erg is roughly half of L0 τ0.
The current magnetic field strength of Kes 75 turns out to be
Bnow = 20 μG. Despite η being more than an order of magnitude
smaller than in the other PWNe, Bnow is not so different because
the size of the Kes 75 PWN is small, and accordingly, vPWN is
small.

Focusing on the detailed spectral features, the observed flux in
hard X-rays is not well reproduced and is a few times larger than
the model prediction although the characteristic synchrotron
frequency corresponding to γmax extends to ∼3 × 1020 Hz. The
hard X-ray observation is difficult to reproduce because the
synchrotron cooling break frequency νc ∼ 2×1017 Hz is located
in the soft X-rays (see the discussion in Section 5.3). The γ -ray
emission is IC/IR dominant as in G21.5−0.9 and G54.1+0.3.

Figure 8 shows the evolution of the emission spectrum (left
panel) and the particle distribution (right panel) of Kes 75 using
the same parameters as in Figure 7. Both the synchrotron flux
and the IC flux decrease with time. This feature is similar to
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Figure 9. Model spectrum of Kes 75 at tage = 0.88 kyr for model 2, where the
distance is taken to be 10.6 kpc. Fermi-LAT sensitivity and the observed data
are the same as in Figure 7. Used and obtained parameters are given in Table 1.

G54.1+0.3 (Figure 5) because of the small spin-down time
τ0 = 0.2 kyr.

5.2. Model 2

Figure 9 shows the model spectrum of Kes 75 when the
distance to Kes 75 is assumed to be 10.6 kpc together with
observational data. We calculate the spectrum with the param-
eters η = 6.0 × 10−6, tage = 0.88 kyr, γmax = 1.0 × 109,
γb = 5.0 × 106, γmin = 5.0 × 103, p1 = 1.4, and p2 = 2.5,
but the calculated γ -ray flux is a few times smaller than the
observed one. The fraction parameter is an order of magnitude
smaller than that in model 1. The fitted age tage = 0.88 kyr is
almost the maximum value given by Equation (2). The current
magnetic field strength Bnow is 24 μG, similar to model 1 be-
cause the adopted ISRF energy density is similar. On the other
hand, given the larger γ -ray luminosity, Etot = 1.7 × 1050 erg
is more than two orders of magnitude larger than model 1. The
pulsar parameters τ0 = 3 yr and L0 τ0 = 2.1 × 1050 erg ∼Etot
are more extreme than model 1.

To better reproduce the observed γ -ray flux in model 2, Etot
larger than 1.7 × 1050 erg is required with the adopted ISRF
energy density. Etot > 1.7 × 1050 erg leads to τ0 < 3 yr and
L0τ0 > 2.1 × 1050 erg. However, τ0 = 3 yr is extremely short
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Figure 8. Evolution of the emission spectrum (left panel) and the particle distribution (right panel) of Kes 75 for model 1.
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compared with tage = 0.88 kyr and L0 τ0 = 2.1 × 1050 erg is
three times larger than the Crab Pulsar. On the other hand, these
extreme τ0, L0 τ0, and also η may be allowed given the unique
properties of the central pulsar PSR J1846-0258, and in this
case an energy density of the ISRF a few times larger would
reproduce the observed γ -ray flux.

5.3. Discussion

We favor model 1 rather than model 2 when we compare the
parameters with the other PWNe, because model 2 of Kes 75 is
clearly more extreme than model 1. However, we find Kes 75
peculiar in its results, even for the distance of 6 kpc (model 1).
The fitted values of η = 5 × 10−5 and vPWN = 420 km s−1 are
significantly smaller than other PWNe we studied so far. The
parameters η and vPWN become large, if we increase the local
ISRF energy density UISRF in the same manner as in model 2
of G54.1+0.3. However, to obtain a two orders of magnitude
larger value of η and vPWN ∼ 1000 km s−1, more than an order
magnitude larger UISRF is needed (see Section 7.1 for details)
and the age of the pulsar tage becomes around 300 yr, which is
as small as the age of SNR Cassiopeia A. Because Kes 75 is
the youngest PWN in our study, more precise studies of how a
PWN is created inside an SNR may be important besides the
magnetar-like properties of its central pulsar PSR J1846-0258.
As for the particle injection, the parameters are not unusual
except for the slightly larger value of γb compared with other
PWNe. The high-energy power-law index at injection p2 = 2.5
is similar to that of other PWNe.

Bucciantini et al. (2011) studied Kes 75 with their spectral
evolution model. There are two main differences between their
model and ours. First, while we model the magnetic field
evolution assuming energy conservation (Equation (5)), they
consider the adiabatic loss of magnetic energy. Second, they
consider the dynamical evolution of a PWN inside an SNR. The
age of the system is determined from the dynamical properties
of the system in their model, while we determine it from the
spectral properties. They assume that the age of the system is
650 yr, which is close to our result of 700 yr. The parameters
of the particle injection p1 = 1.7 and γb = 8 × 105 are almost
consistent with our model p1 = 1.6 and γb = 2 × 106, but
the high-energy power-law index at injection p2 = 2.3 is a
little harder than our value p2 = 2.5. The lower value of p2
increases the calculated flux in the hard X-rays, but their fitted
spectrum still underpredicts the hard X-ray observation. Their
current magnetic field strength ∼30 μG is almost consistent
with our model Bnow = 20 μG, but the adopted energy density
of the ISRF ∼24 eV cm−3 is very large. However, because the
assumed temperature of the ISRF TISRF = 1000 K is high, the
Klein–Nishina effect significantly suppresses the IC/ISRF flux
in their model.

The uniqueness of Kes 75 PWN also appears in Bucciantini
et al. (2011). For the case of Kes 75, the fraction of the
magnetic energy injection Ėmag of the spin-down power L(t)
(corresponding to η in our model) is almost two orders of
magnitude lower than other young PWNe in both studies. This
relative smallness of η compared with other young PWNe is
likely to be real and is very interesting, although the absolute
value of η is different between Bucciantini et al. (2011) and the
present work. The difference in the absolute value of η is most
probably due to the difference in the magnetic field evolution
model.

Lastly, we discuss the hard X-rays. McBride et al. (2008)
argued that the hard X-ray emission detected by INTEGRAL is

dominated by emission from the PWN, i.e., it is not from the
pulsar. However, it is difficult to reproduce the observed hard
X-ray emission with the current magnetic field Bnow = 20 μG.
If both the observed soft and hard X-ray spectra are fitted by
power-law spectra as discussed in McBride et al. (2008), the
synchrotron cooling break frequency νc should be above 1019 Hz
(Bnow ∼ 5 μG for tage = 0.7 kyr) to reproduce the observed soft
X-ray photon index ΓX < 2. This is difficult to realize for the
same reason as for G21.5−0.9 because the observed γ -ray to
X-ray flux ratio constrains the current magnetic field strength.
Note that the hard X-ray emission may have a pulsar origin.

6. G0.9+0.1

G0.9+0.1 is a composite supernova remnant and its PWN
component is observed in radio (Dubner et al. 2008), X-rays
(Gaensler et al. 2001), and TeV γ -rays (Aharonian et al. 2005).
In X-rays, a jet-torus-like structure is observed (Gaensler et al.
2001; Porquet et al. 2003). In radio, G0.9+0.1 consists of a
compact PWN with a radius of ∼1′ and an outer SNR shell
with a radius of ∼4′ (Dubner et al. 2008). No X-ray counterpart
of the outer SNR shell is observed (Porquet et al. 2003). The
central pulsar of G0.9+0.1 (PSR J1747-2809) has recently
been detected in radio, with a period P = 5.22 × 10−2 s, a
time derivative Ṗ = 1.56 × 10−13 s s−1 (τc = 5.3 kyr), and
an unknown braking index (Camilo et al. 2009). We assume
n = 3. The actual age of G0.9+0.1 is unknown. We consider
two cases for the distance of G0.9+0.1: 8 kpc (lower limit)
and 13 kpc (upper limit) given by Camilo et al. (2009) as
models 1 and 2, respectively. The ISRF energy density of
model 1 is larger than model 2, especially in optical band.
We assume that G0.9+0.1 PWN is a sphere of radius 2.3 pc
at (r, z) ∼ (0 kpc, 15 pc) or 3.8 pc at (r, z) ∼ (5 kpc, 20 pc)
for models 1 and 2, respectively. The energy density of the
ISRF is (UIR, UOPT) = (1.6 eV cm−3, 15 eV cm−3) for model 1
and (UIR, UOPT) = (1.2 eV cm−3, 2.0 eV cm−3) for model 2,
respectively.

6.1. Model 1

Figure 10 shows the model spectrum of G0.9+0.1 when
the distance to G0.9+0.1 is taken to be 8 kpc together with
observational data. We fit the data with the parameters η =
3.0 × 10−3, tage = 2.0 kyr, γmax = 8.0 × 108, γb = γmin =
4.0 × 104, and p2 = 2.6. The observed radio spectrum is not
fitted with the usual value of p1 in a range of p1 > 1 but we
take γmin = γb. The fitted fraction parameter is close to that
of the Crab Nebula, being just 0.6 times the value of the latter.
The fitted age tage = 2.0 kyr deviates from the characteristic age
τc = 5.3 kyr, i.e., the current period is close to the initial period.
The expansion velocity vPWN = 1120 km s−1 is comparable
with that of G21.5−0.9 and model 2 of G54.1+0.3. The pulsar
parameters are τ0 = 3.2 kyr, L0 τ0 = 1.2 × 1049 erg, and the
current total energy Etot(2.0 kyr) = 4.4 × 1048 erg, which is
almost half of L0 τ0. The current magnetic field strength of
G0.9+0.1 turns out to be Bnow = 15 μG.

A single power-law injection describes the observations
well. The radio emission comes from the particles suffering
from the adiabatic cooling and details are given in Section 7.1.
The γ -ray emission is dominated by the IC/IR and IC/OPT.
The synchrotron cooling break frequency νc ∼ 5 × 1016 Hz
corresponds to the flux peak.

Figure 11 shows the evolution of the emission spectrum (left
panel) and the particle distribution (right panel) of G0.9+0.1
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Figure 10. Model spectrum of G0.9+0.1 at tage = 2.0 kyr for model 1, where the
distance is taken to be 8 kpc. The observational data and the 1 yr, 5σ sensitivity
for Fermi-LAT are plotted. However, this sensitivity curve may be more worse
because G0.9+0.1 is significantly closer to the Galactic center than G21.5−0.9
on the sky. The observed data are taken from Dubner et al. (2008) (radio),
Gaensler et al. (2001) (X-ray), and Aharonian et al. (2005) (γ -ray). Used and
obtained parameters are given in Table 1.

using the same parameters as in Figure 11. While the syn-
chrotron flux decreases, the inverse Compton flux increases
with time. This feature is the same as in G21.5−0.9 because
the spin-down time τ0 = 3.2 kyr is large. In the right panel,
we see how a single power-law distribution evolves with time,
producing the low-energy tail.

6.2. Model 2

Figure 12 shows the model spectrum of G0.9+0.1 when
the distance to G0.9+0.1 is taken to be 13 kpc together
with observational data. We fit the data with the parameters
η = 1.0 × 10−3, tage = 4.5 kyr, γmax = 1.0 × 109, γb = γmin =
1.0 × 105, and p2 = 2.6. The fraction parameter is similar
to that of model 1. The main difference is in the fitted age of
G0.9+0.1, which is more than twice that of model 1, because
given the larger distance to the object we need a larger current
total energy Etot. The expansion velocity vPWN = 830 km s−1
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Figure 12. Model spectrum of G0.9+0.1 at tage = 4.5 kyr for model 2, where
the distance is taken to be 13 kpc. Fermi-LAT sensitivity and the observed data
are the same as in Figure 10.

is slightly smaller than that in model 1. The pulsar parameters
of G0.9+0.1 are τ0 = 0.8 kyr and L0 τ0 = 4.8 × 1049 erg. The
current total energy Etot(4.5 kyr) = 4.2 × 1049 is an order of
magnitude larger than that in model 1. Note that tage is larger
than τ0 for model 2 and vice versa for model 1. The current
magnetic field strength Bnow = 12 μG is similar to model 1.

The γ -ray emission is dominated by the IC/IR component.
Although the energy density of the ISRF is very different from
that in model 1, the energy density of the magnetic field remains
similar because of the strong Klein–Nishina effect on the
IC/OPT in model 1. Note that the difference of the ISRF energy
density between models 1 and 2 is mainly in the optical band.
The synchrotron cooling break frequency is νc ∼ 2 × 1016 Hz.

Figure 13 shows the evolution of the emission spectrum (left
panel) and the particle distribution (right panel) of G0.9+0.1
using the same parameters as in Figure 13 (model 2). Both the
synchrotron flux and the IC flux decrease with time, and this
behavior is the same as in G54.1+0.3 which is shown in the left
panel of Figure 5. This different evolution in the left panels of
Figures 11 and 13 arises from the difference between tage and τ0
in the models.
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Figure 11. Evolution of the emission spectrum (left panel) and the particle distribution (right panel) of G0.9+0.1 for model 1. The total injected particles at an age of
10 kyr (the thin dotted line in the right panel) shows that the injection spectrum is given by a single power-law distribution. Note that a pileup feature of the particle
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Figure 13. Evolution of the emission spectrum (left panel) and the particle distribution (right panel) of G0.9+0.1 at 13 kpc. As seen in the right panel, the injection
spectrum is a single power-law distribution. Note that a pileup feature of the particle Lorentz factor γ < 104 for t = 0.3 kyr also appears in the right panel, which is
the same as in the right panel of Figure 11.

6.3. Discussion

Both models 1 and 2 reproduce the observed spectra well
and both models are acceptable. The models differ in the
IC/OPT flux, but the current observations cannot distinguish the
models. A low-energy, power-law component for the injected
particles is not needed (see the injection spectrum in the right
panels of Figures 11 and 13) to reproduce the observed radio
spectrum of G0.9+0.1. This is because the adiabatic cooling of
the injected particles can create the observed radio spectrum as
will be discussed in Section 7.1. However, we note that no other
PWNe we have studied can be fitted by the single power-law
injection of the particles.

Fang & Zhang (2010) studied the spectral evolution of
G0.9+0.1. They adopted the model in which G0.9+0.1 is located
at the Galactic center (d = 8.5 kpc in their model) with similar
values of the ISRF energy densities UIR = 0.5 eV cm−3 and
Uopt = 20 eV cm−3 to our model 1. The most interesting point
in their model is that the particle distribution at injection is given
by a relativistic Maxwellian distribution plus a single power-law
distribution (e.g., Spitkovsky 2008), not a broken power-law
distribution. They could reproduce the observed spectrum of
G0.9+0.1 with p2 = 2.5 and γb ∼ 4×104. The current magnetic
field strength 8.1 μG is about half of our value Bnow = 15 μG.
As will be discussed in Section 7.1, their conclusion is consistent
with our study, but the existence of the relativistic Maxwellian
component is not essential for reproducing the observed radio
spectrum. Note that adiabatic cooling of the injected particles
could also work in their model to reproduce the observed radio
spectrum.

7. DISCUSSION AND CONCLUSIONS

We first discuss the dependence of the emission spectrum
on the adopted ISRF energy densities. Next, we discuss the
differences and similarities in the fitted and derived parameters
among five young TeV PWNe including the Crab Nebula. We
search for correlations between the central pulsar properties and
the fitted parameters.

7.1. General Discussion

There is a possibility that the ISRF energy density is locally
different from the mean values of the Galaxy as discussed in

the case of model 2 of G54.1+0.3 and we see that the γ -ray
emission is dominated by the IC/ISRF except for the Crab
Nebula. To reproduce the observed power of the IC/ISRF, a
larger ISRF energy density UISRF leads to a smaller current total
energy of particles (1 − η)Etot(tage). Accordingly, the fraction
parameter η needs to be larger to reproduce the observed power
of the synchrotron radiation. We showed in our previous paper
(Section 3.3 of Tanaka & Takahara 2010) that the power of
the synchrotron radiation and that of the IC/ISRF roughly
behave as Psyn ∝ (1 − η)ηE2

tot and PIC/ISRF ∝ (1 − η)EtotUISRF,
respectively. These relations lead to Etot ∝ U−1

ISRF and η ∝ U 2
ISRF

together with observed Psyn and PIC/ISRF. As for tage, we find
that a larger UISRF leads to a smaller tage from the integration of
Equation (1).

However, the Klein–Nishina effect makes the dependence of
Etot and η on UISRF somewhat milder. As seen in Table 1, the
adopted UIR in model 2 of G54.1+0.3 is four times larger than
that in model 1, but the Etot of model 1 is about three times larger
than that of model 2. Accordingly, η of model 2 is about seven
times larger than that of model 1. In Section 5.3, we considered
how large an UISRF is required in order for the η of Kes 75 to be
as large as other PWNe. We can estimate that more than an order
of magnitude larger UISRF is required for model 1 and an almost
two orders of magnitude larger UISRF is required for model 2.

For the fraction parameter η, all the young TeV PWNe have
a value much smaller than unity and most of them are similar
to each other. We conclude that the fraction parameter η in our
model is typically a few ×10−3 for young TeV PWNe except
for Kes 75.

For the break energy, γb ∼ 105−6 is found for all the young
TeV PWNe. Together with the minimum energy γmin and the
low-energy power-law index at injection p1, these parameters
determine the supply rate of the particles from the pulsar
wind and thus determine the pair multiplicity κ inside the
pulsar magnetosphere and the bulk Lorentz factor of the pulsar
wind Γw (Tanaka & Takahara 2010; Bucciantini et al. 2011).
For the typical values of the power-law indices at injection
1 < p1 < 2 < p2 < 3, the particle number flux is estimated
as Ṅinj(t) ∼ γminQinj(γmin, t) and the particle energy flux is
estimated as Ėpart(t) ∼ γ 2

b mec
2Qinj(γb, t). We can estimate κ as

Ṅinj = κṄGJ, where ṄGJ is the Goldreich–Julian number flux
and Γw is estimated as L(t) ∼ Ėpart(t) ∼ Ṅinj(t)Γwmec

2. The
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Table 2
The Derived Pair Multiplicity and the Bulk Lorentz Factor

Symbol Crab G21.5−0.9 G21.5−0.9 G54.1+0.3 G54.1+0.3 Kes 75 Kes 75 G0.9+0.1 G0.9+0.1
Model 1 2 1 2 1 2 1 2

κ(104) >420 >13 >19 >3.7 >5.2 >2.8 >0.85 8.3 3.4
Γw(105) <0.07 <0.67 <0.53 <2.1 <0.91 <1.4 <4.6 1.1 2.7

fitted minimum energy (γmin < a few ×103) gives a lower limit
of κ and an upper limit of Γw. However, the values of κ and Γw
of G0.9+0.1 are fixed because γmin = γb. Derived κ and Γw for
each PWN are listed in Table 2. We find that the lower limit of
κ is larger than 104 for all young TeV PWNe and that the upper
limit of Γw is smaller than γb for the Crab Nebula and Kes 75
(models 1 and 2). These quantities may be more constrained by
the future lowest-frequency radio observations such as LOFAR,
ASKAP, and SKA.

The high-energy power-law index at injection p2 ∼ 2.5
takes a very similar value for all five young TeV PWNe. As
stressed by Bucciantini et al. (2011), spatially variable fluxes
and photon indices of X-ray observations are not guaranteed to
be reproducible in one-zone broadband emission models. For
example, the hard X-ray observation of Kes 75 may suggest that
the hard X-ray emission mainly comes from the central region
of strong magnetic fields. However, the result of p2 ∼ 2.5 for
all the young TeV PWNe is still interesting. It suggests that
the acceleration process at the pulsar wind termination shock
and/or the cooling, advection, and diffusion of the accelerated
particles is common to young PWNe (e.g., Bamba et al. 2010).

The low-energy power-law index at injection p1, on the other
hand, is different for each PWN and varies 1.0 � p1 � 1.6.
Moreover, in the case of G0.9+0.1, we either do not need a low-
energy component or it should be very hard (p1 � 1.0). On
the assumption of a uniform PWN, this behavior of G0.9+0.1 is
explained in the following way. Low-energy particles are mainly
cooled by adiabatic cooling. When we take into account only the
adiabatic cooling, Green’s function of the continuity equation
of particles in energy space

∂

∂t
G(γ, t) − α

∂

∂γ

(γ

t
G(γ, t)

)
= δ(γ − γ0)δ(t − t0) (8)

becomes

G(γ, t) = 1

α
γ −1Θ(γ0 − γ )δ

(
ln

t

t0
+

1

α
ln

γ

γ0

)
, (9)

where α takes into account an accelerated (α > 1) or decelerated
(α < 1) expansion of the PWN (RPWN ∝ tα) and Θ(x) is the
Heaviside step function. For simplicity, we consider the solution
of the time-dependent injection q(γ, t) = q0(t/t1)−βδ(γ −
γ1)Θ(t − t1), where q0 = const. is a normalization factor, t1
is the time when the injection starts, γ1 is the particle energy at
injection, and β is the time dependence of injection. The particle
distribution N (γ, t) is given by

N (γ, t) = q0t

αγ1

(
γ

γ1

) 1−β

α
−1 (

t

t1

)−β

Θ(γ1 − γ )

× Θ
(

γ −
(

t1

t

)α

γ1

)
. (10)

We consider the PWN expanding at a constant velocity α = 1
and the particles whose energy is lower than γ1 = γb = γmin for
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Figure 14. Correlation between the initial rotational energy L0 τ0 and the
magnetic energy B2
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3
pulsar/6 of the central pulsars. Model 1 of G54.1+0.3

and model 2 of Kes 75 are not plotted.

G0.9+0.1. Equation (10) gives the particle distribution N ∝ γ −β

for γ < γ1 = γmin. From Equation (1), for t � τ0, β is 0 while
β is (n+1)/(n−1) for t � τ0. However, for tage ∼ τ0 ∼O(kyr),
as in both models of G0.9+0.1, β smoothly varies from 0 to 2
for n = 3 on the timescale of τ0. As seen in the right panels
of Figures 11 and 13 (see thick dotted curves at 10 kyr), the
particle distribution for γ < γb continuously changes from 0
to −2 on the timescale of τ0. Thus, the observed radio spectral
index αr = −0.18 (Dubner et al. 2008), corresponding to the
power-law index ∼ − 1.4 of particle distribution, can be almost
reproduced by the adiabatic cooling. Note that the slope of the
particle distribution for γ < γb is slightly different between the
right panels of Figures 11 and 13, because τ0 is different. Note
also that the observed radio spectral index αr = −0.18 is clearly
smaller than αr = 1/3, which corresponds to the low-frequency
tail of synchrotron radiation.

Concerning the properties of the central pulsars, when the
braking index n is given, the spin-down evolution of the pulsar
is characterized by two parameters, the initial spin-down power
L0 and the spin-down time τ0 in Equation (1). In other words,
the individualities of each pulsar come from these two quantities
which theoretically represent the two parameters equivalent
to the initial rotational energy and the magnetic energy of
the pulsar. In Figure 14, we plot the correlation between the
initial rotational energy L0 τ0 versus the magnetic energy of
the pulsar EB = B2

∗R
3
∗/6, where B∗ ∝ Ṗ 1/2P 1/2 (assuming

magnetic dipole radiation) and R∗ = 106 cm are the surface
dipole magnetic field and the radius of the pulsar, respectively.
Figure 14 shows an anticorrelation between L0 τ0 and EB,
although the statistics are rather poor and Kes 75 dominates
in this anticorrelation. Note that this anticorrelation remains
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unchanged even if we use the canonical value n = 3 for Kes 75,
instead of using n = 2.65. Although the canonical value n =
3 keeps EB unchanged from its birth, when n is not 3, it seems
better to use the initial value of EB (EB0 ) rather than that at the
present time EB(tage). However, for Kes 75 (n = 2.65), EB(tage)
is only a factor of 1.3 smaller than EB0 . The value of n also
changes L0 τ0. However, L0 τ0 for n = 2.65 is only a factor of
1.4 larger than that for n = 3 with fixed Etot(tage), which we can
almost independently determine from the observed power of the
IC/ISRF.

We also search for correlations between the parameters of
the injection spectrum and the pulsar parameters. The pulsar
parameters include the spin-down power L(t) ∝ Ṗ /P 3, the
surface dipole magnetic field B∗ ∝ Ṗ 1/2P 1/2, the potential
difference at the polar cap Φpole ∝ Ṗ 1/2/P 3/2, and the light
cylinder magnetic field Blc ∝ B∗(R∗Ω/c)3 ∝ Ṗ 1/2/P 5/2, where
Ω is the current angular velocity of the pulsar. In Figure 15 (left),
we plot the correlation between the fraction parameter η and the
light cylinder magnetic field Blc. Although it seems to show
some correlation, when we ignore Kes 75, the correlation is
insignificant and the values of η for the other objects spread
only in a range 10−3–10−2. In Figure 15 (right), we plot
the correlation between the maximum energy γmax and the
potential difference at the polar cap Φpole. Because eΦpole
gives the maximum available electric energy of the pulsar to
accelerate particles, this correlation is expected as mentioned by
Bucciantini et al. (2011). However, we do not find a significant
correlation. This may be partly because only an upper limit
of γmax is obtained, except for the Crab Nebula. For other
combinations of the parameters, we do not find any significant
correlations and we do not show them here.

Lastly, we discuss the age tage and the expansion velocity vPWN
of PWNe. Our spectral evolution model can estimate the age of
the central pulsar in a fairly reliable way from the observed
power of the IC/ISRF. In contrast, when the spin-down time
τ0 is close to the age of the pulsar tage as seen in Equation (2),
the characteristic age τc of a pulsar is not guaranteed to match
the age of young pulsars. For example, τc of the central pulsars
inside the Crab Nebula and G21.5−0.9 are 1.2 kyr and 4.8
kyr, but tage fitted with our model and the ages estimated from

the observed expansion rate of the synchrotron nebula are both
∼1.0 kyr.

We discuss the properties of the SN explosion which creates
the pulsars with obtained vPWN and Etot. Simply, we expect
the relation vPWN ∼ (Etot(t)/ESN)0.2VSN, where ESN is the
energy of SN ejecta and VSN is the velocity of the front of
the freely expanding ejecta. We derive this relation from the
radius of PWNe RPWN in a freely expanding SN ejecta estimated
as RPWN(t) ∼ (Etot(t)/ESN)0.2VSNt by van der Swaluw et al.
(2001). We do not find the relation vPWN ∝ E0.2

tot , which suggests
that the values of ESN and VSN are not common to the PWNe.
On the other hand, because the derived values of vPWN and E0.2

tot
differ by a factor of a few, the combination of VSN/E0.2

SN also
ranges within a factor of a few.

7.2. Conclusions

In this paper, we apply our spectral evolution model to
four young TeV PWNe, G21.5−0.9, G54.1+0.3, Kes 75, and
G0.9+0.1. Based on this rather simplified one-zone model, we
have succeeded in reproducing many observed properties of
these PWNe.

The current observed spectra of all four young TeV PWNe
are reconstructed with small values of the fraction parameter
η � 1 as well as the Crab Nebula, i.e., the magnetic energy of
these PWNe accounts for a very small fraction of the current
total energy injected into the PWN Etot(tage). The fitted fraction
parameters are typically a few ×10−3 except for those of Kes 75.
The fraction parameter of the peculiar object Kes 75 is more than
two orders of magnitude smaller than the typical value.

The TeV γ -ray emission from the young TeV PWNe is
dominated by IC/ISRF. Since the energy density of the local
ISRF around the objects is somewhat uncertain, it is important
to take into account its effect as considered in model 2 of
G54.1+0.3. On the other hand, the γ -ray emission at an early
phase of their evolution (e.g., tage < 300 yr) is always SSC
dominant because the magnetic energy density of the PWN is
much larger than the local ISRF energy density.

A broken power-law injection of particles reproduces the
observed spectrum well from radio to TeV γ -rays, except in

13



The Astrophysical Journal, 741:40 (14pp), 2011 November 1 Tanaka & Takahara

the case of G0.9+0.1 where we do not need the low-energy
component. The observed spectrum of G0.9+0.1 in radio is
created by the adiabatic cooling of the high-energy component
of the injected particles.

The fitted break energy γb ∼ 105−6 is rather common. On
the other hand, the fitted maximum energy γmax is a lower limit
(more than ∼109) and the fitted minimum energy γmin is an
upper limit (less than ∼104). The high-energy power-law index
at injection p2 ∼ 2.5 is common for all young TeV PWNe,
while the low-energy power-law index at injection p1 varies in
the range 1.0 � p1 � 1.6.

The fitted parameters of the injection spectrum in Equation (4)
give a lower limit of the pair multiplicity κ , which turns out to
be more than 104. We have also estimated an upper limit of the
bulk Lorentz factor of the pulsar wind Γw. For G21.5−0.9 and
G54.1+0.3, the upper limit of Γw is still consistent with γb, but
the obtained Γw of Kes 75 is clearly less than γb. The latter
feature is the same as for the Crab Nebula in our previous work
Γw < 104 < γb ∼ 106. On the other hand, for G0.9+0.1, the
value of Γw is similar to γb without uncertainty in our model.

From the fitted age, we can derive the initial spin-down
luminosity and the spin-down time of the central pulsar. We take
the initial rotational energy L0 τ0 and the magnetic energy EB of
the pulsar as two independent parameters which characterize the
spin-down evolution of the pulsar and search for a correlation
between them. They seem to be anticorrelated, although the
statistics are rather poor. We also search for correlations between
the fraction parameter and the parameters of the injection
spectrum versus the central pulsar properties. However, we find
no significant correlations.
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