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ABSTRACT

We present observations of 16 planetary nebulae (PNs) in the 2�m (K band) spectral region, obtainedwith a long-slit
near-infrared spectrometer atMcDonaldObservatory. In general, the strongest features in our spectra are recombination
lines of H i, He i, and (in some cases) He ii. Half the sample shows emission from vibrationally excited H2. Some of the
observed PNs (e.g.,M 1-13) displayH2 line ratios characteristic of shocked, thermalized gas, while others (e.g., BD+30
3639) have ratios intermediate between pure radiative (UV) and shock excitation, consistent with either a combination
of the mechanisms or UV illumination of dense material. Our spectra of J900 and M 1-13 confirm that published
narrowband images trace the H2 emission, and we find that the H2 emission in SwSt 1 has a larger spatial extent than
previously reported. In IC 5117, SwSt 1, and NGC 40 we detect the [Kr iii] 2.199 �m line identified by Dinerstein in
2001, with strengths indicating that krypton is enriched relative to the solar abundance, most markedly so in NGC 40.
We also detect several lines from the 3G term of [Fe iii] in Vy 2-2, SwSt 1, and marginally in Cn 3-1. The [Kr iii] and
[Fe iii] lines fall near inwavelength toH2 transitions, which are often used as diagnostics for UVexcitation because they
arise from higher vibrationally excited levels (v ¼ 2; 3). For moderate spectral resolving power, R � 600, these lines
may be blended with, or even mistaken for, the corresponding H2 lines, leading to misinterpretation of the H2 emission.
The strength of both the Kr and Fe nebular emission lines can be enhanced by special circumstances, Kr because of
nucleosynthetic self-enrichment in the progenitor star and Fe due to inefficient initial dust condensation or partial
destruction of the dust after formation, causing a larger fraction of the elemental iron to reside in the gas phase.

Key words: infrared: ISM — planetary nebulae: general — planetary nebulae: individual (BD +30 3639, IC 5117,
J900, M 1-13, NGC 40, SwSt 1, Vy 2-2, IC 2003)

1. INTRODUCTION

Observable quantities of molecules are present in some plan-
etary nebulae (PNs) despite the fact that the PN material is sub-
jected to the central star’s strong UV radiation field, which is
capable of dissociating and ionizing the gas. The survival of mol-
ecules in PNs can be attributed to several factors, including time-
dependent effects arising from the rapid evolution of the central
star and location of the molecules in dense regions where they
are shielded from the dissociating radiation. Relevant time-
dependent effects include the recent onset of the dissociating ra-
diation field for young PNs (e.g., Goldshmidt & Sternberg 1995;
Hollenbach & Natta 1995) and luminosity fading of the central
star for some older PNs (Tylenda 1986; Blöcker 1995). Regions
thatmay shelter molecules for long time periods include the dense
equatorial tori of bipolar nebulae (Kastner et al. 1996; Guerrero
et al. 2000) or the interiors of clumps or globules (Tielens 1993;
Redman et al. 2003). It may even be possible for molecular
reformation processes (on grain surfaces and/or via gas-phase
reactions) to maintain an observable molecular fraction in com-
petition with photodissociation (Hasegawa et al. 2000; Hasegawa
2003; Aleman & Gruenwald 2004). Evolutionary models for
the neutral envelopes of PNs predicting that molecular emission
may be observable for several thousand years (Natta &Hollenbach
1998) are confirmed by observations of CO and H2 emission in
relatively evolved PNs such as the Helix and Ring Nebulae
(Huggins et al. 2002; O’Dell et al. 2002; Speck et al. 2003).

The most cosmically abundant molecule, H2, is also the most
widely detected one. Its near-infrared quadrupole emission lines
have been seen in over 60 PNs and proto–planetary nebulae
(PPNs), objects that have not yet fully reached the PN stage.
(However, the distinction between PNs and PPNs is problem-
atic and often inconsistent, with PPNs sometimes essentially de-
fined as objects with molecular emission; see the discussion by
Dinerstein [2004a].) The most commonly observed transitions
lie in the 2 �m spectral region (K band) and originate from vi-
brationally excited levels of the ground electronic state. The v ¼
1 0 S(1) 2.122 �m line is particularly favored for imaging
surveys because it is strong and relatively free of telluric inter-
ference. The first few excited vibrational states can be populated
by collisional excitation in gas heated by low-velocity shocks or
by fluorescent pumping via the absorption of UV photons fol-
lowed by a radiative cascade. In principle one can distinguish
between these two possibilities from the line intensity ratios,
since radiative excitation produces an emergent spectrum with
many lines from high energy levels (v � 3) that are absent for
thermal excitation (e.g., Black & van Dishoeck 1987). Unfor-
tunately, it is not so easy to discriminate between the two mech-
anisms in practice, because a radiative spectrum can be modified
by effects that cause it to mimic collisional excitation. This can
happen, for example, if the UV-illuminated gas is very dense
(nk 104 cm�3; e.g., Sternberg & Dalgarno 1989) or if the ra-
diation field includes X-rays that heat the gas so strongly that
collisional excitation overwhelms the initially nonthermal pop-
ulation distribution (Maloney et al. 1996; Vicini et al. 1999).

The early detections of H2 emission in PNs, mostly from ob-
servations with relatively low spectral resolving power that could
not resolvemany individual lines, were generally ascribed to shock
excitation (e.g., Zuckerman & Gatley 1988). The paradigm shift
to interpreting the H2 as being primarily radiatively excited, in
a ‘‘photodissociation region’’ or PDR, was prompted by the
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discovery of a pure fluorescent H2 emission spectrum in the PN
Hubble 12 (Dinerstein et al. 1988; Ramsay et al. 1993; Luhman&
Rieke 1996). The current consensus is that radiative excitation
usually dominates, but a variety of behaviors is seen, with some
objects (PNs and PPNs) exhibiting line ratios closer to the shock
case (Hora et al. 1999, hereafter HLD99; Lumsden et al. 2001a,
hereafter LPH01). PPNs, which have less evolved central stars
(Hrivnak 2003), are more likely to have shock-dominated H2

spectra than bona fide PNs (Garcı́a-Hernández et al. 2002; Davis
et al. 2003), possibly due to the presence of stronger winds in this
phase of evolution, as well as the fact that their stellar radiation
fields have fewer energetic UV photons. On the other hand, the
uncertainty about the excitation mechanism makes it difficult to
evaluate the actual fraction of true PNs with significant molecular
content. This is exacerbated by the fact that fluorescence is intrin-
sically less efficient than collisional excitation, introducing a bias
in favor of preferentially detecting shock-excited over radiatively
excited H2. These issues motivated us to undertake the present
study, an attempt to clarify the excitation mechanism for H2 by
expanding the sample of PNs with well-studied K-band spectra.

In this paper we present K-band spectrophotometric obser-
vations of 16 compact northern PNs, 8 of which display H2 emis-
sion, and discuss the constraints that these measurements place
on the excitation mechanism(s). We also discuss other features
in the spectra, including collisionally excited lines of [Fe iii]
and [Kr iii] that are not usually considered to be significant in the
spectra of PNs. The confusion of these lines with several key H2

transitions can lead to misinterpretation of the H2 spectrum, a
potentially serious effect, since these ionic lines can be signifi-
cantly enhanced in particular PNs due to chemical enrichment or
a dust deficiency.

2. OBSERVATIONS AND REDUCTIONS

We obtained spectra of our targets in the region�2.0–2.3 �m
using CoolSpec (Lester et al. 2000), a modular long-slit near-
infrared spectrometer, at the Cassegrain focus of the 2.7 m
Harlan J. Smith telescope at McDonald Observatory. This sur-

vey was conducted over the period 1998–2000, and several ob-
jects were observed multiple times. For each object, we present
here the data with the highest signal-to-noise ratio (S/N), gener-
ally from the more recent observing sessions. Observing logs are
given in Tables 1 and 2. The detector was a NICMOS3 HgCdTe
256 ; 256 pixel array. We used a 430 �m entrance slit (1B8 on
the sky) and a grating with 75 lines mm�1 in second order, yield-
ing a spectral resolving power of R � 700 (�30 8) for a point
source. The pixel size corresponded to 0B36 in the spatial di-
rection. The�9000 slit length enabled us to estimate the angular
extent of the emitting regions and tailor the dimensions of the
extraction aperture accordingly; the cross-dispersion length of
each aperture is listed in Tables 1 and 2. The slit was oriented
east-west, except for J900, for which we rotated the position
angle in order to align the long axis of the slit with the source
structure (see x 3.4.7).
The data reductions were performed with IRAF.4 Time-

adjacent off-source positions were subtracted in order to remove

TABLE 1

Observing Log for Primary Setup (2.095–2.260 �m)

Nebula PNG Number Observation Date

Aperturea

(arcsec)

Integration Timeb

(minutes) Conditions

NGC 40...................... 120.0+09.8 2000 Nov 24 1.8 ; 8.6c 36 Variable

M 1-4 ......................... 147.4�02.3 2000 Nov 24 1.8 ; 8.6 48 Partly cloudy

IC 2003 ...................... 161.2�14.8 2000 Nov 23 1.8 ; 15.5 80 Clear, windy

IC 2165 ...................... 221.3�12.3 1999 Nov 16 1.8 ; 8.6 52 Clear

J900 ............................ 194.2+02.5 1999 Nov 15 1.8 ; 10.8d 56 Clear

M 1-6 ......................... 211.2�03.5 1999 Nov 16 1.8 ; 6.5 100 Clear

M 1-13 ....................... 232.4�01.8 2000 Nov 20 1.8 ; 18.0 56 Partly cloudy

M 1-13 ....................... 232.4�01.8 2000 Nov 22 1.8 ; 18.0 72 Partly cloudy

Me 2-1........................ 342.1+27.5 2000 Jul 21 1.8 ; 10.8 46 Clear

NGC 6210.................. 043.1+37.7 2000 Jun 26 1.8 ; 10.8 52 Partly cloudy

Vy 1-2 ........................ 053.3+24.0 2000 Jun 27 1.8 ; 8.6 60 Cirrus

SwSt 1........................ 001.5�06.7 2000 Jul 22 1.8 ; 6.5 24 Clear

Cn 3-1 ........................ 038.2+12.0 2000 Jul 20 1.8 ; 7.2 32 Cirrus

Vy 2-2 ........................ 045.4�02.7 2000 Jun 27 1.8 ; 8.6 40 Cirrus

BD +30 3639 ............. 064.7+05.5 2000 Jul 22 1.8 ; 10.1e 14 Clear

IC 5117 ...................... 089.8�05.1 2000 Nov 22 1.8 ; 8.6 16 Clear

IC 5217 ...................... 100.6�05.4 2000 Nov 24 1.8 ; 8.6 80 Clear

a Unless otherwise indicated, the aperture was centered on the optical nebula with the long axis oriented east-west.
b Effective on-source integration time.
c Spectra from western and eastern arcs; slit offset 7B4 north of the central star.
d Slit position angle rotated to 130� to align with the nebular major axis.
e Extraction aperture extends from 3B6 to 13B6 due east of the central star.

TABLE 2

Observing Log for Supplemental Setup (1.975–2.145 �m)

Nebula

Observation

Date

Aperturea

(arcsec)

Integration Timeb

(minutes) Conditions

M 1-13 ........ 2000 Nov 22 1.8 ; 18.0c 116 Partly cloudy

Vy 2-2 ......... 2000 Jun 27 1.8 ; 8.6 24 Cirrus, humid

IC 5117 ....... 2000 Nov 23 1.8 ; 10.8 20 Clear

a Unless otherwise indicated, the aperture was centered on the optical nebula
with the long axis oriented east-west.

b Effective on-source integration time.
c Slit positioned so that the long axis cut across the ‘‘waist’’ of this bipolar

nebula.

4 IRAF is distributed by the National Optical Astronomy Observatory,
which is operated by the Association of Universities for Research in Astron-
omy, Inc., under cooperative agreement with the National Science Foundation.
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instrumental and sky background noise, and an additive constant
was applied to null the signal on portions of the chip receiving no
light. Most of the observed sources were sufficiently compact
that we were able to maximize our observing efficiency by beam
switching along the slit, keeping the source on the detector at all
times. Spectra for the two source positions along the slit (or ‘‘on-
source’’ and ‘‘off-source’’ for the more extended objects) were
reduced separately and later combined to produce the final co-
added spectrum.

Flat-field frames were obtained by imaging a flat surface illu-
minated by an internal incandescent lamp. The flats were nor-
malized by a smoothed average frame before dividing them into
the data. This self-normalization procedure removed large-scale
features introduced by the optics, leaving the flat-field division to
correct for small-scale pixel-to-pixel variations. We used the
IRAF tasks median and crmed to remove bad pixels and cosmic
rays when combining the individual object–sky pairs (typically
120 s frame�1) accumulated for each source.

One-dimensional spectra were then extracted using the apall
task in IRAF. The apertures were centered on the continuum peak
for both stars and PNs, except for NGC 40 and BD +30 3639 (see
details in x 3.4 and Table 1). For the compact PNs, the aperture
width was generally set to be slightly larger than that of the strong
Br� line in order to include possible H2 emission outside the ion-
ized material (see Table 1; for objects with detected H2 emission
see x 3.4). Weak extended emission or a collimated outflow at an
angle to our east-west slit would not have been detected.We com-
pensated for atmospheric and instrumental effects by applying a
spectral response curve, created by dividing a similarly reduced
and smoothed spectrum of a nearby A, F, or G star (after inter-
polating across the stellar Br� line) into a blackbody spectrum for
that stellar temperature.

Stars with known near-infrared photometric fluxes were used
for absolute flux calibration, and wemeasured the line fluxes with
the line fitting package SPLOT. Because of varying transparency
and air mass, as well as variations in seeing and slit positioning
and alignment, we estimate the uncertainty in absolute fluxes to be
�30%–50%. Thus, the nominal fluxes we present should be con-

sidered to be indicative only of general source brightness andmay
differ from other values in the literature, particularly for spatially
extended objects for which our effective apertures may differ from
those used by other authors. The quantities determined from rel-
ative spectrophotometry, namely, the line intensity ratios, are ac-
curate to �5%, except in regions of severe telluric absorption,
such as near He i 2.058 �m (see x 3.1).

3. RESULTS

Our survey-mode spectral setup (Table 1) provides useful
coverage from �2.095 to 2.260 �m; three of the targets were
also observed with a second setup that extended farther to the
blue (Table 2). Although our primary motivation was to study
the H2 emission, we also detected recombination and forbidden
emission lines from the ionized gas. Themeasured line fluxes are
summarized in Tables 3–5; where absolute fluxes are given, the
units are 10�14 ergs cm�2 s�1. Cited error bars include internal

TABLE 3

Fluxes for Bright Lines (Full Sample)

Nebula

(1)

FBr�

(2)

F(He i)/FBr�

(2.113/2.166)

(3)

F(He ii)/FBr�

(2.189/2.166)

(4)

F(H2)/FBr�

(2.122/2.166)

(5)

Ions Seen

(6)

NGC 40 W................. 12.2 � 0.3 �0.03 �0.017 0.058 � 0.007 [Kr III ]

NGC 40 E.................. 4.95 � 0.1 �0.04 �0.04 �0.04 [Kr III ]

M 1-4 ......................... 14.5 � 0.5 0.041 � 0.008 �0.021 �0.021 . . .

IC 2003 ...................... 110 � 0.2 0.082 � 0.018 0.232 � 0.013 0.053 � 0.010 . . .

IC 2165 ...................... 33.0 � 0.6 0.097 � 0.025 0.15 � 0.02 �0.03 . . .
J900............................ 25.7 � 1.2 �0.06 0.175 � 0.028 0.148 � 0.022 . . .

M 1-6 ......................... 36.0 � 1.0 0.033 � 0.009 �0.07 �0.07 . . .

M 1-13 ....................... 3.6 � 0.1 �0.08 �0.060 1.68 � 0.10 . . .

Me 2-1........................ 6.1 � 0.2 �0.05 0.26 � 0.04 �0.05 . . .
NGC 6210.................. 169 � 2 0.045 � 0.004 �0.008 �0.007 . . .

Vy 1-2 ........................ 12.5 � 0.3 0.07 � 0.01 0.100 � 0.014 �0.03 . . .

SwSt 1........................ 210 � 5 0.039 � 0.005 �0.007 0.057 � 0.005 [Kr III ], [Fe III ]

Cn 3-1 ........................ 42 � 1 0.024 � 0.007 �0.012 �0.015 [Fe III ]?

Vy 2-2 ........................ 65 � 3 0.070 � 0.005 �0.006 0.032 � 0.004 [Fe III]

BD +30 E................... 9.5 � 0.5 0.084 � 0.025 �0.077 0.73 � 0.06 . . .

IC 5117 ...................... 95 � 0.5 0.089 � 0.005 0.048 � 0.004 0.097 � 0.005 [Kr III ]

IC 5217 ...................... 18.1 � 0.2 0.064 � 0.008 0.041 � 0.003 �0.008 . . .

Notes.—Upper limits are 3 � values. Uncertainties listed are due to continuum placement and do not include the flux
calibration uncertainty of about 30%–50%. Fluxes are in units of 10�14 ergs cm�2 s�1.

TABLE 4

Line Fluxes for IC 5117, M 1-13, and Vy 2-2

k ID IC 5117 M 1-13 Vy 2-2

2.033 �m........ H2 1–0 S(2) 3.4 � 0.7 2.6 � 0.1 �0.6

2.058 �m........ He i 33.6 � 0.2 1.7 � 0.1 58 � 4

2.073 �m........ H2 2–1 S(3) 1.0 � 0.3 �0.3 �0.4

2.113 �m........ He i 8.7 � 0.5 �0.2 4.5 � 0.2

2.122 �m........ H2 1–0 S(1) 12.5 � 0.2 6.0 � 0.2 2.1 � 0.2

2.145 �m........ [ Fe iii] �1.2 �0.2 0.44 � 0.10

2.154 �m........ H2 2–1 S(2) �1.4 �0.2 �0.5

2.166 �m........ H i Br� 95 � 0.5 3.6 � 0.1 65 � 3

2.189 �m........ He ii 3.7 � 0.2 �0.2 �0.5

2.199 �m........ [Kr iii] 2.5 � 0.4 �0.2 �0.4

2.201 �m........ H2 3–2 S(3) �1.2 �0.2 �0.4

2.218 �m........ [ Fe iii] �1.1 �0.2 1.3 � 0.2

2.223 �m........ H2 1–0 S(0) 3.4 � 0.1 1.2 � 0.1 0.85 � 0.20

2.243 �m........ [ Fe iii] �1.1 �0.2 0.6 � 0.1

2.247 �m........ H2 2–1 S(1) 2.1 � 0.4 0.78 � 0.25 �0.3

Note.—All fluxes are in units of 10�14 ergs cm�2 s�1.
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uncertainties only (those due to fitting line profiles and determin-
ing the continuum level) and do not include the overall scaling
uncertainty in the absolute fluxes. The upper limits listed in
Tables 3–5 are 3 � values based on these internal uncertainties.

Table 3 provides an overview of the main features seen in the
full sample, including the brightest lines (in this spectral region)
of both ionized and molecular species. Six of the sources show
two or more lines of H2, as well as lines of [Kr iii] and [Fe iii] as
noted in column (6). The spectra of these 6 PNs are displayed in

Figures 1 and 2, and a complete listing of their line intensities is
given in Tables 4 and 5, respectively. In Table 3 we list the mea-
sured Br� fluxes in absolute flux units, while the strengths of the
other lines are given as ratios to Br�. Tables 4 and 5 present all
the line fluxes in absolute units. Preliminary reports on the over-
all project and some individual objects (specifically, IC 5117 and
M1-13)were previously presented byLikkel et al. (2000a, 2000b,
2002, 2004).
The continuum in this spectral region is composed of contri-

butions from (1) the central star, in cases in which it is bright
and included in the extraction aperture; (2) bound-free and free-
free emission from the ionized gas, particularly for compact, high
surface brightness sources; and (3) thermal emission from hot
dust. Given the short wavelengths of these observations, the dust
contribution likely arises from small grains that undergo excur-
sions in temperature due to their small heat capacities, the pro-
cess of ‘‘nonequilibrium’’ heating seen in reflection nebulae and
throughout the diffuse interstellar medium (ISM; e.g., Sellgren
et al. 1983; Draine 2004). We do not attempt to decompose the
continuum into these constituents, since we are primarily con-
cerned here with the emission lines.

3.1. H and He Recombination Lines

For all of the observed PNs except M 1-13, the strongest line is
H iBr� 2.166 �m. Its flux is given in column (2) of Table 3, while
columns (3)–(5) summarize the strengths of themainH2, He i, and
He ii lines in this spectral region. There are no other comparably
strong H i lines in this portion of the K band. Br� 1.945 �m lies
just shortward of our coverage, near the edge of the photometric
window, while the weak high-order members of the Pfund series
fall at k � 2:35 �m. In general, our Br� fluxes are in reasonable

TABLE 5

Line Fluxes for BD +30 3639, NGC 40, and SwSt 1

k ID BD +30 3639 NGC 40 West SwSt 1

2.113 �m........ He i 0.8 � 0.2 �0.30 8.2 � 0.8

2.122 �m........ H2 1–0 S(1) 6.9 � 0.2 0.71 � 0.13 12.0 � 0.6

2.145 �m........ [ Fe iii] �0.5 �0.30 3.3 � 1.0

2.154 �m........ H2 2–1 S(2) �0.5 �0.30 �1.0

2.166 �m........ H i Br� 9.5 � 0.5 12.2 � 0.3 210 � 5

2.189 �m........ He ii �0.5 �0.20 �1.5

2.199 �m........ [Kr iii] �0.4 1.20 � 0.10 1.6 � 0.6

2.201 �m........ H2 3–2 S(3) 0.9 � 0.2 �0.25 �1.5

2.218 �m........ [ Fe iii] �0.4 �0.25 6.5 � 1.0

2.223 �m........ H2 1–0 S(0) 2.2 � 0.2 0.28 � 0.10 3.8 � 0.8

2.243 �m........ [ Fe iii] �0.4 �0.30 2.2 � 0.5

2.247 �m........ H2 2–1 S(1) 1.9 � 0.2 �0.30 �1.5

Note.—All fluxes are in units of 10�14 ergs cm�2 s�1.

Fig. 1.—K-band spectra of IC 5117, M 1-13, and Vy 2-2. These are com-
posites of the primary and supplementary wavelength setups described in the
text and specified in Tables 1 and 2. For IC 5117 we show both the spectrum
auto-scaled to Br� (lower curve) and a second trace, expanded vertically by a
factor of 4 in order to show details for the weaker lines (upper curve); for Vy 2-2,
the upper curve is expanded by a factor of 8. IC 5117 shows amarginal detection
of the 2.073 �mH2 line, which peaks in the data at 2.071 �m. Themajor spectral
features discussed in the text are identified in one or more of the panels.

Fig. 2.—K-band spectra of BD +30 3639, NGC 40, and SwSt 1. These
sources were observed in only one wavelength setup (the primary setting) and
therefore have slightly more restricted spectral coverage than the objects shown
in Fig. 1. The major spectral features discussed in the text are identified in one or
more of the panels.
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agreement with previously published values, given uncertainties
in absolute flux calibration and differences in effective apertures
(see x 2).

TheHe ii line at 2.189�m is seen in seven of our targets, having
the greatest strength in the high-excitation PN IC 2003, where it
reaches almost 25% the strength of Br�. This is similar to the high-
est values found by Lumsden et al. (2001b), who intentionally
selected a sample of PNs covering awide range of central star effec-
tive temperatures. The lowest values we find are F2:189 �m/FBr� �
1% 2%. Since photon energies >54 eV are required to produce
He++, detectable He ii recombination lines require fairly high cen-
tral star temperatures (TeA � 50;000 60;000 K). In general, the
strengths of He ii lines, for example, themost commonly observed
optical transition at 4686 8, increase with higher stellar temper-
ature, but the strength of the 2.189 �m line also depends on other
factors, such as nebular optical depth effects (Kaler & Jacoby
1989; Köppen & Priete-Martinez 1991; Gruenwald & Viegas
2000). For nonobscured sources like the PNs in our study, there is
no particular advantage in using He ii 2.189�m rather than optical
data, in which a wider variety of lines is available.

We detect the He i blend at 2.113 �m, which consists of two
lines at 2.1120 and 2.1132 �m, in all but four of the observed
PNs, including every object for which we detect He ii 2.189 �m
exceptMe 2-1 and J900. The observed fluxes range from�2% to
9% of the strength of Br�. In five relatively high excitation tar-
gets, IC 2003, IC 2165, J900, Me 2-1, and Vy 1-2, the 2.113 �m
blend is weaker than He ii 2.189 �m. The weakest He i 2.113 �m
lines are seen in some of the PNs with the coolest central stars,
e.g., Cn 3-1 and SwSt 1. (For NGC 40 and M 1-13, which were
observed at off-center positions where Br� itself is weak, we
measure only upper limits.) The strength of the 2.113 �m line de-
pends on several other effects in addition to central star temper-
ature, including modest (�30%) variations due to enhancements
in the elemental He abundance caused by the convective dredge-
up of processedmaterial and collisional and optical-depth effects
(Lumsden et al. 2001b, their x 5.3).

The strongest He i line in the K band is at 2.058 �m, but our
wavelength coverage includes this feature for only three targets
(see Tables 2 and 4). We find that its flux relative to Br� is�0.35,
0.5, and 0.9 in IC 5117, M 1-13, and Vy 2-2, respectively, well
within the range of values found by previous authors (e.g., DePoy
& Shields 1994). In view of the ease with which this pair of lines
can be measured in faint and/or obscured sources, there has been
considerable interest in using it as an indicator of central star tem-
perature for PNs (and other nebulae). Unfortunately, the strength
of the He i 2.058 �m line is even more severely affected by
radiative transfer effects than is the 2.113 �m He i blend, since it
arises from a level that is resonantly pumped by 584 8 photons
(DePoy & Shields 1994; Lumsden et al. 2001b). It also suffers
from interference by strong, usually spectrally unresolved, telluric
absorption due to CO2.We therefore do not attempt to use this line
to infer properties of these well-studied central stars or nebulae.

Several other He i lines nominally fall within in our spectral
region, in particular 2.165 �m, which Lumsden et al. (2001b)
recommend as an indicator of stellar temperature. However, this
line is substantially weaker than the others discussed above, and
it lies too close to the wing of the strong H i Br� line for us to
spectrally resolve with our instrumental setup.

3.2. H2 Emission

3.2.1. Detection Rate for H2 2.122 �m

As can be seen fromTable 3, half of our targets (8/16) showH2

v ¼ 1 0 S(1) 2.122 �m emission at flux levels greater than our

detection limit. This should not, however, be interpreted as in-
dicating that 50% of all PNs show H2 emission, because this is
not an unbiased sample; indeed, it is not clear whether any stud-
ies to date have been done on a truly unbiased sample. In fact, we
specifically selected several targets that exhibited indicators of
neutral or molecular material such as H i 21 cm or COmillimeter
line emission, or Na i absorption (see Table 5 of Dinerstein et al.
1995), or that were known from prior spectroscopic or imaging
work to show H2 2.122 �m emission (Kastner et al. 1996;
HLD99).We report the first H2 line ratios forM 1-13 and SwSt 1,
also detecting two or more H2 emission lines from NGC 40,
Vy 2-2, BD +30 3639, and IC 5117. For IC 2003 and J900 we
have �3 � detections of only the 2.122 �m H2 line, and we did
not detect any H2 in Cn 3-1, IC 2165, IC 5217, M 1-4, M 1-6,
Me 2-1, NGC 6210, or Vy 1-2.

Due to its intrinsic strength, the 2.122 �m line is often used as
a general tracer for the presence of H2 in PNs. Imaging surveys
have suffered from possible contamination of the nominal H2

filter by He i 2.113 �m (e.g., Kastner et al. 1996), except in the
(rare) cases in which particularly narrow line filters that exclude
the He i line are used (Latter et al. 1995). As discussed above, the
intensity of 2.113 �m relative to Br� can vary with nebular prop-
erties other than the He+/H+ abundance, making it nontrivial to
correct the photometry for its contribution to the net emission in
a broad filter passband. However, this problem is gradually be-
ing overcome by the growing availability of spectroscopic ob-
servations for a larger number of PNs (e.g., HLD99; LPH01;
Guerrero et al. 2000; Garcı́a-Hernández et al. 2002; Davis et al.
2003; this study).

Typically, studies that include a wide range of PN morpho-
logical types and stages of development (from PPNs to relatively
evolved nebulae) detect H2 emission in �30%–40% of their tar-
gets (Kastner et al. 1996; Garcı́a-Hernández et al. 2002). This is
higher than the detection rate of the more fragile CO molecule,
which is seen in�20%of surveyed PNs (Huggins et al. 1996).On
the other hand, surveys that focus on bipolar PNs (e.g., Kastner
et al. 1994) tend to findmuch higher detection rates, in some cases
approaching 100% (Guerrero et al. 2000)! Thus, the incidence rate
of 50% that we find is quite consistent with detection rates for
other studies of samples chosen with similar selection criteria.

3.2.2. Other K-Band H2 Lines

We detect multiple H2 lines in six sources (Tables 4 and 5). In
the limited spectral region we cover, the next strongest H2 line
after 1–0 S(1) 2.122 �m is generally 1–0 S(0) 2.223 �m; the
comparably strong 1–0 S(2) 2.033 �m line was included for only
three targets. The typical intensity ratio (F2.223/F2.122) is about

1
3
.

The other H2 lines in our spectral range arise from higher vibra-
tional states, v0 ¼ 2 and 3, and are generally weaker than 20% of
2.122 �m.We detect H2 2–1 S(1) 2.247 �m in three PNs and 3–2
S(3) 2.201 �m probably only in BD +30 3639. In x 4 we sum-
marize the observed line ratios, compare them to predictions for
PDRs and shock excitation, and discuss the implications for
understanding the excitation mechanism of H2 in PNs.

3.2.3. Spatial Distribution of the H2 Emission

The ionization front and PDR in a planetary nebula will move
outward as the nebula evolves, so one might expect that mo-
lecular emission will extend further from the central star than
tracers of the ionized gas. In this case, the object’s apparent size
when imaged in emission from the PDR may be larger than its
size in a transition from the ionized zone (e.g., Graham et al.
1993b; Latter et al. 2000). On the other hand, if the molecules are
primarily located in small, dense clumps embedded within the
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ionized region, the vibrationally excited H2 will be located at the
edges of the clumps and possibly contained within the main body
of the nebula (Huggins et al. 2002; Speck et al. 2003; O’Dell et al.
2005). If the clumps in our more distant sample have linear sizes
similar to the clumps seen in nearby, well-resolved PNs (e.g.,
Speck et al. 2002; O’Dell et al. 2002), we would not be able to
distinguish between the distributions of the ionized and molecular
emission.

For M 1-13, which we resolve reasonably well, our long-slit
(see x 2) spectroscopic data show that the H2 line clearly extends
beyond the Br� emission. However, for all seven other PNs in
which we detected H2, its spatial extent appears similar to that of
Br�. On the other hand, this could be simply a threshold effect
given that our ability to measure the extent of an emission com-
ponent is highly dependent on the line strength, and in all the PNs
we observed, Br� is much brighter than the H2 line, except for
M 1-13. Thus, in the other sources we are able to trace the Br�
emission down to a small fraction of its peak surface brightness,
while in H2 we see only the brightest regions. For example, al-
though we cannot conclusively distinguish between the sizes of
the H2- and Br�-emitting regions in BD +30 3639 with our data,
observations of this PN with higher spatial resolution and sensi-
tivity have confirmed that the H2 emission does in fact extend
beyond the ionized region (e.g., Shupe et al. 1998).

3.3. Ionized Lines of Heavy Elements: Fe and Kr

3.3.1. [Kr iii] 2.199 �m and the Krypton Abundance

Two unidentified emission lines at 2.199 and 2.287 �m were
discovered in the early K-band spectroscopic observations of
NGC 7027, which also yielded some of the first detections of
H2 emission in a PN (Treffers et al. 1976; Smith et al. 1981). The
unidentified transitions were addressed by Geballe et al. (1991),
who pointed out that despite their close proximity to lines of H2,
they must arise from some other species, one residing in the ion-
ized region. More recently, Dinerstein (2001) finally identified
these lines as fine-structure transitions from ions of transiron ele-
ments that can be self-enriched in asymptotic giant branch (AGB)
stars and in their descendants, PNs, by the s-process, slow neu-
tron captures onto iron seed nuclei. In particular, 2.199 �m is the
3P1

3P2 [Kr iii] line, and the 2.287�m line is [Se iv] 2P3/2
2P1/2.

The latter lies outside our spectral coverage, but we detected
[Kr iii] in IC 5117, SwSt 1 (a marginal detection), and both ex-
tracted positions for NGC 40.

Since these lines arise from species made by neutron-capture
reactions in the progenitor AGB stars, they offer an opportunity
to measure nucleosynthetic yields for these elements in PNs, a
significant conduit of recycled and chemically altered material to
the ISM (Busso et al. 1999). The K-band lines are readily detect-
able in many PNs, which makes them particularly suitable for a
survey to assess the fraction of PNs that show enhanced abun-
dances of these s-process products and to determine enrichment
factors (Dinerstein 2004b). Such a survey is being conducted at
McDonald Observatory with the same instrument used for this
study. Preliminary results have been reported by Sterling &
Dinerstein (2004, 2005a, 2005b), and a detailed analysis includ-
ing use of photoionization models to make corrections for other
ionic stages will be carried out as part of the Ph.D. dissertation of
N. C. Sterling (2006, in preparation). Results to date indicate that
the abundances of these elements in PNs range from roughly
solar (i.e., no enhancement) up to enrichment factors of �5–10
times solar (Sterling & Dinerstein 2004). This is similar to the
range of enrichment factors found for Ge, another light n-capture
element (Sterling et al. 2002, 2005).

We use the flux ratio of [Kr iii] 2.199 �m to Br� (and the ratio
of the emissivities of these lines) to infer the ionic abundance
ratio n(Kr++)/n(H+), as in Dinerstein (2001). This is a lower limit
for the elemental ratio n(Kr)/n(H), since Kr may also be present
in other ionic states; for example, there may be a significant frac-
tion of Kr present in Kr+ for the low-excitation objects SwSt 1
and NGC 40. We neglect correction of the observed line ratio for
reddening, which is negligible because of the small wavelength
separation of the lines, low extinction in the K band, and small
total extinction toward these objects. The emissivity of the [Kr iii]
2.199 �m line is given by �2:199 ¼ A21h�f2ð Þ/ne , where f2 is the
fraction of Kr++ ions in the upper level of the transition.While this
fractional population is a function of Te and ne , in this regime
f2 / ne, so that the line emissivity is insensitive to density (the
critical density, at which the collisional de-excitation rate balances
the radiative transition rate, is 2:1 ; 107 cm�3). In addition, �Br� is
nearly independent of ne , while varying approximately as T�1:1

e
.

For each PN in which we detect [Kr iii], we take Te and ne values
from the literature and interpolate the Br� emissivity for these
parameters, assuming case B recombination from Tables B.5
and B.9 of Dopita & Sutherland (2003). Where Dinerstein (2001)
used an analytic three-level approximation to solve for f2, here
we calculate it as a function of Te and ne from a five-level atom
equilibrium solution (Sterling & Dinerstein 2005b), using the
collision strengths of Schöning (1997) and transition probabilities
from Biémont & Hansen (1986).
For IC 5117, Dinerstein (2001) previously derived n(Krþþ)/

n(Hþ) ¼ 3:3 ; 10�9, about 60% higher than solar. We have re-
vised the absolute flux calibration for this data, which lowers the
absolute line fluxes of both [Kr iii] 2.199 �m and Br� but leaves
the ratio of line intensities essentially unchanged: 0:026� 0:004
compared to our earlier value of �0.030. (Note that Rudy et al.
[2001] find a flux ratio of 0:016 � 0:005.) We assume Te ¼
12;000Kandne ¼ 105 cm�3 (Hyung et al. 2001), forwhich �Br� ¼
4�jð Þ/ nenp

� �
¼ 2:76 ; 10�27 ergs cm3 s�1 and �2:199 �m ¼ 3:38 ;

10�20 ergs cm3 s�1. This yields n(Krþþ)/n(Hþ) ¼ 2:1 ; 10�9,
consistent with the solar value of (1:9 � 0:3) ; 10�9 (Asplund
et al. 2005). However, IC 5117 is a fairly high excitation PN in
which there is over 10 times more oxygen in O++ than in O+

(Hyung et al. 2001; Pottasch et al. 2003). If the ionic fractions are
similar, i.e., n(Krþþ)/n(Kr)� n(Oþ)/n(O), in parallel with the
similar ionization potentials of Kr iii and O ii, the total krypton
abundance could be an order of magnitude larger than the abun-
dance of Kr++. However, this assumption about the ionization
balance is an oversimplification; the ionization equilibrium of
Kr in IC 5117 and a number of other PNs will be examined via
detailed photoionization modeling by N. C. Sterling et al. (2006,
in preparation).
The other two PNs in which we detected [Kr iii] have con-

siderably lower nebular excitation, so that most of the Kr prob-
ably resides in this ion. For SwSt 1 we have line emissivities of
3:40 ; 10�27 and 3:36 ; 10�20, respectively, for Br� and [Kr iii]
at Te ¼ 10;000 K and ne ¼ 3 ; 104 (De Marco et al. 2001;
Sterling et al. 2005). For the observed line fluxes (Table 5), we
find n(Krþþ)/n(Hþ) ¼ (0:8 � 0:2) ; 10�9, but note that the line
flux is very uncertain. Although they do not quote a value for it,
the [Kr iii] line is also visible in the near-infrared spectrum of
SwSt 1 presented in Appendix B of DeMarco et al. (2001), with
a flux ratio about twice our value (O. De Marco 2003, private
communication). This is discussed further in x 3.4.4.
Finally, in NGC 40 we have the clearest case of an overabun-

dance ofKr. In the aperture centered on thewestern arc,wemeasure
F2:199 �m/FBr�¼ 0:098� 0:010, andwe useTe ¼ 8000K and ne ¼
3000 cm�3 (Meaburn et al. 1996; Sabbadin et al. 2000), for which
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�Br� ¼ 4:38 ; 10�27 ergs cm3 s�1 and �2:199 �m ¼ 3:19 ; 10�20

ergs cm3 s�1. This yields n(Krþþ)/n(Hþ) ¼ (13:5 � 1:4) ; 10�9,
which corresponds to 7 � 2 times the solar abundance of Kr
in the form of Kr++ alone. Given the low excitation of this PN (see
x 3.4.1), the correction for higher ionization stages ofKr is likely to
bemodest, but theremight be someKr+, whichwe do not observe.
Therefore, we conclude that n(Kr)/n(H)k 7 times solar in NGC
40, a very significant enhancement. It is interesting that NGC 40
has aWolf-Rayet ([WC])–type central star, in view of the fact that
we find that PNs with this type of central star tend to have greater
enrichments in s-process products (Sterling et al. 2002; Sterling &
Dinerstein 2005a, 2005b).

3.3.2. [Fe iii] Lines

In two PNs, SwSt 1 and Vy 2-2, we detect three [Fe iii] lines
from the multiplet connecting the 3G and 3H terms, at 2.145,
2.218, and 2.243 �m (Tables 4 and 5). These comprise three of
the four strongest (magnetic dipole) transitions of this multiplet
in the K band (Garstang 1957; Nahar & Pradhan 1996; Quinet
1996); the fourth, at 2.348 �m, lies outside our spectral range.
DePoy & Pogge (1994) measured these lines in the Orion H ii re-
gion, calling attention to the presence of spatial positions where
the [Fe iii] lines are unusually strong relative to Br�. They high-
lighted the potential danger of blending or confusing the [Fe iii]
lines with nearby H2 transitions, leading to misinterpretation
of the H2 emission. In particular, they point out that the [Fe iii]
2.218�m line can be blendedwith ormisidentified as 1–0 S(0) H2

2.223 �m, and [Fe iii] 2.243 �m can be similarly confused with
2–1 S(1) H2 2.247 �m. This is a significant issue because the
ratios of these two lines to 1–0 S(1) 2.122 �m have been widely
used to identify the excitation mechanism of the near-infrared
H2 lines.While this caveat is raised by DePoy & Pogge (1994) in
the context of H ii regions, we find here that it also applies to PNs.

The near-infrared [Fe iii]multiplet, despite its longwavelengths
and low photon energies, actually arises from high-excitation en-
ergy levels (in contrast to [Kr iii] 2.199�m,which comes from the
first excited fine-structure level above ground). Indeed, the orig-
inating energy levels actually lie above the levels that give rise
to the optical [Fe iii] lines at �4000–5400 8 (e.g., see Fig. 6
of Bautista & Pradhan 1998, hereafter BP98). For example, the
brightest line of the near-infrared multiplet 3G5

3H6 2.218 �m
arises from a level that lies 24,558.8 cm�1 above the ground state
(Ekberg 1993), which corresponds to 35,400 K. Consequently,
the strengths of the lines of this multiplet are quite sensitive to Te
(e.g., Keenan et al. 1992, hereafter K92; BP98) although the line
ratios are not (see x 5). These lines can also be strong if the ionic
abundance n(Feþþ)/n(Hþ) is high, either because a large fraction
of the elemental Fe is in the gas phase rather than in the dust
grains, or because of a higher elemental abundance. Charge ex-
change can reduce the [Fe iii] line strengths from regions where
neutral hydrogen atoms are present by converting Fe++ to Fe+.
Variations in [Fe iii] line strengths have been seen to be very
localized (Luhman et al. [1998] andDePoy&Pogge [1994] in the
Orion region; Lutz et al. [1993] in the Galactic center). Indeed,
substantial variations in the gas-phase abundance of Fe++ along
different lines of sight within SwSt 1 itself were noted by Sterling
et al. (2005), who interpret it in terms of different degrees of
elemental iron depletion into dust.

In addition to our detections in SwSt 1 and Vy 2-2, we mar-
ginally detect [Fe iii] 2.218 �m in Cn 3-1. Optical [Fe iii] lines
have been measured in all three objects (K92 and references
therein; Perinotto et al. 1999; DeMarco et al. 2001), but there are
no previous explicit reports of near-infrared [Fe iii] lines in these
objects. Of the 39 PNs they surveyed, the only object for which

HLD99 detected [Fe iii] 2.218�mwasVy 2-2, for which they list
an unidentified line at 2.2184 �m (see their Table 6). The [Fe iii]
lines are also present in the near-infrared spectrum of SwSt 1
(O. De Marco 2003, private communication), although they are
not easily seen in Figure B2 of De Marco et al. (2001), in which
the vertical scale is optimized to show the brighter lines. A few
other detections of the K-band [Fe iii] lines appear in the liter-
ature, generally in very bright sources or very deep spectra (e.g.,
Luhman & Rieke 1996), but are rare compared to detections
of infrared [Fe ii] lines, which are particularly prominent in the J
andH bands. The strengths and ratios of the near-infrared [Fe iii]
emission lines in PNs, their use as diagnostics of physical con-
ditions (in particular ne), and implications for dust formation and
destruction are discussed in x 5.

3.4. Notes on Individual Objects

3.4.1. NGC 40

NGC 40 is one of the most extended PNs in our sample. The
morphology of the main shell is a broken ellipse with the major
axis tilted slightly east of north, and the highest surface bright-
ness contours are located in two narrow arcs about 8B5 east and
west of the central star (e.g., Jacoby et al. 1987). Deeper expo-
sures reveal fainter loops and jets ‘‘breaking out’’ along the poles
of the major axis, and the velocity field is turbulent and complex
(Meaburn et al. 1996; Sabbadin et al. 2000). For our observa-
tions we placed an east-west slit 7B4 north of the central star. In
this position, the slit passed through both east and west arcs, and
we extracted spectra centered on both (see Table 1). Unfortu-
nately, wewere forced to discard about a third of the integrations,
for which poor cancellation of night sky lines indicated variable
observing conditions (see Table 1).

The Br� line dominates the K-band spectrum of NGC 40. It is
strong in both arcs and is also seen faintly along the entire por-
tion of the slit between the arcs. The west arc, which was also
observed by HLD99, is more than twice as bright (in Br�) as the
east position. Our spectrum of the west arc (Fig. 2, middle) also
shows [Kr iii] 2.199�mand twoH2 transitions, while the east arc
shows only [Kr iii] andBr�. The ratio of [Kr iii] to Br� is the same
in both arcs within measurement uncertainties, �0:10 � 0:01,
and agrees with the value of HLD99, who label the 2.199�m line
as UID 1 after Geballe et al. (1991). In x 3.3.1 we showed that this
flux ratio implies a large enhancement in the ionic and elemental
abundance of Kr, presumed to be due to convective mixing of
s-processed material from the stellar interior during the AGB
phase.

Our value for the ratioF(H2 2:122 �m)/F(Br�)� 0:06 is con-
sistent with that found by HLD99. We find F(H2 2:223 �m)/
F(H2 2:122 �m) � 0:4 � 0:2. This is a plausible value for the
line ratio but is not particularly helpful in distinguishing between
different possible H2 excitation mechanisms (x 4). HLD99 did not
report seeing the 2.223 �m line but did detect strong Q-branch
lines from v ¼ 1 levels. Apparently the H2 emission is too weak,
or perhaps too spatially similar to that of the ionized gas, to have
been noticed in imaging surveys, which have classified NGC 40
as a PN without near-infrared H2 emission (Latter et al. 1995;
Kastner et al. 1996).

3.4.2. J900

J900 is a fairly high excitation PN, as indicated by our detec-
tion of [He ii] 2.189 �m but not [He i] 2.113 �m (Table 3). The
optical morphology is a compact bipolar structure with lobes
separated by about 3B5. J900 was originally assigned to the class
of H2-emitting PNs based on narrowband images that showed a
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distinctly different morphology in ‘‘H2’’ filters than in bands
tracing the ionized gas (Latter et al. 1995, Figs. 12 and 19). The
most in-depth imaging of the H2 emission was performed by
Shupe et al. (1995), who delineated jets emerging from the bi-
polar axis and extending well beyond the ionized core, as well as
fainter H2-emitting clumps at larger angular distances. For our
observations, we rotated the slit to a position angle 130� east of
north in order to align with the nebula’s major axis and include
both bright inner lobes seen in H2 2.122 �m (Shupe et al. 1995,
Figs. 2a and 3).

Near-infrared spectroscopic observations of J900 were re-
ported by HLD99, who list fluxes for several H2 lines, of which
only the v ¼ 1 0 S(1), S(2), S(3), and Q(1–3) lines were de-
tected with significance levels of 2.5 � or higher. We detect only
three spectral lines, Br�, He ii, and H2 2.122 �m, with confi-
dence. (The [Kr iii] line was detected in subsequent observations
and will be reported by N. C. Sterling et al. [2006, in prepara-
tion].) Our observing aperture must have included a larger con-
tribution from the ionized gas than that of HLD99, who do not
detect Br� at their position north of the nebula’s major axis,
northwest of the central star. The fact that we do not detect any
H2 lines other than 2.122 �m is probably a consequence of the
faintness of the source, which places these weaker transitions
below our detection limit. Shupe et al. (1995) argue on purely
morphological grounds that the H2 is shock excited, but this
argument may not be conclusive, since the observed structures
(narrow jets and limb-brightened cones) could also result from
nonuniform illumination by the central UV source (e.g., through
polar holes in an optically thick torus). Without knowing the
excitation mechanism it is difficult to estimate a molecular mass
from H2 emission. Huggins et al. (1996) detect CO 2–1 but not
CO 1–0 emission and derive a rather small corresponding mo-
lecular mass, 4 ; 10�4 M�, one of the lowest values in their table
of 44 PNs detected in CO.

3.4.3. M 1-13

M 1-13 is another fairly large, bipolar PN, with an optical
diameter of 2700 (Corradi & Schwarz 1995; Kastner et al. 1996;
Górny et al. 1999). Interestingly, the H2 image of Kastner et al.
(1996) bears a noticeable resemblance to the optical image of
NGC 40, with narrow arcs enclosing a roughly elliptical core and
polar elongations protruding beyond the extrapolated elliptical
contour. The waist of the nebula, where Kastner et al. find the
strongest H2 emission, is tilted by �20� from east-west (P.A.
160

�
; cf. Kastner et al. 1996) but is wide enough that our east-

west slit fell fully within it. The 1B8 slit was centered on the neb-
ula and the spectra extracted from an 1800 aperture.

A glance at our spectrum of M 1-13 (Fig. 1, middle) demon-
strates that this PN deserves to be designated as ‘‘H2-dominated,’’
in the nomenclature of HLD99. The H2 2.122 �m line is stronger
than all of theH andHe recombination lines, includingBr�, which
is only 60% the strength of H2 2.122 �m. Also easily detected are
H2 2.033, 2.223, and 2.248 �m. We see 2.122 �m emission all
along the waist (with a linear extent of 12B6), but it is strongest
at the rims, suggesting that the H2 arises from a limb-brightened
ring. The Br� emission is less extended (10B8) along our slit than
the H2. Our upper limit on He i 2.113 �m (�0:1 ; H2 2:122 �m)
confirms that the image byKastner et al. (1996) of this source was
not contaminated by He i, and therefore gives a good represen-
tation of the spatial distribution of the H2 emission in this source.

The strong H2 emission fromM 1-13 indicates the presence of
a large amount of molecular material, efficient excitation of H2,
or both. As is discussed in x 4, the observed H2 line ratios suggest
that thermal excitation, which generally results in higher surface

brightness emission, dominates. On the other hand, there is other
evidence for substantial amounts of molecular material; Huggins
et al. (1996) see both the CO 1–0 and 2–1 lines in M 1-13 and
compute an equivalent molecular mass of �0.18 M�.

3.4.4. SwSt 1

SwSt 1 is a compact, young, and dense PN (Kwok et al. 1981;
Flower et al. 1984), with a hydrogen-deficient Wolf-Rayet cen-
tral star (HD 167362). A recent detailed study of the star and
nebula shows that the nebula is O-rich, even though the stellar
photosphere is C-rich with extreme abundance ratios character-
istic of material that has undergone substantial nuclear processing
and convective dredge-up (DeMarco et al. 2001). DeMarco et al.
(2001) present Hubble Space Telescope (HST ) images taken in
emission lines from the ionized gas, showing a clumpy ring of an
approximate of extent 1B3 ; 0B9. These dimensions are consistent
with previous estimates, radio continuum sizes of 100 and 1B3 were
reported by Kwok et al. (1981) and Aaquist & Kwok (1990),
respectively. Using a diameter of 1B3 and the nebular expansion
velocity, De Marco et al. (2001) infer a dynamical age of only
�300 yr. However, we determined a larger size than previously
reported (discussed below).
Our K-band spectrum of SwSt 1 (Fig. 2, bottom) is dominated

by the H i andHe i lines, but we also detect twoH2 lines, 1–0 S(1)
2.122 �m and 1–0 S(0) 2.223 �m. We initially suspected that
two lines of the v ¼ 2 1 series were also present (at 2.154 and
2.247 �m, respectively), but on closer inspection these features
were found to actually be nearby [Fe iii] lines (Table 5; x 3.3.2).
The near-infrared spectrum of SwSt 1 shown in Appendix B of
De Marco et al. (2001) also contains H2, although they list a flux
for only the 2.122 �m line. Their cited ratio of 2.122 �m to Br� is
consistent with our value (�0.05), and the ratio of H2 2.223 �m
to 2.122 �m in their data, 0.30 (O. De Marco 2003, private com-
munication), is consistent with ours (0:32 � 0:08). The intensi-
ties of the otherK-band lines in their spectrum are also consistent
with our results within measurement uncertainties, the greatest
difference being for [Kr iii] 2.199 �m, which is essentially at our
detection limit (x 3.3.1).
Given our relatively large aperture and the poor seeing con-

ditions at the time of our observations (the point-spread function
[PSF] as estimated from a faint field star that fell within our slit
was 2B5–300), we are not in a position to measure the angular size
of the H2-emitting region in SwSt 1 with high accuracy. How-
ever, our observations show an apparent angular extent along the
slit (not deconvolved) of 4B0–4B5 for H2 2.122 �m, slightly
larger than the similarly measured extent of the adjacent con-
tinuum, 3B5. Interestingly, we can trace the Br� line to a full east-
west angular extent of at least 800, with possible weak emission
extending even farther. The fact that the ionized gas appears to
have a larger diameter than the H2 might be an artifact of the
greater peak intensity of Br� (see x 3.2.3). However, if the effect
is real, it may instead be an indication that the H2 emission arises
from small clumps fully embedded within the ionized zone, as in
the RingNebula (e.g., Speck et al. 2003). As discussed in x 4 (also
Dinerstein 1991), the molecular mass corresponding to an ob-
served H2 line intensity depends on the emission mechanism. It is
unlikely that themolecularmass in SwSt 1 is very large, in view of
the fact that attempts to measure CO emission have yielded only
upper limits. There is, however, evidence for neutral atomic ma-
terial, from the detection of nebular Na i (Dinerstein et al. 1995)
and H i 21 cm absorption projected against the radio continuum
emission (Gussie & Taylor 1995; Huggins et al. 1996).
SwSt 1 stands out as being the only PN in our sample that

shows both [Kr iii] and [Fe iii] emission (Table 3; x 3.3). In fact, it
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is a little surprising that the Kr abundance does not appear to be
especially large (x 3.3.1), since SwSt 1 shows evidence for a
large enrichment in the neighboring element Ge, whose abun-
dance is enhanced over solar by a factor of �5, as indicated by
Far Ultraviolet Spectroscopic Explorer (FUSE ) observations of
a resonance absorption line of Ge iii (Sterling et al. 2005). On the
other hand, the [Kr iii] flux is uncertain, and no correction factor
has been applied for other ions, so the abundances of Ge and Kr
may still be consistent.

The strength of the [Fe iii] lines in SwSt 1 may indicate an
atypically high concentration of Fe in the gas phase, correspond-
ing to a less extreme depletion into dust than, for example, in the
cold ISM (x 5). Whether this results from the incomplete con-
densation of refractory species into dust at the formation epoch
(on the AGB) or postformation destruction of dust by some agent
during the PN stage is unclear. What is clear, however, is that the
depletion of Fe into dust along the restricted line of sight toward
the central star of SwSt 1 is lower than in the line-emitting
region, suggesting that the dust-to-gas ratio is inhomogeneous
within the nebula (Sterling et al. 2005).

3.4.5. Vy 2-2

Vy 2-2, like SwSt 1 and IC 5117 (see below), is considered to
be a ‘‘young’’ PN on the basis of the compact size (P0.300) and
very high density of its ionized core (e.g., Seaquist & Davis
1983; Miranda & Solf 1991, hereafter MS91; Feibelman 1993;
Christianto & Seaquist 1998). The central core shows barely
resolved bipolarity on a subarcsecond scale (MS91; Sahai &
Trauger 1998, Fig. 2d ). Its dynamical age is only a few hundred
years (MS91). Vy 2-2 was notable for being the first PN in which
OH maser emission was ever detected (Seaquist & Davis 1983;
Payne et al. 1988), and it has also been detected in CO (Huggins
et al. 1996).

We find the angular diameter of the strong Br� emission to be
8B3 (as for SwSt 1, this value is not corrected for deconvolution
of the PSF), but we also see weaker emission extending to 1100

east and 600 west of the continuum center. This is consistent with
the structure seen in H� by MS91, who report a subarcsecond
bright core surrounded by a halo of weakH� emission extending
well beyond our Br� extent. In comparison, we detect the (much
weaker) H2 2.122 �m line to only slightly beyond the �4B3

diameter continuum region. Possible reasons why our nomi-
nal H2 ‘‘size’’ might be smaller than the extent of H i recom-
bination emission are discussed above in the context of SwSt 1
(x 3.4.4).

We attempted to optimize our ability to detect H2 emission in
the spectrum of Vy 2-2 by using an 8B4 extraction aperture that
did not include all of the Br� emission. However, we were able
to securely detect only two H2 lines, the v ¼ 1 0 S(1) and S(0)
lines (Fig. 1, bottom). Although our observed F2:223/F2:122 ratio
suggests radiative excitation, our upper limit on the H2 2.247 �m
line is more consistent with shocks, unless the density is very
high (Table 6). HLD99 also reported seeing H2 in Vy 2-2, but
only the S(1) and Q(1) lines were detected at �3 � significance.
They also reported amarginally detected line at 2.2426�m,which
they identified as v ¼ 2 1 S(1) 2.247 �m. However, we dem-
onstrate here that it is actually [Fe iii] 2.243 �m. (As discussed in
xx 3.3.2 and 5, Vy 2-2 has particularly strong [Fe iii] lines in both
the optical and infrared, which may be partly a result of its very
high density.) HLD99 tentatively reported a feature at 2.199 �m
(the [Kr iii] line), with a strength that is excluded by our data.

3.4.6. BD +30 3639

BD +30 3639 is a well-studied, dense, young PN. Like NGC
40 and SwSt 1, its central star has a strong wind, is C-rich and
H-deficient, and is classified as [WC] type. It was one of the first
few PNs in which infrared H2 emission was detected (Beckwith
et al. 1978) and has been included in several near-infrared
spectroscopic surveys (Geballe et al. 1991; HLD99; LPH01). In
optical images it has the appearance of a slightly ‘‘squared-off ’’
elliptical (3B5 ; 500) ring that is faintest along the western edge,
clumpy on the smallest resolvable scales, and embedded in a
somewhat larger envelope that may be primarily reflection neb-
ulosity (Harrington et al. 1997; Sahai & Trauger 1998).

According to previous studies, the H2 emission lies primarily
outside the ionized ring and is brightest along the eastern edge
(Graham et al. 1993a; Shupe et al. 1998).We therefore centered our
extraction aperture on the eastern H2 lobe, placing the 10B1 wide
aperture 8B5 east of the nebular center (see footnote to Table 1) in
order to exclude the continuum from the bright central star and
minimize the contribution from the ionized gas. As a conse-
quence, our spectrum is dominated by H2 lines, while lines from

TABLE 6

H
2
Line Fluxes Relative to 1–0 S(1) 2.122 �m

Model/PNa

(1)

log n

(cm�3)

(2)

log 	

(;ISRF)
(3)

T1/2
(K)

(4)

1–0 S(2)

2.033

(5)

2–1 S(3)

2.074

(6)

2–1 S(2)

2.154

(7)

3–2 S(3)

2.201

(8)

1–0 S(0)

2.223

(9)

2–1 S(1)

2.247

(10)

BvD 14.................... 3.5 3.0 100 0.50 0.35 0.28 0.18 0.47 0.56

A.............................. 4.0 4.0 200 0.42 0.44 0.24 0.24 0.37 0.58

B.............................. 4.5 4.0 300 0.39 0.46 0.21 0.23 0.33 0.51

D.............................. 5.0 4.0 500 0.32 0.16 0.07 0.07 0.29 0.18

F .............................. 5.0 5.0 550 0.31 0.14 0.06 0.06 0.28 0.15

H.............................. 5.5 4.5 650 0.31 0.08 0.03 0.02 0.28 0.09

S1 ............................ N/A N/A 1000 0.27 <0.01 <0.01 <0.01 0.28 <0.01

S2 ............................ N/A N/A 2000 0.37 0.08 0.03 <0.01 0.21 0.08

BD +30 ................... . . . . . . . . . . . . . . . �0.07 0.10 � 0.03 0.23 � 0.05 0.20 � 0.03

M 1-13 .................... . . . . . . . . . 0.45 � 0.04 �0.07 �0.05 �0.03 0.21 � 0.02 0.12 � 0.04

IC 5117 ................... . . . . . . . . . 0.27 � 0.06 0.08 � 0.03 �0.11 �0.10 0.28 � 0.04 0.17 � 0.03

Vy 2-2 ..................... . . . . . . . . . �0.29 �0.19 �0.24 �0.19 0.40 � 0.13 �0.14

SwSt 1..................... . . . . . . . . . . . . . . . �0.08 �0.12 0.32 � 0.06 �0.12

NGC 40W............... . . . . . . . . . . . . . . . �0.42 �0.35 0.39 � 0.25 �0.42

a Models include the low-density radiatively excited model 14 of Black & van Dishoeck (1987), radiatively excited models at higher densities from B. Draine
(2003, private communication), and line ratios for isothermal shocks at T ¼ 1000 K (S1) and 2000 K (S2); T1/2 is Tkinetic , where half the H is in H2.
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the ionized gas are relatively weak, with Br� only 40% brighter
than H2 2.122 �m.

Comparing our results with HLD99’s spectrum for the ‘‘H2

peak,’’ we find that measured line ratios in common between the
two studies agree to within the measurement uncertainties. All
of the studies of the infrared H2 lines (cited above) have con-
cluded that there is radiative excitation of the H2 in BD +30 3639,
although probably some collisional modification of the popu-
lations is occurring, perhaps due to the effects of high density.
In addition, one of us (H. L. D.) has obtained observations of
UVabsorption lines of H2 with FUSE andHST. The FUSE band
includes a forest of strong Lyman and Werner bands from the
v ¼ 0 levels of the ground electronic state, while the STIS-FUV
MAMA spectral range hosts many strong bands from higher v
states that are only populated under radiative excitation. In BD
+30 3639, we are able to trace detectable absorption components
from excited levels as high as v ¼ 8, J ¼ 5 and v ¼ 5, J ¼ 11,
consistent with models of UV-excited H2 (Dinerstein & Bowers
2004; H. L. Dinerstein et al. 2006, in preparation).

The molecular content of BD +30 3639 is sufficiently high
that it is detected in the CO 1–0 and 2–1 lines (Bachiller et al.
1991; Huggins et al. 1996), although onemust be careful to avoid
blending or confusion of the J ¼ 1 0 line with a high-frequency
H i recombination line, H38� (Bachiller et al. 1992). Huggins
et al. (1996) estimate the molecular mass as 8:6 ; 10�3 M�, of
which at least �16% is in the form of fast-moving compact
‘‘bullets’’ (Bachiller et al. 2000). There is also evidence for
neutral atomic material, as traced by Na i (Dinerstein et al. 1995)
and 21 cm H i line emission (Taylor et al. 1990), although it is
possible that some of the latter is ambient material not directly
associated with BD +30 3639 (Likkel et al. 1992).

3.4.7. IC 5117

IC 5117 is another bright, compact, apparently young PN. It
bears many similarities to Vy 2-2, including a small radio con-
tinuum size with subarcsecond bipolarity (Kwok 1985; Miranda
et al. 1995) and high densities akin to, if not quite as high as,
those in Vy 2-2. Like Vy 2-2 (but unlike NGC 40, SwSt 1, and
BD +30 3639), IC 5117 does not have a cool, [WC]-type central
star nor the corresponding low-excitation nebular emission-line
spectrum (Hyung et al. 2001). The presence of H2 in IC 5117 has
been known for some time (e.g., Geballe et al. 1991), but as of
2000 it had not been included in any of the recent near-infrared
spectroscopic surveys of PNs, motivating its inclusion here. The
morphology of the H2 ‘‘image’’ of IC 5117 by Kastner et al.
(1996) is not very different from its appearance in continuum
images, although the H2 may have a somewhat greater spatial
extent in the north-south direction. We were able to detect the
2.122 �m H2 line out to an east-west total extent of 800, smaller
than the detectable emission in the (much brighter) Br� line, in
comparison with a more compact size of �3B5 in the K-band
continuum.

IC 5117 was one of the PNs for which we obtained extended
spectral coverage. It shows lines of He i, He ii, and [Kr iii] in
addition to H iBr� and H2 (Fig. 1, top).We detected five H2 lines
and set upper limits on two others (Table 4). The main factor
limiting our ability to measure weak lines in this object is the
strength of the near-infrared continuum, which is in excess of ex-
trapolated contributions from the central star and bound-free
emission from the ionized gas, and is probably due to a high
color temperature dust component (Zhang & Kwok 1992).

In a recent study, Rudy et al. (2001) presented near-infrared
spectra of IC 5117 from 0.8 to 2.4 �m. They report most of the
same bright lines as we do here, with generally consistent flux

ratios; some differences (e.g., Rudy et al. [2001] report a lower
H2 2.122 �m–to–Br� ratio) may be attributable to differences in
aperture dimensions and/or seeing. They present line fluxes for
H2 transitions from v ¼ 1 only (e.g., their Table 1) and indirectly
report upper limits on several transitions from v ¼ 2 (e.g., their
Fig. 5); whereas in our higher S/N spectrum we detect both the
v ¼ 2 1 S(1) and S(3) lines (Table 4). Rudy et al. (2001) con-
cluded that theH2 emission from IC 5117 is collisionally excited,
based on comparing their v ¼ 1 0 line strengths and v ¼ 2 1
upper limits. We discuss the H2 excitation using our more com-
plete data set in x 4.
We originally believed that we had detected H2 3–2 S(3)

2.201 �m and interpreted this as implying that the H2 in IC 5117
must be radiatively excited (Likkel et al. 2000a). We now be-
lieve that the apparent feature we saw at 2.201 �m (Dinerstein
2001, Fig. 1) was an artifact caused by overcorrection for telluric
absorption. However, it was the spectrum of IC 5117 that initially
drew our attention to the 2.199 �m line and led to its identification
as [Kr iii]. In the present paper we cite an upper limit on the flux of
H2 2.201 �m (Tables 4 and 6) and recalculate the Kr abundance
using the revised flux for 2.199 �m (see x 3.3.1).
There is other evidence for molecular material in IC 5117 in

the form of CO 1–0 and 2–1 line emission (Huggins & Healy
1989) corresponding to a total molecular mass estimated as
0.012 M� by Huggins et al. (1996) and 0.06 M� by Dayal &
Bieging (1996). The H i 21 cm line has also been seen, both in
absorption (Taylor et al. 1990) and in emission, along with CO
3–2 (Gussie & Taylor 1995).

4. H2 LINE RATIOS AND EXCITATION MECHANISM

The two basic mechanisms that can excite H2 molecules into
the energy levels that give rise to the K-band lines, the excited
vibrational states (v � 1) of the ground electronic state, are col-
lisional (thermal) excitation and a radiative fluorescence process
initiated by the absorption of far-UV photons of the Lyman and
Werner resonance bands. Planetary nebulae in general harbor the
agents of both processes, since their central stars are sources of
copious UV radiation, and it is believed that shocks are often
present and may play a significant role in sculpting their shapes
(Kwok 2000; for another view, see Balick & Frank 2002). Since
the populations of the excited v, J levels of H2 are quite different for
radiative versus collisional excitation (e.g., Black & van Dishoeck
1987), any observable quantity that has a known dependence on
the relative number of atoms in an individual level can provide a
means for determining which mechanism is operating. Two ex-
amples of such observables are the equivalent widths of absorp-
tion lines, sufficiently weak that they are on the linear portion of
the curve of growth, and the intensities of optically thin emission
lines, such as the near-infrared H2 lines.
Various procedures have been developed to try to distinguish

between collisionally (thermally) and radiatively excitedH2.Most
approaches require information on the populations of at least three
(ideally, a larger number of ) energy levels. One widely used tool
is the excitation-energy diagram, in which the natural logarithms
of the NJ/gJ values (where NJ and gJ are the column density and
statistical weight of level J, respectively) are plotted against EJ/k,
where EJ is the excitation energy of the level. For an isothermal
collisionally excited gas, the level populations will be fitted by a
straight line of slope T�1

kin ; even if the gas is not isothermal, the
populations will monotonically decrease with increasing EJ/k
under collisional excitation. In contrast, the excitation diagram for
radiatively excited H2 displays a jagged, ‘‘sawtooth’’ pattern, with
discontinuities at each step in the value of v (e.g., Hasegawa et al.
1987; Meyer et al. 2001). In addition, the populations of the ortho
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(odd J ) and para (even J ) levels do not necessarily obey the ex-
pected ortho/para ratio of 3 that applies for thermal distributions;
due to optical depth effects in the UV pumping lines, the value of
ortho/para can vary between �1.5 and 3 (e.g., Sternberg &
Neufeld 1999), introducing yet another variablewhose valuemust
be determined as part of the fit to the data set.

Alternatively, one can formally derive individual values of ex-
citation temperature and compare Trot (inferred from the slopes
of the fits to levels with the same v but different J ) with Tvib (from
fits to levels with different values of v). For radiative excitation of
H2, this yields Tvib > Trot. Bothmethods are employed inmany of
the previous studies of infrared H2 emission from PNs (e.g.,
Shupe et al. 1998; HLD99; LPH01). The approach used by Davis
et al. (2003) is a variant of this method, in which they plot the
deviation of the level population ratios froma pure collisional case
and extract a value of the shock temperature and amplitude of the
radiatively excited component.

In cases in which only limited information is available, ratios
among the strongest H2 lines are often utilized to investigate the
excitation mechanism. In particular, the ratios among the 1–0
S(0) 2.223 �m, 2–1 S(1) 2.247 �m, and 1–0 S(1) 2.122 �m lines
take on markedly different values for the two excitation mech-
anisms. For example, in ( low-density) radiatively excited H2,
F2:247/F2:122 � 1/2, while in thermally excited H2 at any temper-
ature where it is not fully dissociated and/or ionized, the ratio is
P0.1. The ratio F2:223/F2:122 is less sensitive, having values of
�0.5 for fluorescence and �0.2–0.3 for shocks of various
temperatures (Black & van Dishoeck 1987).

Observational studies have often found line ratios interme-
diate between the ‘‘ideal’’ cases of pure fluorescence and shocks.
One possible interpretation is that both mechanisms are con-
tributing; however, in view of the fact that some PNs are known
to have high densities, it seems more likely that collisions are
modifying the level populations of an initially radiatively excited
H2 zone. This situation produces a ‘‘collisional fluorescent’’
spectrum (Sternberg & Dalgarno 1989), which is predicted for
densities of k104 cm�3. While some of the higher energy levels,
v � 3 4, may still retain their fluorescent population values un-
der these conditions, the emission lines from these levels tend
to be weak and are not well represented in the K band. This
collisional suppression effect makes the use of the F2:247/F2:122

indicator questionable when applied to dense objects. In this
context, since PPNs are generally younger and denser than more
evolved PNs, the H2 line ratios of PPNs may tend to be closer to
the thermal case due to density effects rather than due to a dif-
ference in the basic excitation mechanism.

For most of the objects we observed, we do not have sufficient
information to make good use of an excitation-energy diagram
or a formal derivation of Texc values. Instead, we simply compare
our measurements directly with predictions for representative
models of radiative and collisional excitation under conditions
appropriate to our sources. Table 6 presents intensity ratios for
six of the brightest H2 lines in the K band, relative to 1–0 S(1)
2.122 �m, from both model predictions and measured values or
upper limits for our best-observed sources (Figs. 1 and 2, Tables 4
and 5). We include radiatively excited models covering the likely
density range of our observed PNs, ranging from low-density
models represented by the ‘‘standard’’ fluorescence model 14
of Black & van Dishoeck (1987) to models for higher densities
and stronger UV radiation fields calculated by Draine & Bertoldi
(B. Draine 2003, private communication; see also Draine &
Bertoldi 1996, 2000). The radiative excitation models are param-
eterized by nucleon density n (the number density of H nuclei
cm�3; Table 6, col. [2]); intensity of the stellar UV radiation field,

where 	 is the ratio to a standard interstellar radiation field
(col. [3]); and a representative temperature for the region where
the H2 emission arises (col. [4] lists the kinetic temperature at the
point where half of the hydrogen is in molecular form). In addi-
tion, we list the ratios given by Black & van Dishoeck (1987) for
shocked gas at T ¼ 1000 and 2000 K. While the assumption of
isothermality is somewhat simplistic, it gives an idea of the range
of expected line ratios for collisionally excited H2 and is sufficient
for comparison with our data. The data, including uncertainties in
the line ratios (propagated explicitly from the flux uncertainties in
Tables 4 and 5), are presented in the last six rows of Table 6.

Inspecting Table 6, it can be seen that we cannot always match
up the observations with a unique model. For BD +30 3639, in
which we already know from previous studies that the H2 is
radiatively excited but not in the low-density limit (Shupe et al.
1998; HLD99; LPH01), we find that the best match is something
close to model D, for which log n � 5. The presence of the 3–2
S(3) line and strength of the 2–1 S(1) clearly rule out a shock
model here. Likewise, one can probably rule out all radiatively
excited models for M 1-13, which appears to be shock excited
with a postshock temperature slightly higher than 2000 K. For
the other sources, it is more difficult to reach definitive conclu-
sions about the nature of the excitation mechanism. The spec-
trum of IC 5117 might be produced in shock-excited gas with a
temperature intermediate between those of models S1 and S2, as
Rudy et al. (2001) concluded, except for a 2.247 �m line that is
possibly too strong. However, within our measurement uncer-
tainties for the line ratios, IC 5117 is equally well fitted by model
H, the highest density, radiatively excited model included here,
or perhaps by a model intermediate between H and F, which
gives a better match to the 2.247 �m line.

For the other three PNs in Table 6, we have only one measured
line ratio, and upper limits on the others. The nominal ratio of
F2:223/F2:122 in Vy 2-2 is more consistent with fluorescence than
with shocks, although the uncertainty in the flux ratio is suffi-
ciently large that neither mechanism can be excluded. HLD99
also suggested that the H2 in Vy 2-2 was radiatively excited,
but this was partly on the basis of the large apparent F(2:247)/
F(2:122) ratio, which was unfortunately due to the misidentifi-
cation of the line near 2.247 �m as H2 rather than [Fe iii] (see
x 3.4.5). However, the estimated measurement uncertainties do
not exclude any of the models in Table 6 except the T ¼ 2000 K
shock (S2), and the upper limit on F2:247/F2:122 suggests that
thermal excitation is more likely than fluorescence for this source.
For SwSt 1, either a dense, radiatively excited model (F or H, as
for IC 5117) or a lower temperature shock (model S1) provides
a satisfactory match for our limited data. Given the low den-
sities measured in the ionized gas for NGC 40 (x 3.4.1), it seems
more plausible that the H2 emission is shock excited than UV
excited (as suggested by HLD99), but given the weak upper
limit on 2.247 �m and the large error bars on F2:223/F2:122, nei-
ther mechanism can be eliminated as a possibility.

Thus, unfortunately we do not have clear-cut indications of
the H2 excitation mechanism in most of our sources. Previous
studies have reached various conclusions about the predominance
of one mechanism or the other, but used different analysis ap-
proaches on different samples of PNs. In principle, as long as mo-
lecular material is bathed by an appropriate UV radiation field,
some fluorescent excitationmust be occurring (except, perhaps, in
PPNs with relatively cool central stars). The question then be-
comes whether any deviations from pure fluorescence in the ob-
served H2 line ratios from PNs can be explained by thermalization
of the level populations in an originally radiatively excited region,
or whether it is also necessary to invoke a shock component. For
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many objects, it is difficult to decide unambiguously between
these alternatives unless many H2 lines are available, although in-
formation on morphology and kinematics can lend support to
an indicated mechanism. Observations in the far-UV, where the
pump lines fall (e.g., Sterling et al. 2005; Dinerstein & Bowers
2004), or the mid-infrared, where the lowest few pure rotational
transitions of H2 lie and the level populations are more likely to
indicate the kinetic temperature, may help to address and resolve
this puzzle.

5. [Fe iii] LINES AND THE DEPLETION OF Fe INTO DUST

5.1. [Fe iii] Line Ratios as Density Diagnostics

In x 3.3.2 we briefly discussed our detections of near-infrared
lines of [Fe iii] in several of our targets. As pointed out by DePoy
&Pogge (1994), these lines are also seen inH ii regions, where they
have the potential to interfere with attempts to measure some of
themore popular diagnosticH2 lines, namely, 2.223 and 2.247�m
(see discussion in x 4). The K-band [Fe iii] lines arise from high-
excitation energy levels, as do numerous [Fe iii] lines in the opti-
cal spectral region, which have been seen inmany PNs. However,
in view of the complex energy-level structure of the Fe ions, use
of these lines to derive physical conditions and gas-phase ionic
abundances had to wait for the availability of accurate calcula-
tions of relevant physical constants, in particular, the cross sec-
tions for collisional excitation by electrons. Calculations of these
quantities for iron and other elements were undertaken by the
IRON Project (Hummer et al. 1993; Nahar & Pradhan 1996).

The [Fe iii] lines we detected all belong to the same multiplet,
arising from states that are closely spaced in energy. Conse-
quently, although the level populations and resulting line emis-
sivities are sensitive to Te , the ratios among the lines in the
multiplet are nearly independent of temperature. They are, how-
ever, sensitive to ne, making them potentially useful as density
diagnostics, as are line ratios among some of the optical [Fe iii]
transitions (K92; Keenan et al. 1993; BP98). The collision
strengths among the 17 lowest energy levels of Fe iii were cal-
culated by Berrington et al. (1991) and more recently by Zhang
(1996). Two independent calculations of the radiative transition
probabilities (A-values) were also performed recently, by Nahar
& Pradhan (1996) and Quinet (1996).

Using the new values for these constants and including 17
additional energy levels for Fe ii, BP98 discussed applications of

the emission lines of [Fe ii], [Fe iii], and [Fe iv] for deriving
properties and abundances of ionized nebulae. In particular, they
discussed the use of [Fe iii] line ratios, including theK-bandmul-
tiplet, to constrain ne (see their Fig. 7). Similar plotswere shown—
but only for selected optical line pairs—by Keenan et al. (1993),
using the older collision strengths from Berrington et al. (1991)
and the previously extant A-values from Garstang (1957). Al-
though Keenan et al. (1993) did not present intensity ratios for the
near-infrared lines, they can be calculated from the level popu-
lations in K92 and an adopted set of A-values. For a more com-
plete set of [Fe iii] line intensity ratios, tables are also available in
online form inKeenan et al. (2001, hereafter K01). However, note
that K01’s values for the 3G 3H multiplet (or any other ratio in
common between the two studies) are identical to those of BP98,
since both calculations used exactly the same input parameters:
collision strengths fromZhang (1996) andA-values fromNahar&
Pradhan (1996). Level populations, which are needed to compute
ionic abundances (see x 5.2), were not presented explicitly in the
published tables of K01 but were kindly provided to us by F. P.
Keenan (2004, private communication).
In Table 7 we list values for two independent line ratios,

F(2:145)/F(2:218) and F(2:243)/F(2:218), at representative
conditions for the high-density PNs in which we detected these
lines. The first two rows of the table give the values from BP98
(which are the same as those in K01, see above) for log ne ¼ 4:0
and 5.0; in the next two rows we give the ratios predicted using
the level populations of K92 and Garstang’s A-values.
Finally, we also list in Table 7 our measured ratios of the

[Fe iii] lines in SwSt 1 and Vy 2-2; in Cn 3-1 we (marginally)
detect only the brightest line, [Fe iii] 2.218 �m. We also include
the only other ratio of these lines we know of for a PN, the ratio
of the 2.145 and 2.218 �m lines in Hb 12 as reported by Luhman
& Rieke (1996). As discussed in xx 3.4.4 and 3.4.5, these are rel-
atively dense objects, in which log ne k 4:5. Unfortunately, the
lines are weak, particularly 2.145 and 2.243 �m, so the uncer-
tainties in the line ratios are quite large. Nevertheless, inspection
of Table 7 shows that while the observed ratios of F(2:145)/
F(2:218) are consistent with either the calculations of K92 or
BP98 and K01 at the higher density, log ne ¼ 5, the F(2:243)/
F(2:218) ratios appear to be inconsistent with the values pre-
dicted by BP98 and K01, even though those used more recent
atomic parameters. Instead, they are consistent with the earlier
predictions fromK92, who used the older collision strengths and

TABLE 7

[Fe iii] Fluxes and Ratios

Model/PNa F(2:218)
FBr�

F(2:145)
F(2:218)

F(2:243)
F(2:218)

n(Feþþ)
n(Hþ)

b

BP98/K01c ( log ne ¼ 4:0)........... . . . 0.26 0.81 . . .

BP98/K01 (log ne ¼ 5:0) ............ . . . 0.53 1.04 . . .

K92d (log ne ¼ 4:0) ..................... . . . 0.17 0.29 . . .
K92 (log ne ¼ 5:0)....................... . . . 0.34 0.39 . . .

SwSt 1.......................................... 0.031 � 0.004 0.51 � 0.24 0.34 � 0.12 7.6 ; 10�7

Vy 2-2e ......................................... 0.022 � 0.004 0.34 � 0.13 0.46 � 0.13 5.4 ; 10�7

Hb 12f .......................................... 0.010 � 0.002 0.39 � 0.22 . . . 2.4 ; 10�7

Cn 3-1 .......................................... 0.013 � 0.005 . . . . . . 3.2 ; 10�7

a Assumes Te ¼ 10;000 K, but ratios are not sensitive to the value.
b Assuming Te ¼ 10;000 K, log ne ¼ 5:0, and populations of K92; derived abundances are �20% lower using

the populations computed by BP98 and K01.
c Bautista & Pradhan (1998), also Keenan et al. (2001). Both adopt collision strengths from Zhang (1996) and

A-values from Nahar & Pradhan (1996).
d For populations from Keenan et al. (1992) and A-values of Garstang (1957).
e HLD99 report an unidentified feature with flux 0:017 � 0:010ð Þ ; FBr� .
f Luhman & Rieke (1996), measured in their central 3B5 ; 9B0 aperture.
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A-values. It would be interesting to obtain [Fe iii] line ratios for a
larger number of PNs, including some with lower ne , to test this
discrepancy. Luhman et al. (1998) observed near-infrared [Fe iii]
line ratios in the Orion Bar and Orion S regions and compared
them to theoretical values (see their Table 4). The F(2:145)/
F(2:218) ratio they find for those regions is smaller than we
found for the PNs, indicating a lower density for the Orion region.
The Luhman et al. (1998) F(2:145)/F(2:218) and F(2:243)/
F(2:218) line ratios are consistentwithin uncertaintywith theK92
values for log ne ¼ 3 or 4 (an appropriate density for that region),
but theF(2:243)/F(2:218) line ratio excludes theBP98/K01 value.

It is not clear why observations of the near-infrared lines do
not support the theoretical line ratios. Nahar & Pradhan (1996)
compare ratios derived using their own new A-values with calcu-
lations assuming Garstang’s values and conclude that there are
no reasons to prefer one set ofA-values over the other. Rodrı́guez
(2002) investigated [Fe iii] atomic parameters by comparing op-
tical line ratios from Galactic H ii regions with several calcula-
tions that adopted different input atomic parameters. Rodrı́guez
found that in general the calculations fit the measured optical line
ratios reasonably well and that, if anything, the predictions that
used the more recent parameters, those of Zhang (1996) and
Quinet (1996), provided a better fit to most (but not all) of the
observed line ratios. However, the optical lines arise from differ-
ent terms in the energy diagram than do the near-infrared lines,
so this result does not necessarily prove that the optically pre-
ferred parameters provide the best values for interpreting the
infrared lines. Further discussion of the [Fe iii] spectra and level
populations can be found in Sterling et al. (2005).

5.2. Gas-Phase Iron Abundances and Depletions

Since Fe++ is an important, and in some cases the major, ionic
form of iron in low- andmedium-excitation PNs, observations of
spectral lines of Fe iii are useful for estimating gas-phase iron
abundances. The concentration of gaseous iron in the ISM, Fe/H,
is typically lower than in the Sun and stars by 1–2 (or even more)
orders of magnitude, a fact that is generally interpreted as re-
sulting from the depletion or incorporation of most of the iron
nuclei into dust grains (Savage & Sembach 1996 and references
therein). This effect is so strong that determinations of ionic
abundances such as nFeþþ /nHþ are used primarily to determine
dust ‘‘depletion factors.’’ Such measurements can be obtained,
for example, from UVabsorption lines from the first few levels
of the ion (e.g., Sterling et al. 2005) or from emission lines (e.g.,
Perinotto et al. 1999; Zhang & Liu 2002).

The ionic abundance ratio can be computed from the observed
intensity ratio F2:218 �m/FBr� (second column of Table 7) and the
density-normalized volume emissivities, as was done for [Kr iii]
in x 3.3.1. We take the physical conditions of Te ¼ 10;000 K
and log ne ¼ 5:0 as representative of SwSt 1, Vy 2-2, and Cn 3-1
(DeMarco et al. 2001;MS91; references in Perinotto et al.1999);
so �Br� ¼ 3:4 ; 10�27 ergs cm3 s�1 (using Dopita & Sutherland
[2003], as discussed in x 3.3.1; see also Osterbrock 1989,
Table 4.4). To compute the emissivity of the 2.218 �m line, we
used the level populations of K92, since those values seemmost
consistent with the near-infrared [Fe iii] line ratios (see dis-
cussion above). This yields �2:218 ¼ 1:39 ; 10�22 ergs cm3 s�1

for Garstang’s A-value of 0.045 s�1. The resulting ionic abun-
dance ratios nFeþþ /nHþ are given in the last column of Table 7. If
we had instead used the level populations of K01 and A-values
of Nahar & Pradhan (1996), the ionic abundances would be
only 12% lower, which is probably less significant than the un-
certainty due to the dependence of the level populations (and
hence emissivity) on Te . Our abundances (Table 7) are consis-

tent with those found from optical region [Fe iii] lines for Cn 3-1
(Perinotto et al. 1999) and SwSt 1 (de Freitas Pacheco & Veliz
1987; Sterling et al. 2005). The range of nFeþþ /nHþ values for
the four PNs in Table 7 is similar to those found by Perinotto
et al. (1999) for four PNs (including Cn 3-1), and for H ii re-
gions studied by Rodrı́guez (2002).

Since we have not included contributions from other ions of
iron, these ionic abundances provide lower limits for the total
gas-phase abundances in our PNs. The approximation nFe/nH �
nFeþþ /nHþ is best for the PNs with the lowest excitation as in-
dicated by nOþþ /nOþ, namely, SwSt 1 and Cn 3-1. The iron deple-
tion factors relative to a solar abundance of nFe /nH ¼ 2:8 ; 10�5

(Asplund et al. 2005) range from��1.57 for SwSt 1 and��1.72
for Vy 2-2 to ��2 for Hb 12 and Cn 3-1.

We have not attempted to correct our derived values of
n(Fe++)/n(H+) for other ionization stages, the most important of
which are Fe+ and Fe+3. In SwSt 1, we know that the amount
of Fe+ is only about 4% that of Fe++ as measured from either
optical emission or UV absorption lines, and the correction for
ions higher than Fe++ is only�15% (Sterling et al. 2005). For the
‘‘medium-excitation’’ PN Vy 2-2, which shows prominent [O iii]
lines, it is likely that a substantial fraction of the gaseous Fe will
be in Fe+3, according to the ionization correction factor formula
(1) of Rodrı́guez (2002). If we take the value for the oxygen
ionization fraction O/O+ in Vy 2-2 from the collisionally excited
lines [O ii] kk3727, 3729 and [O iii] kk4959, 5007, the total gas-
phase Fe abundance is a factor of 8 (+0.9 dex) higher than the value
cited in our Table 7; however, a much larger value for O++/H+

is found from optical O ii recombination lines (Wesson et al.
2005). Given the controversy over which are more reliable in-
dicators of ionic abundances, collisionally excited or recombina-
tion lines (e.g., see Garnett &Dinerstein 2001; Robertson-Tessi &
Garnett 2005), we simply note that the gas-phase Fe abundance in
Vy 2-2 is probably larger, and the degree of depletion in dust less
extreme, than would be inferred from Fe++ alone. Indeed, the gas-
phase Fe abundance in Vy 2-2 may well exceed that of SwSt 1.

One noteworthy point is the relatively high gas-phase Fe abun-
dance and correspondingly modest depletion factor for SwSt 1.
This updates the value from infrared emission lines cited in Sterling
et al. (2005), who found an even higher gaseous Fe++ abundance—
and lighter depletion factor, possibly consistent with no deple-
tion at all—along the particular line of sight toward the central
star, from UV absorption lines. That paper concluded that the
dust-to-gas ratio in SwSt 1 was inhomogeneous from place to
place within the nebula, which could easily lead to small varia-
tions in the inferred Fe abundance when different sets of ob-
servations, encompassing different volumes of ionized material,
are compared. The reason the refractory element iron is less
severely depleted in SwSt 1 than in the cold ISM and in many
other ionized nebulae is unclear. Sterling et al. (2005) argued
that dust destruction mechanisms such as sputtering by shocks
or photoevaporation could not have produced such large dif-
ferences in depletion factors during the short ‘‘lifetime’’ of this
young PN. An alternative explanation is that the initial formation
of dust in the outflowing AGB star envelope was nonuniform.
Emission-line observations might tend to average out some of
the small-scale variations in the depletion factor, but high spa-
tial resolution spectroscopy might potentially be able to track
such variations.

Among other near-infrared spectroscopic studies of PNs, LPH01
report detections of K-band [Fe iii] lines in a few objects but do
not analyze them in detail. Their source list overlaps with ours in
only three cases, which do not include the PNs in which we detect
[Fe iii]. For those objects in which they detect [Fe iii], the line
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intensities are typically�1%–2% that of Br�, which corresponds
to gas-phase depletion factors of 50–100 (see above). One of the
two objects in which they see unusually strong [Fe iii] 2.218 �m
emission, �4% of Br�, is M 1-78, which is probably an ultra-
compact H ii region associated with a Population I Wolf-Rayet
star, rather than a PN (Gussie 1995). The other, interestingly, is the
moderately metal-poor PN DdDm 1 (e.g., Dinerstein et al. 2003),
in which one might readily believe that dust formation was less
efficient than in more metal-rich, disk population PNs.

6. SUMMARY

We have studied 16 northern planetary nebulae using medium-
resolution, long-slit spectroscopy at near-infrared wavelengths.
We presentK-band spectra for six PNs, NGC 40, M 1-13, SwSt 1,
BD +30 3639, Vy 2-2, and IC 5117, in which we detected two or
more H2 lines and present intensities for emission lines in these
and the other observed PNs. We compare the measured H2 line
ratios and upper limits to calculated values for different models of
the H2 excitation and address the extent to which we can or cannot
distinguish between radiative (photo) excitation and thermal ex-
citation (shocks).We emphasize that inmany cases it is difficult to
choose conclusively between shocks and radiative excitation, par-
ticularly when the gas density is high.

Our observation of the relatively evolved bipolar PN M 1-13
provides spectroscopic confirmation of H2 emission reported
from narrowband imaging (Kastner et al. 1996); H2 lines dom-
inate the spectrum in the waist of the nebula, with little con-
tamination from emission lines of other species, so the nominal
‘‘H2’’ filter indeed traces the molecular component. In this PN
the spatial extent of the H2 emission appears to be greater than
that of Br�, suggesting that the H2 emission arises at a shock
and/or ionization front, while in several other PNs, the H2 emis-
sion is detected within a smaller region than Br� emission. We
note that the latter situation could result from H2 emission being
producedmainly at the surfaces of self-shieldedmolecular clumps
embedded in the ionized gas, a clumpy photodissociation region,
as is seen in nearby, spatially resolved PNs such as the Ring and
Helix Nebulae.

We report detections of [Kr iii] 2.199 �m in NGC 40, SwSt 1,
and IC 5117. This, as well as several [Fe iii] lines that we detect
in SwSt 1 andVy 2-2 (and perhaps Cn 3-1), can blend or interfere
with the measurement of H2 lines often used to diagnose the H2

excitationmechanism. This is a more serious effect than has been
commonly recognized, since the gas-phase elemental abundances

of Kr and Fe may be elevated under certain circumstances by
factors of a few to �10. We find evidence for a somewhat en-
hanced abundance of Kr in IC 5117, which is uncertain due to a
large ionization correction, whereas in NGC 40, the minimum
enrichment factor is about 7 relative to the solar Kr/H value. This
can be attributed to enrichment by neutron-capture nucleosyn-
thesis, followed by convective dredge-up of s-processed material
from the deep interior during the thermally pulsing AGB phase.
The [Fe iii] lines that we see in SwSt 1 and Vy 2-2 have fluxes

of�2% of Br�. We compare their observed ratios with predicted
values computed using different sets of atomic parameters (colli-
sion strengths and transition probabilities). There appear to be
some discrepancies between the predictions employing the most
recent parameters and the observed strengths of the near-infrared
lines, which belong to the 3G 3H multiplet. We estimate gas-
phase abundances of Fe++ for four objects, finding values com-
parable to those determined from optical emission [Fe iii] lines in
H ii regions and PNs. Some of the PNs show evidence for less
severe depletion of Fe into dust grains than is the case in the ISM.
This may be the result of partial dust destruction or less efficient
condensation during the dust formation phase. Additional and
higher S/N observations of [Fe iii] lines in PNs and H ii regions
with a range in ne will be helpful in testing the accuracy of the
atomic constants and improving their reliability as indicators of
density and dust-to-gas ratios for ionized nebulae.

This paper is based on data taken at the McDonald Ob-
servatory of the University of Texas at Austin. We are grateful
for the tireless assistance of the McDonald observing support
staff. We acknowledge the contributions of former University of
Wisconsin–Eau Claire students Jessica Bruch, for pursuing the
analysis of the iron line data, and Paul R. Martin, for assistance
with the data reduction. B. Draine provided helpful advice and
theoretical results on H2 line ratios in PDRs. O. DeMarco kindly
shared additional details on the infrared spectrum of SwSt 1. We
also acknowledge helpful discussions with N. C. Sterling on the
analysis of the [Kr iii] and [Fe iii] lines and private communi-
cation with F. P. Keenan, who provided additional information
on the Fe iii level populations. This research was supported by
NSF grants AST 97-31156 and 04-06809 to H. L. D. and by
grants to L. L. from the Office of Research and Sponsored
Programs at the University of Wisconsin–Eau Claire. This re-
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