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ABSTRACT

The formation of massive stars may take place at relatively low accretion rates over a long period of time if
the accretion can continue past the onset of core hydrogen ignition. The accretion may continue despite the
formation of an ionized H ii region around the star if the H ii region is small enough that the gravitational
attraction of the star dominates the thermal pressure of the H ii region. The accretion may continue despite
radiation pressure acting against dust grains in the molecular gas if the momentum of the accretion flow is
sufficient to push the dust grains through a narrow zone of high dust opacity at the ionization boundary and
into the H ii region where the dust is sublimated. This model of massive star formation by continuing
accretion predicts a new class of gravitationally trapped, long-lived, hypercompact H ii regions. The
observational characteristics of the trapped hypercompact H ii regions can be predicted for comparison with
observations.

Subject headings: accretion, accretion disks — H ii regions — stars: formation

1. INTRODUCTION

The radiation of massive stars profoundly alters their
immediate environment by ionizing the surrounding inter-
stellar gas and exerting direct pressure on dust grains in the
gas. In the formation of a massive star, there is only a short
time, on the order of 104 yr, before a contracting massive
protostar begins core hydrogen burning and the stellar radi-
ation becomes significant. Thus, for accretion rates less than
10�2 M� yr�1, the outward forces of the thermal pressure of
the ionized gas and the radiation pressure on dust grains will
be competitive with the gravitational attraction of the star
during the accretion phase. If the effects of thermal and radi-
ation pressure are capable of reversing the accretion flow
within 104 yr, then the formation of massive stars by
accretion appears problematic.

Following previously suggested hypotheses as to how
accretion may proceed despite the effects of significant radi-
ation, this paper explores the possibility and consequences
of the formation of massive stars by accretion. In the con-
text of simple models with spherical geometry, the possibil-
ity of accretion through the thermal pressure of H ii regions
was discussed in Walmsley (1995) and Keto (2002a, 2002b,
hereafter K02a andK02b, respectively), and the possibilities
of accretion through radiation pressure were discussed in
Kahn (1974), Yorke (1984, 2001), and Wolfire & Cassinelli
(1987). The effects of massive accretion flows onto the pro-
tostars themselves have been studied in a series of papers by
Beech & Mitalas (1994), Bernasconi & Maeder (1996),
Meynet & Maeder (2000), Norberg & Maeder (2000), and
Behrend & Maeder (2001). In this paper, the relationships
between these hypotheses are explored in the search for a
consistent model for massive star formation.

This paper also examines some possibilities for observ-
ational confirmation of massive star formation by accretion.
In particular, the hypothesis of continuing accretion
through trapped H ii regions predicts a new class of stable,
long-lived, hypercompact (HC) H ii regions with specific
observable properties. Some approximations allow an easy

and accurate calculation of their expected free-free radio
continuum flux.

2. THE TRAPPED HYPERCOMPACT H ii REGIONS

2.1. Introduction

A recent theoretical study of the evolution of H ii regions
around newly formed stars (K02b) has found that if the
stellar gravitational potential is included in the equations
that describe the classical model for the pressure-driven
expansion of H ii regions (Spitzer 1978; Dyson & Williams
1980; Shu 1992), the gravitational force is dominant over
the thermal pressure at small scales. These calculations
show that a newly formed H ii region cannot expand hydro-
dynamically if its size is smaller than a critical radius
(r < GM=2c2) approximately where the escape velocity
from the star equals the sound speed, c, of the ionized gas.
The H ii region is then trapped by the gravitational field of
the star. Because the gravitational force is larger than the
pressure force, the molecular accretion flow responsible for
the formation of the star is not significantly impeded by the
thermal pressure of the trapped H ii region. Rather, the
molecular flow becomes ionized on passing through the ion-
ization front and continues on toward the star. As a result
of the continuing accretion, the star will either increase in
mass and temperature or more stars will form until the flux
of ionizing photons is high enough that the equilibrium
boundary of ionization is beyond the critical radius for
hydrodynamic expansion. At this point, the H ii region
begins a rapid transition to the evolution described by the
classical model of pressure-driven expansion. The beginning
of the expansion essentially ends the accretion flow through
the H ii region.

2.2. Size and Timescales of the TrappedH iiRegions

Approximate size and timescales can be derived for the
long-lived HC H ii regions using as a first approximation a
simple model for steady-state spherical accretion. In this
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model, a star of massMwith a flux of ionizing photonsNi is
at the center of a spherically symmetric, steady accretion
flow driven by the gravitational attraction of the star. The
self-gravity of the gas is ignored. The stellar radiation main-
tains an ionized H ii region around the star in equilibrium
with the recombination rate within the H ii region and the
mass flux of neutral gas through the H ii region boundary.
Both the neutral and ionized zones are assumed to be at con-
stant, albeit different, temperatures, and the equation of
state in both zones is assumed to be isothermal, with sound
speeds c1 and c2. With these assumptions, the accretion flow
is described by the Bernouilli equation (Bondi 1952; or
eq. [2] of K02b).

The maximum size of a trapped H ii region is set by the
critical radius, where the relative velocity of the static ion-
ization front and the inwardly accelerating molecular accre-
tion flow is equal to approximately twice the sound speed of
the ionized gas, 2c2. This critical point always occurs just
inside the sonic point, rc ¼ GM=2c22, of the ionized flow;
therefore, one can say approximately that the H ii region is
unable to expand unless the sound speed of the ionized gas
exceeds the escape velocity from the star. The sonic point is
then a first estimate of the maximum size of a trapped H ii

region for a star of a given mass (Table 1). If there is more
than one star in the H ii region, for example, a binary, the
maximum size of the H ii region will scale proportionally
with the total mass enclosed within the H ii region.

Since a trapped H ii region is unable to expand hydro-
dynamically, it will grow only as the flux of ionizing photons
from the star or stars at its center increases and the equili-
brium radius of ionization is found at increasingly larger
distances. The evolutionary timescale for the H ii region in
the trapped phase is then set by the rate at which the stars
gain mass. In the spherically symmetric model, the accretion
rate is

_MM ¼ 4��ðGMÞ2c�3
1 �1; ð1Þ

where � ¼ 1:12, c1 is the sound speed in the molecular gas,
and �1 is the mass density of the gas at infinity. Although
the solution for the accretion flow is found assuming a
steady state, if the star gains mass, the accretion rate will

change over time. However, as long as the mass does not
change more quickly than the accretion flow can adjust, the
steady-state approximation will be satisfactory. The time, t,
for the star to grow from an initial mass,Mi, to a final mass,
Mf , is

t ¼ c31
4��G2�1

�
1

Mi
� 1

Mf

�
; ð2Þ

or

tðMyrÞ ¼ 5:8� 104
1

n1ðcm�3Þ
1

MiðM�Þ
� 1

Mf ðM�Þ

� �
:

This simple analysis indicates that the maximum size scales
of the trapped H ii regions are on the order of 100 AU for
single stars or a few hundred AU for binaries andmultiplets,
and the minimum evolutionary timescales are 105 106 yr.

2.3. Evolution of the trappedH ii regions

In x 2.2, the size and timescales for the trapped H ii

regions assumed that the H ii region was at the maximum
size allowed in the trapped phase. The actual size of a
trapped H ii region will depend on the mass of the star, its
ionizing flux, and the density of the molecular gas. The loca-
tion of the ionization front is determined by the equation of
ionization equilibrium, which must be solved self-consis-
tently with the density and velocity profiles of the ionized
accretion flow set by the energy equation governing the flow
(x 3.1 of K02b). The equation of ionization equilibrium
yields three possible outcomes for any given set of model
parameters. First, if the ionizing flux is weak relative to the
accretion rate (NimH= _MM < 1), then there will be no H ii

region. This situation corresponds to a ‘‘ quenched ’’ H ii

region. Second, if the ionizing flux and the recombination
rate balance at some radius less than the critical radius, the
result is a trapped H ii region. Or last, if the ionizing flux is
strong enough that the radius of ionization equilibrium is
beyond the critical point, then the H ii region will be rapidly
expanding by thermal pressure. As a massive star at the cen-
ter of an accretion flow continues to gain mass, the ioniza-
tion equilibrium may pass through all the outcomes above,

TABLE 1

Parameters for Trapped H ii Regions

Spectral Type

Massa

(M�)

UV Fluxa

(log s�1)

Maximum

Radiusb

(AU)

Accretion

Timec

(Myr)

Accretion Rate

(10�4 M� yr�1)

B0.5 ............................ 18.4 47.90 49.5 0.0 0.47

B0 ............................... 19.5 48.16 52.5 0.02 0.53

09.5 ............................. 20.8 48.38 56.0 0.05 0.60

09................................ 22.1 48.56 59.4 0.06 0.68

O8.5 ............................ 23.6 48.72 63.5 0.09 0.77

O8............................... 25.1 48.87 67.5 0.10 0.88

O7.5 ............................ 26.9 49.00 72.4 0.12 1.01

O7............................... 28.8 49.12 77.5 0.14 1.15

O6.5 ............................ 30.8 49.23 82.9 0.16 1.32

O6............................... 33.1 49.34 89.0 0.17 1.52

O5.5 ............................ 35.5 49.43 95.5 0.19 1.75

O5............................... 38.1 49.53 102.5 0.20 2.01

a Vacca et al. 1996.
b Assumes a temperature ofT ¼ 104 K for the ionized gas and 25K for the molecular gas.
c The accretion times assume a number density at infinity of 1000 cm�3 (eq. [2]).
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as the flux of ionizing photons increases along with the tem-
perature and mass of the star. Tables 2–4 show a few cases
illustrating the evolution of an H ii region around single and
multiple stars.

Tables 2–4 show that depending on the surrounding
molecular density, the H ii region begins quenched, moves
into the stable, long-lived trapped phase, and finally moves
beyond the critical radius into the rapid expansion phase.
Because stellar growth ends once the H ii region enters the

expansion phase, the final stellar type is determined entirely
by the density of the molecular gas. At higher molecular
densities, the star will grow to larger mass because more ion-
izing radiation is required to move the boundary of the H ii

region beyond the critical point for expansion.
Table 2 illustrates the evolution of H ii regions around

single stars. In Table 3, the mass due to stars within the H ii

region has been doubled, as could be caused by a few
accompanying later type stars that add mass to the system
but do not increase the ionizing flux. (The separation of the
group is considered to be small enough that the gravita-
tional potential of the system on the scale of the trapped H ii

region is still essentially spherical.)Withmore mass, the crit-
ical point of the accretion flowmoves outward, and a higher
ionizing flux is required to end the evolution. In Table 4,
both the stellar mass and the ionizing flux have been
doubled, as might be the case, for example, with an equal-
mass binary. But because the ionizing flux of a star scales as
a high power of its mass, massive stars forming together will
have a lower flux-to-mass ratio than a single star of equiva-
lent mass. With a lower flux-to-mass ratio, a group of stars
will be able to continue accreting mass longer and will grow
to earlier spectral types before their surrounding trapped
H ii region begins the expansion phase. The trends in the
tables show that the conditions that favor the formation of
the most massive stars are high densities of molecular gas
and formation in binaries or multiplets.

Some caution must be used when interpreting the
numbers in the tables. Because the recombination rate scales
as the square of the density, and because the density
increases rapidly inward asymptotically approaching an
r�3=2 limit, the densities and the recombination rate become
very high near the stellar radius. However, it is possible in
real clouds that other effects could limit the increase in den-
sity at very small radii. If so, the molecular densities in
Tables 2–4 could be higher.

TABLE 2

Evolution of H ii Regions around Single Stars

Spectral

Type

n1 ¼ 150 cm�3

(AU)

n1 ¼ 200 cm�3

(AU)

n1 ¼ 250 cm�3

(AU)

B0.5 ............ 1 Q Q

B0 ............... 3 Q Q

09.5 ............. 10 1 Q

09................ 26 3 1

O8.5 ............ 46 5 1

O8............... 94 10 2

O7.5 ............ E 15 2

O7............... E 21 3

O6.5 ............ E 27 4

O6............... E 32 4

O5.5 ............ E 33 4

O5............... E 36 5

Notes.—Evolution of an H ii region around a single star that is accret-
ing mass and growing in spectral type. The numbers in the table indicate
the radius of the trapped H ii region around the star. The letter Q indi-
cates that the H ii region is quenched, meaning that there is no solution
for ionization equilibrium because the ionizing flux is too small compared
to the accretion rate. The letter E means that the H ii region is no longer
trapped but expanding. The growth of the star stops once the H ii region
begins expanding.

TABLE 3

Evolution of H ii Regions aroundMultiple Stars

Spectral Type

n1 ¼ 50 cm�3

(AU)

n1 ¼ 75 cm�3

(AU)

n1 ¼ 100 cm�3

(AU)

B0.5 ................. 1 Q Q

B0 .................... 5 Q Q

09.5 .................. 20 1 Q

09..................... 57 2 Q

O8.5 ................. 101 3 Q

O8.................... E 6 1

O7.5 ................. E 10 1

O7.................... E 14 2

O6.5 ................. E 18 2

O6.................... E 22 2

O5.5 ................. E 22 2

O5.................... E 25 2

Notes.—Evolution of an H ii region around a group of stars that is
accreting mass and growing in spectral type. The calculation assumes that
there are a number of later type stars with nonionizing radiation accom-
panying one massive star. In these examples, the combined mass of the
later type stars is set equal to the mass of the early-type star. In other
words, relative to Table 2, the mass has been doubled, but the ionizing flux
has remained the same. The numbers in the table indicate the radius of the
trapped H ii region around the star. The letter Q indicates that the H ii

region is quenched, meaning that there is no solution for ionization equili-
brium because the ionizing flux is too small compared to the accretion rate.
The letter E means that the H ii region is no longer trapped but expanding.
Relative to Table 2, the higher total mass allows the formation of
individual stars of higher mass in lower densities of molecular gas.

TABLE 4

Evolution of H ii Regions around Equal-Mass Binary Stars

Spectral Type

n1 ¼ 50 cm�3

(AU)

n1 ¼ 75 cm�3

(AU)

n1 ¼ 100 cm�3

(AU)

B0.5 ................. 16 1 Q

B0 .................... 83 3 Q

09.5 .................. E 11 1

09..................... E 37 3

O8.5 ................. E 72 5

O8.................... E 115 11

O7.5 ................. E 140 17

O7.................... E E 25

O6.5 ................. E E 33

O6.................... E E 41

O5.5 ................. E E 41

O5.................... E E 46

Notes.—Evolution of an H ii region around a pair of stars of equal
mass. Both stars are accreting mass and growing in spectral type. Relative
to Table 2, both the mass and the ionizing flux have been doubled. The
numbers in the table indicate the radius of the trapped H ii region around
the star. The letter Q indicates that the H ii region is quenched, meaning
that there is no solution for ionization equilibrium because the ionizing
flux is too small compared to the accretion rate. The letter E means that
the H ii region is no longer trapped but expanding. Relative to Table 2, the
higher mass and ionizing flux allow the formation of larger trapped
H ii regions.
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3. EVOLUTION OF THE STARS

Could a massive star of several tens of solar masses, with
amain-sequence lifetime on the order of 106 yr, accrete suffi-
cient mass before evolving off the main sequence if the accre-
tion rate were as low as those in Table 1 (10�5 to 10�4 M�
yr�1)? To estimate the effect of the continuing accretion on
the stars powering the trapped H ii regions, Alessandro
Chieffi (2003, private communication) ran numerical simu-
lations of the pre–main-sequence and main-sequence evolu-
tion of stars growing to early types with continuous input of
hydrogen at the stellar surface (see Chieffi, Straniero, &
Salaris 1995 and Limongi, Straniero, & Chieffi 2000 for the
method of simulation). Figure 1 shows three evolutionary
tracks of a 1 M� star evolving at accretion rates propor-
tional to the square of the stellar mass (eq. [1]) and values of
0.33, 1.0, and 3:0� 10�5 M� yr�1 at 13M�. Also plotted is
the evolution of a 1 M� star evolving to the main sequence
without accretion (D’Antona &Mazzitelli 1994). Both stars
follow an identical path for some time before the effects of
accretion cause a deviation toward increased luminosity.
The higher luminosity is the result of the larger radius of the
pre–main-sequence star that is, in turn, caused by the burn-
ing of fresh deuterium that is continuously supplied by the
accretion. The track of the accreting star remains above the
main sequence until it has accumulated around 2.5 M�.
Thereafter, it evolves directly up the zero-age main-
sequence (ZAMS) line with increasing luminosity and tem-
perature equivalent to the luminosities and temperatures of
nonaccreting ZAMS stars of progressively higher mass
(Schaller et al. 1992). The simulation shows that the mass
accretion rates in Table 1 supply fresh hydrogen at a suffi-
cient rate to keep the accreting star on the ZAMS line. In
other words, the star does not exhaust its supply of hydro-
gen and remains on the main sequence as long as the

accretion continues. Thus, relatively slow accretion is able
to build early-type stars of high mass.

This result is the same as that found earlier by Beech &
Mitalas (1994), Bernasconi & Maeder (1996), Meynet
& Maeder (2000), Norberg & Maeder (2000), and Behrend
& Maeder (2001) for higher accretion rates than those
considered in this paper. Two evolutionary tracks given by
Norberg & Maeder (2000) are plotted in Figure 1 for com-
parison. Compared to stars evolving with the lower accre-
tion rates of Table 1, these tracks deviate earlier from the
evolutionary track of a nonaccreting 1 M� star and join
the main sequence at higher masses. These higher rates
would require higher densities in the surrounding molecular
gas than those considered in the examples in Tables 1–4. To
achieve the rate in Norberg & Maeder (2000) of 10�5 M�
yr�1 onto a 1 M� star would require a density at infinity of
7� 104 cm�3, which implies a density of 5� 105 cm�3 at the
sonic point located at 0.42 pc, assuming a sound speed of
0.46 km s�1 (T ¼ 25 K). The implied high densities are cer-
tainly possible in high-mass star-forming regions, but as
illustrated in the tables, single stars in such dense surround-
ings would have difficulty in ionizing their H ii regions
beyond the critical radius required to initiate expansion of
the H ii region and halt the accretion flow. Thus, in such
dense cores, one might expect the formation of binaries or
small groups of high-mass stars.

Although the evolutionary tracks begin at 1M�, massive
stars are not likely to grow from such a low mass by Bondi
accretion, because the timescale would be too long. More
likely, the collapse of a dense molecular cloud core will
result in a star of some higher mass, for example, 10 M�,
that could then evolve to an earlier spectral type by
continuing accretion on a timescale of a million years or so.

4. RADIATION PRESSURE

Pressure on dust grains that absorb the radiation from
the star or stars in an H ii region and the radiation from any
shock at the base of an accretion flow where the flow
decelerates can be competitive with the gravitational attrac-
tion of the stars (Mestel 1954; Larson & Starrfield 1971;
Appenzeller & Tscharnuter 1974; Kahn 1974; Yorke &
Krugel 1977; Wolfire & Cassinelli 1987) One can derive a
limiting luminosity-to-mass ratio by balancing the outward
force of the radiation against the inward force of gravity,

L

M
¼ 4�cG

�
:

Assuming an extinction coefficient for interstellar dust,
� � 100 cm2 g�1 (Mathis, Rumpl, & Nordsieck 1977), the
maximum luminosity-to-mass ratio is about 2500 L�/M�, a
value that would be exceeded by an early B-type star. From
this simple argument, it would seem impossible to form a
massive star by accretion.

However, this simple argument may not be correct. Kahn
(1974) and Wolfire & Casinelli (1986, 1987) have pointed
out that the stellar radiation is absorbed in a thin boundary
layer that is found at the point in the accretion flow where
the gas temperature, which is increasing as the flow
approaches the star, reaches the sublimation temperature of
the dust. In front of this layer, the dust will be sublimated
and therefore not available to absorb the stellar radiation.
Behind this boundary layer, the radiation field that is

Fig. 1.—H-R diagram for massive stars forming by accretion. The
ZAMS line (solid line) is from Schaller et al. (1992). The three dashed lines
show the tracks of a star accreting mass at three different rates, each pro-
portional to the stellar mass squared, as suggested by the simple model of
x 2. The accretion rates are set to 0.33, 1.0, and 3:0� 10�5 M� yr�1 for a
stellar mass of 13M�. The evolution starts at 1M� and initially follows the
evolutionary track (solid line) of a nonaccreting star (D’Antona &
Mazzitelli 1994) before diverging to higher luminosity. The two thin dotted
lines (from Norberg & Maeder 2000) show the evolution of stars accreting
mass at a higher rate, 10�5 M� yr�1 for a stellar mass of 1 M�, and a rate
that increases as the 1.0 and 1.5 power of the stellar mass.
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reemitted by the dust will have the temperature of the dust,
not the star, and the radiation will be mostly in the infrared.
Because the opacity of the dust at infrared wavelengths is
orders of magnitude lower than at optical and shorter wave-
lengths (Krugel & Siebenmorgan 1994), the transfer of
momentum from the radiation to the dust will be much
lower. Thus, for most of the cloud, except within the absorb-
ing boundary layer, the infrared radiation passes through
the cloud without exerting much pressure on the dust. At
the boundary layer, where the radiation temperature is the
same as the stellar photospheric temperature, the opacity of
the dust is high, and the dust will absorb the full pressure of
the radiation. However, because the boundary layer is thin,
it is possible for the momentum of the accretion flow to push
the gas and dust through this boundary layer into the subli-
mation zone, where the dust is destroyed. This requires that
the momentum of the flow _MMv must be higher than the
momentum of the radiation given by the ratio of the
luminosity of the flow and the speed of light, L=C.

The minimum momentum required to overcome the radi-
ation pressure may be estimated if we know the radius at
which the dust sublimates and the velocity of the accretion
flow at that radius. The sublimation radius of the dust in a
continuing accretion flow may be assumed to be the ioniza-
tion boundary of the H ii region. The accretion flow speed is
then given by the Bernouilli equation for the molecular gas.
The minimum speed of the molecular flow at the boundary
of a trapped H ii region will be found when the H ii region
has reached its maximum trapped radius, approximately at
the sonic point of the ionized flow. At this radius, the molec-
ular gas has an infall velocity that is always twice the sound
speed of the ionized gas, and the minimum momentum of
the accretion flow onto an H ii region in the trapped phase is
the flow rate times twice the sound speed of the ionized gas,
_MM2c2.
Figure 2 compares the momentum of the radiation with

the momentum of the flow for different stellar masses.
The minimum accretion rate for the HC H ii model is
_MM > L=C2c2. The maximum rate in Figure 2 is the
Eddington luminosity, as a function of mass, where the
absorption is due to classical electron scattering. The mini-
mum and maximum accretion rates to overcome the radia-
tion pressure in the trapped HC H ii model bracket the
accretion rates suggested in this paper, as well as the higher
rate suggested by Norberg & Maeder (2000). The minimum
accretion rate suggested by Wolfire & Cassinelli (1987) is
also plotted and appears just below the minimum rate for
the HCH ii regions. The two estimates are almost the same,
except that the sublimation radius of Wolfire & Cassinelli
(1987), their equation (18), is calculated from more complex
considerations of the molecular gas temperature around
massive stars versus the sublimation temperature of grains,
whereas the sublimation radius for continuing accretion is
simply the ionization boundary of the H ii region. The trend
shown in Figure 2 illustrates that the accretion rate must
increase as some power of the stellar mass in the range of
1
2 to 2 in order to overcome the radiation pressure and form
stars of the highest mass.

While the accretion flows considered in this paper are
restricted to spherical geometries to simplify the analysis,
other studies that consider radiation pressure in nonspheri-
cal flows suggest that the effect on the inflowing gas is less
than in spherical geometries (Nakano 1989; Nakano,
Hasegawa, &Norman 1995; Jijina &Adams 1996).

5. OBSERVATIONAL PROPERTIES OF THE
HYPERCOMPACT H ii REGIONS

The trapped HC H ii regions have a specific density
structure, and it is possible to predict their observational
characteristics. Because they will be found deeply embedded
in the dense molecular gas of massive star-forming regions,
they will only be observable at long wavelengths from infra-
red to radio. Using some approximations, it is possible to
model the radio continuum emission of the trapped HCH ii

regions with very simple equations.

5.1. Approximate Densities and Velocities

The exact density profiles of the molecular and ionized
gas in a spherically symmetric accretion flow through a
trapped H ii region are found by solving the nonlinear
Bernouilli equation for the energy of the accretion flow
(eqs. [4] and [12] in K02b). However, because the accretion
flows are dominated by gravity at radii less than the sonic
point, rs ¼ GM=2c2, and by pressure at larger radii, approx-
imate densities can be obtained by using the free-fall density
profile inside the sonic point and the equation of hydrostatic
equilibrium outside the sonic point. If nrs is the density at
the sonic point, then at smaller radii

nðrÞ � nrsðrs=rÞ
1:5 ; ð3Þ

and at larger radii

nðrÞ � nrs exp

�
� 2

�
1� rs

r

��
: ð4Þ

(The hydrostatic equation appears different from that in
planetary atmospheres, because here the gravitational force
varies with radius as 1=r and is not assumed to be constant.)
With these approximations, the errors in density at 1/2,

Fig. 2.—Minimum and maximum accretion rates (solid lines) allowed by
the radiation of a high-mass star and accretion shock. The lower limit is set
by the requirement that the inward momentum of the accretion flow exceed
the outward momentum of the radiation from the star and accretion shock.
The upper limit on the accretion rate is set by the requirement that the lumi-
nosity of the star and shock be less than the Eddington luminosity of the
star. The numerical value for the cross section for electron scattering is
taken from Lamers (1986). An accretion rate suggested in this paper of
4:7� 10�5 M� yr�1 for an 18M� star, scaling asM2, and an accretion rate
suggested by Norberg & Maeder (2000), 10�5 M� yr�1 for a 1 M� star,
scaling as M1:5 (dotted lines), both fall within the allowed region. Also
plotted for reference is the minimum accretion rate suggested by Wolfire &
Cassinelli (1987; dashed line).
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1/10, and 1/100 times the sonic radius are 33%, 80%, and
190%, respectively. On the outside, at distances of 2, 3, and
4 times the sonic radius, the errors are 32%, 37%, and 39%,
respectively. Thus, if the sonic point for a molecular accre-
tion flow is located at 0.1 pc, then over a range of radii
0.001–0.4 pc the approximations are good to within a factor
of 2. The density at infinity that appears in the scaling for
the theoretical formulas is approximately e�2 times the
density at the sonic point.

A slightly better approximation to the density profile at
smaller radii can be obtained by multiplying the approxi-
mate density by

ffiffiffi
2

p
. This factor partially compensates for

the discrepancy between the approximate and exact solu-
tions near the sonic point, where the flow is still making a
transition from hydrostatic to free fall. Just inside the sonic
point, the approximate power-law solution initially falls off
too fast before becoming an excellent approximation, and
thus the correct densities are slightly higher than the
approximate densities throughout the H ii region. The fac-
tor of

ffiffiffi
2

p
is arbitrary, but over the size scales appropriate

for the trapped H ii regions, it is an improvement.
Since the accretion flow is steady state, the velocity at any

point in the accretion flow can be found from the density
profile using the equation of conservation and the fact that,
by definition, the velocity at the sonic point is the sound
speed

vðrÞ ¼ r2s nrsc

r2nðrÞ : ð5Þ

These estimates suffice for the flows that are entirely
within the ionized or molecular zones separately. For the
complete flow across the ionization boundary, it is possible
to derive a simple approximate solution for the case in
which the boundary is at the sonic point of the ionized flow.
At the maximum radius of an H ii region in the trapped
phase, because the sonic point is so close to the critical
point, it is possible to ignore the shock front that has already
begun to separate from the ionization front and treat the
H ii boundary as a simple stationary ionization front with
anR-critical jump (x 3.2 of K02b). In anR-critical jump, the
velocity of the ionized gas leaving the front will be equal to
its sound speed. Knowing the velocity of both the ionized
and molecular flows on either side of the boundary and
knowing the density of the molecular gas, it is possible to
derive the density of the ionized gas from the jump
condition:

�1v1 ¼ �2v2 : ð6Þ

Continuing the approximations, it is also possible to
determine the ionizing flux in equilibrium with the recombi-
nation rate within the H ii region, using the equation for the
radius of a Strömgren sphere (Spitzer 1978; or eq. [13] of
K02b),

Ni ¼ 4�

Z rs

r�
n2�r2 dr ; ð7Þ

but with a –3/2 power-law density profile, rather than the
constant density of the traditional Strömgren sphere. With
n � r�3=2,

Ni ¼ 4�r3s n
2
rs�½lnðrsÞ � lnðr�Þ� : ð8Þ

Here � is the recombination rate, about 3� 1013 cm�3 s�1,
and r� is the stellar radius. For the trapped H ii regions

considered in this paper, the error in this approximation of
the ionizing flux is about 50%.

As an example, consider a 40M� star with molecular and
ionized gas temperatures of 25 K (Wolfire & Churchwell
1994) and 10,000 K. The sound speeds, c1 and c2 are then
0.46 and 12.9 km s�1, and the sonic points of the two flows
are at rs1 ¼ 0:42 pc and rs2 ¼ 107 AU. Further assume a
molecular gas density of 740 cm�3 at rs1. (This implies a
number density at infinity that is about a factor of e�2 less,
or about 100 cm�3.) Since we know the molecular velocities
at rs1 and rs2, it is better to calculate the number density
using the conservation law than the other way around. The
number density of the molecular gas at rs2 is nðrs2Þ ¼
c1n1r

2
s1=2c2r

2
s2 ¼ 8:6� 106 cm�3. Since the velocity of the

ionized gas at the back of the R-critical front at rs2 is
the sound speed, the jump condition, 2n1v1 ¼ n2v2, yields
the density of the ionized gas at rs2, nðrs2Þ ¼ 3:4� 107 cm�3.
(The factor of 2 in the jump condition assumes that the neu-
tral gas is composed of molecular hydrogen.) The flux of
ionizing photons required for photoionization equilibrium
is then Ni ¼ 3� 1049, equivalent to the flux of an O5 star,
assuming a stellar radius of 11.8R�.

6. RADIO EMISSION OF OPTICALLY THICK
H ii REGIONS

Observational studies have detected compact sources of
weak radio continuum emission from the dense molecular
cloud cores that are thought to be the sites of massive star
formation. The compact radio continuum emission is
weaker than would be expected from optically thin ultra-
compact (UC) H ii regions, and its origin is not understood.
Several possible explanations have been suggested: dust in
the H ii regions may be absorbing ionizing photons; the
ionizing stars may not have reached the main sequence; the
ionization may derive from a cluster of less massive stars;
the H ii regions may be optically thick (Wood & Churchwell
1989b; Kurtz, Churchwell, &Wood 1994; Garay et al. 1993;
Keto et al. 1994; Miralles, Rodrı́guez, & Scalise 1994; Garay
& Lizano 1999; Carral et al. 1999, Molinari et al. 1998).
Because of their steep density gradients, the HCH ii regions
will always be optically thick through their central regions,
and their free-free emission could be the observed weak con-
tinuum. Using the models of x 2 for the trapped HC H ii

regions, the characteristics of the free-free emission from the
dense ionized gas in these sources can be predicted. The
radio free-free emission of a spherical H ii region seen as an
unresolved source is

S� ¼ 4�kTe�
2=c2

Z �0

0

�
�
1� e���

�
d� : ð9Þ

Here h is an angular coordinate on the plane of the sky,

� ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
x2 þ y2

p
=D ;

where coordinate axes x and y are centered on the H ii

region, �0 ¼ R0=D, R0 is the radius of the H ii region, andD
the distance to the source. An approximation to the free-free
optical depth is given by Altenhoff, Strittmatter, &Wendker
(1981) or equation (A.1a) ofMezger &Henderson (1967),

�� ¼ 8:235� 10�2

�
Te

K

��1:35�
�

GHz

��2:1�
EM

pc cm�6

�
;

ð10Þ
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where Te is the electron temperature and EM is the emission
measure, n2eL.

Figures 3, 4, and 5 show the radio continuum emission as
a function of frequency for three H ii regions of 107 AU
with different densities. For the gas density used in Figure 3,
the flux of ionizing photons required for equilibrium is
1049:3 s�1 and could be produced by a single O6 star whose
mass would be about 40 M� (Vacca, Garmany, & Shull
1996). Since the recombination rate scales as the square of
the density, the number of ionizing photons for the models
of Figures 4 and 5 are factors of 102 and 104 less than the
equilibrium flux of 1049:3 s�1 of Figure 3. The flux of Figure
5 is quite low, but correspondingly, the molecular density,
103 cm�3, consistent with the ionized density of the model in
Figure 5, is less than expected in a massive star-forming
region. Also plotted for comparison is the free-free radio
emission that the H ii region would have if it had a constant

density. The spectral indices of the two cases show that the
trapped H ii regions appear
optically thick at lower frequencies because of the higher
densities in their interiors. If one were to derive the electron
density from the continuum emission using assumptions of
constant density and optically thin emission, the constant
density assumption would overestimate the electron density,
while the optically thin assumption would underestimate. A
better procedure is outlined in the next section.

6.1. Approximate Fluxes for Partially ThickH iiRegions

If a spherical H ii region has a power-law density gra-
dient, then it will always be optically thin along lines of
sight, with large impact parameters that have shorter path
lengths and that pass through lower density gas. Con-
versely, it will always be optically thick along lines of sight
close enough to the center. The flux from such a partially
optically thick H ii region can be estimated by using the
optically thin approximation on lines of sight at large
impact parameters, where the optical depth is less than
unity, and the optically thick approximation on lines of
sight near the center. The approximate formulas provide an
easy way to predict the radio continuum emission from the
trapped HCH ii regions.

In the optically thin approximation, the brightness tem-
perature is proportional to the emission measure along the
line of sight. In a spherical H ii region, a line of sight at
impact parameter, b, will have an emission measure

EMðbÞ ¼ 2

Z Z0

0

n2eðrÞ dz ; ð11Þ

where Z2
0 ¼ R2

0 � b2, R0 is the radius of the H ii region, and
2Z0 is then the path length or chord along the line of sight at
impact parameter b. The Cartesian axes x; y; and z have
their origin at the center of the H ii region, with z along the
line of sight and x and y in the plane of the sky. If the elec-
tron density is nðrÞ ¼ n0ðR0=rÞ3=2, with n0 being the density
at the H ii region boundary, the emission measure is then

EMðbÞ ¼ 2R3
0n

2
0

Z Z0

0

ðb2 þ z2Þ�3=2 dz ; ð12Þ

Fig. 3.—Predicted spectral index of an HCH ii region with radius of 107
AU and an ionized density at the boundary of 2:5� 107 cm�3. This ionized
gas density would be consistent with a molecular gas density at the
boundary of 6:4� 105 cm�3 and a molecular density of 2:1� 104 cm�3 at
0.1 pc. The solid line shows the spectral index for an H ii region with an
r�3=2 density gradient, and the dashed line shows the spectral index for an
H ii region with constant density. Both H ii regions are optically thick at all
but the highest frequencies. The dotted line shows the predicted flux using
the optically thin approximation.

Fig. 4.—Predicted spectral index of an HC H ii region with radius of
107 AU and an ionized density at the boundary of 2:5� 106 cm�3, in the
same format as Fig. 3.

Fig. 5.—Predicted spectral index of an HC H ii region with radius of
107 AU and an ionized density at the boundary of 2:5� 105 cm�3, in the
same format as Fig. 3.
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which evaluates to

EMðbÞ ¼ 2R3
0n

2
0

Z0

b2ðb2 þ Z2
0Þ

1=2
: ð13Þ

Switching to angular coordinates, h, where D is the distance
to the source,

� ¼ b=D ;

�0 ¼ R0=D ;

EMð�Þ ¼ 2Dn20
�20
�2

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
�20 � �2

q
: ð14Þ

For optically thin emission, the brightness along the line
of sight is directly proportional to the emission measure
(eq. [6] ofMezger &Henderson 1967),

Tbð�Þ ¼ AFF EMð�Þ : ð15Þ

The factor AFF, assuming that the emission measure is in
units of pc cm�6, is

AFF ¼ 8:235� 10�2T�0:35
e

�
�

GHz

��2:1

: ð16Þ

For optically thick emission, the brightness temperature is
simply equal to the gas temperature.

The antenna temperature of an ideal antenna (assuming
uniform illumination and ignoring inefficiency) is

TA ¼ 1

�
2�

Z �0

0

�Tbð�Þ d� ; ð17Þ

where � is the solid angle subtended by the source. If �1 is
the impact parameter at which the optical depth along a line
of sight is unity, then using the equation for optically thin
emission for the contribution to the antenna temperature
from the part of the H ii region exterior to �1,

T thin
A ¼ AFF

1

�
2�

Z �0

�1

2Dn20
�20
�

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
�20 � �2

q
; ð18Þ

which evaluates to

T thin
A ¼ �4AFF Dn20

�
uþ �0

2
ln

�0 � u

�0 þ u

�
; ð19Þ

where

u ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
�20 � �21

q
:

The contribution to the antenna temperature from the thick
part of the disk, � < �1, using the equation for optically
thick emission, is

T thick
A ¼ 1

�
2�

Z �1

0

Te d� ; ð20Þ

which evaluates to

T thick
A ¼

�21
�20

Te : ð21Þ

The antenna temperature for the whole H ii region may be
approximated as

TA ¼ T thin
A þ T thick

A ; ð22Þ

or in terms of flux density,

S� ¼ 2kTA�c
2=�2 : ð23Þ

The value of �1 can be determined from the equation for
the optical depth of the free-free emission,

��ð�Þ ¼ AFF=Te2Dn20
�20
�2

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
�20 � �2

q
: ð24Þ

With �� ¼ 1, the solution is

�21 ¼ 2ðAFFDn20Þ
2 �1þ

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1þ �20ðAFFDn20Þ

�2
q� �

: ð25Þ

Table 5 lists fluxes determined by both this approximate
method with the approximate density profile of x 2.1 and
numerical calculation using the exact density profile as given
by the Bernouilli equation. The example H ii region in

TABLE 5

Radio Continuum Flux of the Trapped HC H ii Regions

Frequency

(GHz)

rð� ¼ 1ÞExacta
(AU)

rð� ¼ 1ÞApprox.b

(AU)

Exact Fluxa

(mJy)

Approx. Fluxc

(mJy)

Thin Fluxd

(mJy)

1.4.......................... 107.0e 107.0 0.06 0.06 256

5.0.......................... 107.0 107.0 0.7 0.7 226

15.0 ........................ 105.9 103.5 6 9 202

23.0 ........................ 101.6 92.8 13 19 194

44.0 ........................ 71.7 60.5 33 42 182

100.0 ...................... 26.7 27.7 63 64 167

230.0 ...................... 9.6 11.7 85 91 154

345.0 ...................... 5.9 7.7 93 102 148

690.0 ...................... 2.7 3.7 102 138 120

a Calculated numerically using the density profile as given by the solution of the Bernouilli equation.
b Radius where � ¼ 1 using approximate method of x 5.1.
c The approximate fluxes using the approximate model for trapped HC H ii region, as described in x 2.1, and the

approximate formula for the flux, as described in x 5.1. The ionized gas densities include the
ffiffiffi
2

p
correction.

d Flux calculated using the optically thin approximation.
e At low frequencies the H ii region is essentially optically thick everywhere.
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Table 5 has the same structure as that used to compute the
fluxes in Figure 3. Table 5 shows that the approximation is
correct to within 35%, whereas the optically thin
approximation, also shown in the table, is off by orders of
magnitude when the emission is partially optically thick.
Thus, derivations of the electron density and the number of
ionizing photons in small H ii regions with steep density
gradients may be in error, if the emission measure is deter-
mined using the optically thin approximation over the entire
H ii region.

7. BROAD RADIO RECOMBINATION LINES

Radio recombination lines observed in HC H ii regions
tend to be broader (50–180 km s�1) than those observed in
typical UC H ii regions (30 km s�1) (Altenhoff et al. 1981;
Zijlstra et al. 1990; Keto et al. 1995; Gaume, Fey, & Claussen
1994; Depree et al. 1994, 1996, 1997; Jaffe & Martı́n-Pintado
1999; K02a). The large line widths have generally been inter-
preted as evidence for high-velocity outflows. This is
certainly the case for some H ii regions, but the model for
continuing accretion offers another interpretation applicable
to those H ii regions that are in the trapped phase. In the
trapped HCH ii regions, the large recombination line widths
are due to a combination of pressure broadening and high
infall velocities in the steep density gradients and accelerating
accretion flows through the trappedH ii regions.

The lowest infall velocity in the ionized gas of a trapped
H ii region is the sound speed, and the ionized accretion flow
will attain this velocity at the ionization boundary when the
H ii region is at its maximum trapped size. At smaller radii
and for smaller H ii regions, the velocity scales inward as
approximately r�1=2. Thus, infall velocities of many times
the sound speed are realizable. The ratio of pressure broad-
ening to thermal broadening scales linearly with the electron
density and as the seventh power of principal quantum
number of the recombination line. At centimeter wave-
lengths the pressure broadening is equivalent to the thermal
line width at densities as low as 105 cm�3 (Keto et al. 1995),

D�p
D�th

¼ 1:2
ne

105 cm�3

�
N

92

�7

:

As the density increases inward even more steeply than the
velocity, pressure-broadened widths of many times the
sound speed are to be expected in HCH ii regions.

An interesting correlation between the spectral index of
the free-free radio continuum and the line width of the
H66� was noted in the HC H ii regions in the W49A star-
forming region (Depree et al. 1997). This correlation would
be expected if the recombination line widths had a compo-
nent due to pressure broadening, since both pressure broad-
ening and the spectral index are higher for high-density gas.
A lack of correlation between line width and electron den-
sity is also expected if the electron densities are calculated
assuming constant density and optically thin emission,
while the H ii regions do not meet these assumptions
because of steep density gradients.

8. THE LIFETIMES OF UC H ii REGION

An H ii region in the classical model for pressure-driven
evolution expands at approximately the sound speed of the
ionized gas, and the age of an expanding H ii region is

approximately equal to its radius divided by the sound
speed. Expanding UC H ii regions observed to have radii
less than 0.1 pc would then have dynamical ages of a few
thousand years. Such short ages are inconsistent with obser-
vations. Because the gravitationally trapped H ii regions
have much longer lifetimes, they potentially resolve a num-
ber of these observational problems. However, not all H ii

regions are gravitationally trapped, and this model will not
be appropriate for many observed H ii regions. In particu-
lar, H ii regions with cometary or arc-shaped morphologies
are likely to be rapid outflows, ‘‘ champagne ’’ flows, down
steep density gradients in the surrounding molecular gas
(Tenorio-Tagle 1979; Franco, Tenorio-Tagle &
Bodenheimer 1990; Keto et al. 1995; Shu et al. 2002). H ii

regions with irregular or shell-like morphologies are not
well explained but are unlikely candidates for trapping.

8.1. The Embedded Population

The number of H ii regions in the galaxy has been
estimated by Wood & Churchwell (1989a, 1989b), who
identified embedded H ii regions by a combination of char-
acteristic infrared colors and fluxes in the IRAS database
(infrared luminosities greater than 104 L� and colors
25 lm=12 lm > 3:7 and 60 lm=12 lm > 19:3). They found
1717 such sources and, by comparison to the population of
visible O stars, determined that O stars spend 10%–20% of
their lifetime deeply embedded in the molecular clouds. This
implies a lifetime for the embedded phase of 105 yr or more,
incompatible with the 103 yr dynamical timescale of a pres-
sure-driven H ii region, but consistent with the expected
timescale of a trapped HCH ii region that is slowly growing
on an accretion timescale. Many of theWood & Churchwell
IRAS sources may be embedded, trapped HCH ii regions.

8.2. Timescales for Formation in Clusters

Continuum observations of massive star-forming regions
often show clusters of UCH ii regions, many with size scales
of 0.01–0.1 pc. The dynamical ages of these H ii regions in
pressure-driven expansion of 103–104 yr are significantly
shorter than the gravitational free-fall time (105 yr) for
molecular gas with a density typical of massive star-forming
regions of 105 cm�3. The short ages implied by the model
for pressure-driven expansion raise the question of how the
stars powering these H ii regions could have formed simul-
taneously with a spread in age that is only a fraction of the
free-fall time of the host molecular core (Ho, Klein, &
Haschick 1987). The gravitationally trapped HC H ii

regions resolve this problem because their lifetimes are tied
directly to the accretion timescale of the stars.

8.3. Timescales for Expansion in Clusters

The presence of multiple UC H ii regions in clusters indi-
cates that most of the individual H ii regions in a cluster can-
not be rapidly expanding. Some of these UC H ii regions,
despite their relatively large sizes, may be gravitationally
trapped by a small group of stars. For example, an H ii

region that has a size of 0.01 pc could be trapped by a total
stellar mass of 800M�. The H ii region G10.6–0.4 (K02a) is
an example of a UC H ii region gravitationally trapped by a
small group of stars whose combined mass totals several
hundred M�. In other cases, what appears to be a UC H ii

region may really be an unresolved group of HC H ii

regions, each of which is small enough to be trapped by a
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single star or binary. These individual HC H ii regions only
become distinct when viewed at sufficiently high angular
resolution. Examples in the literature include the massive
star-forming clusters Sgr B2 (Gaume et al. 1995) and W49
(Depree et al. 1997). Figures 1, 2, and 4 in Gaume et al.
(1995) show that in Sgr B2, a fewUCH ii regions with appa-
rent diameters of 0.1–0.2 pc seen in a centimeter continuum
image at an angular resolution of 2>5 pc are resolved into
about 50 HCH ii regions with sizes less than 5000 AU when
observed at 10 times better resolution. Furthermore, the
individual H ii regions seen at the higher angular resolution
may themselves be composed of still smaller H ii regions.
The kiloparsec distances of most massive star-forming
regions makes it difficult to determine the true size scales of
the individual H ii regions in a cluster.

9. H ii REGIONS THAT ARE NOT TRAPPED

HC and UCH ii regions may, in general, be in a variety of
dynamical states. For example, Tables 2–4 illustrate that the
state of an H ii region depends sensitively on the density of
the surrounding molecular gas, but this model is predicated
on a particular and idealized density profile that will not be
found in real molecular cores. If a massive star forms in a
molecular core that, for whatever reason, has a density gra-
dient steeper than r�3=2, ionization equilibrium is not possible
(Franco et al. 1990), and a continuous-gradient version of the
champagne outflow will result (Tenorio-Tagle 1979; Keto
et al. 1995; Shu et al. 2002; Lizano et al. 2003). Thus, not all
HC H ii will go through a trapped phase. Conversely, the
trapped phase is not necessarily restricted to HCH ii regions.
Trapped UC H ii regions may form around a tight cluster of
early stars whose combined mass is sufficient to establish a
sonic point relatively far from the cluster (K02a).

The morphology of an H ii region can offer some guidance
to the dynamical state. For example, H ii regions that are
cometary or shell-like in shape are unlikely to be trapped.
The cometary morphology is suggestive of expansion down a
steep density gradient, while the shell morphology implies a
density structure that is the result of other outward forces,
such as stellar winds. However, the dynamics within or out-
side a trapped H ii region need not be strictly symmetric,
because the confinement due to the gravitational force of the
stars is inherently hydrodynamically stable. For example,

because of this stability, it should be possible for a trapped
H ii region to coexist with other phenomena, such as an
accretion disk or bipolar outflow. Nevertheless, the most
likely morphology of a trapped H ii region would be roughly
spherical and centrally bright.

10. CONCLUSIONS

It is possible to form high-mass stars by accretion, despite
the thermal and radiation pressure created by the radiation
of the high-mass stars and the radiation from the shock at
the base of the star-forming accretion flow. Accretion can
continue past the time of formation of an H ii region around
a newly formed star if the equilibrium radius of ionization is
small enough that the escape velocity from the star exceeds
the sound speed of the ionized gas at the H ii region boun-
dary. Radiation pressure will not reverse a star-forming
accretion flow if the momentum of the flow at the H ii region
boundary exceeds the momentum of the radiation. In this
case, the dust grains are pushed through the ionization
boundary and sublimated.

ZAMS stars within the trapped H ii regions may grow to
higher masses and earlier spectral types by continuing accre-
tion through the H ii region. The evolutionary path of the
accreting stars follows directly up the ZAMS line.

The final mass that a star attains within a trapped H ii

region will depend on the density of the surrounding molec-
ular gas. The conditions that favor the formation of the
most massive stars are high densities in the surrounding
molecular gas and formation with one or more partners in a
binary or multiplet.

The radio free-free emission of the trapped HC H ii

regions will always be optically thick through the center of
the H ii region. High optical depth and small size ensure that
the radio emission will be relatively weak.

A newly formed H ii region cannot expand hydro-
dynamically if the ionization boundary is less than the
distance from the star where the escape velocity equals the
sound speed of the ionized gas. The long-lived, gravitation-
ally trapped phase addresses the difficulties imposed by the
model for the pressure-driven expansion of H ii regions that
predicts impossibly short lifetimes for HC and UC H ii

regions.
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ERRATUM: ‘‘THE HUBBLE HIGHER z SUPERNOVA SEARCH: SUPERNOVAE TO z � 1.6
AND CONSTRAINTS ON TYPE Ia PROGENITOR MODELS’’ (ApJ, 613, 200 [2004])

Louis-Gregory Strolger, Adam G. Riess, Tomas Dahlen, Mario Livio, Nino Panagia, Peter Challis, John L. Tonry,

Alexei V. Filippenko, Ryan Chornock, Henry Ferguson, Anton Koekemoer, Bahram Mobasher, Mark Dickinson,

Mauro Giavalisco, Stefano Casertano, Richard Hook, Stephane Bondin, Bruno Leibundgut, Mario Nonino,

Piero Rosati, Hyron Spinrad, Charles C. Steidel, Daniel Stern, Peter M. Garnavich, Thomas Matheson,

Norman Grogin, Ann Hornschemeier, Claudia Kretchmer, Victoria G. Laidler, Kyoungsoo Lee,

Ray Lucas, Duilia de Mello, Leonidas A. Moustakas, Swara Ravindranath,

Marin Richardson, and Edward Taylor

We have found an error in our rate calculation, modest in size, due to a computational error in the volume of shells with radius z.
This error was �20% in size; after fixing it, we get the new results described here.

We have recalculated the maximum likelihood values for each of the tested models, and the results are very encouraging. In the
narrow Gaussian model, the maximum likelihood value for the mean delay time of SNe Ia has decreased, but remains large, with
� ¼ 3:4Gyr (see Fig. E1). In the revised Table 3 we show the maximum likelihood values of � for each tested model. We also show the
range in � that contains 95% of the most likely values for �.

The updated version of Figure 12 given here shows the Bayesian probability distributions for each of the tested models. As can be
seen, e-folding models still prefer long folding times, of at least 1 Gyr but with a preference for folding times greater than 2–3 Gyr.
However, these models predict that SNe Ia are just as likely to be prompt (<1 Gyr delays) as they are to have long, 10 Gyr delay times.
Such models produce poorer fits to the observed redshift distributions than the Gaussian models, primarily because they require a
higher fraction of SNe Ia at very high redshifts (zk1:4) than were observed (see revised Fig. 14 given here). It is still the case that we
find our narrow Gaussian model gives the best fit to the observations, now with a mean of 3.4 Gyr. This still implies that SNe Ia stem
from single degenerate systems with low-mass companion stars.

Finally, there is a typographical error in the expression of the volume shown in the manuscript. The volume at redshift z is V (z) ¼
(4�/3)½Dp(z)�3 ¼ (4�/3)(1þ z)�3½DL(z)�3, whereDp(z) is the proper motion distance, andDL(z) is the luminosity distance to redshift z.
The correct form of the equation has always been used in the calculations.

We thank Francisco Forster, Christian Wolfe, and Philipp Podsiadlowski of Oxford University for pointing out these errors in the
manuscript.

Fig. E1.—Comparison of the corrected calculations to those done in the original manuscript.Upper panel: The correctly predicted SN Ia redshift distribution for the
narrowGaussian delay timemodel (with � ¼ 4:0Gyr) convolved with theM1 SFR(z) is shown (solid line) in comparison to the erroneous calculation of the samemodel
(dashed line). Also shown is the observed redshift distribution of SNe Ia, in bins of�z ¼ 0:2. Lower panel: The correctly predicted relative Bayesian probabilities for
the narrow Gaussian model for all values of � (solid line) compared to the previous calculation (dashed line).
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TABLE 3

Recalculated Likelihood Statistics

Statistic SFR Model e-folding e-folding w/MCO G (� , 0.5�) G (� , 0.2�)

Maximum likelihood � ....... M1 5.4 4.4 3.0 3.4

M2 2.8 2.6 2.4 2.6

95% Interval � .................... M1 >1.6 >1.6 0.2–6.6 1.0–4.4

M2 >1.0 0.8–10 0.2–4.8 0.4–3.6

Note.—95% intervals are for the range of most probable values of � that encompass 95% of the total probability, within
a given model. Values are given in Gyr.

Fig. 12.—Probability distributions for the e-folding (top panels, shown with and without metallicity cutoff ), wide Gaussian (middle panels), and narrow Gaussian
(bottom panels) models shown as a function of � for the M1 (left panels) and M2 (right panels) SFR histories. This figure replaces Figure 12 of the original manuscript.



Fig. 14.—Predicted number distributions of SNe Ia for each model for selected values of � . The solid line is for theM1 SFR(z), and the dash-dotted line is for the M2
model. The dotted line shows the control time (or survey efficiency, scaled) with redshift. The systematic effects on the control time are shown in the top left panel (black
points). These predicted distributions are compared to the observed redshift distribution of SNe Ia, in bins of �z ¼ 0:2. This figure replaces Figure 14 of the original
manuscript.


